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Lecture | Preliminaries

Course Description: quantitativeastronomy. Emphasis on the “why” and the “how” rather than
just the “what.” There will be some math(!) and physics. Ehill be no calculus.

If you don’t want that, look at ASTRON 103. If you want a labkésASTRON 104. Here we will
cover:

e Celestial mechanics

e The nature of light and its interaction with matter
e Telescopes

e The structure and evolution of single stars

e The evolution of binary stars

e The end-products of stellar evolution

e The Solar System

e Extra-solar planets

e Galaxies & quasars

e Expansion of the universe & dark matter

e The big bang

The textbook will be KutnerAstronomy: A Physical Perspective

Evaluation will be:

o Weekly problem sets (50%), with the best 10 of 11 counting.
e Midterm exam (20%)

e Final exam (30%)

.2 Setthe Stage

Astrophysics mostly starts next lecture.
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1.3 Physics Synopsis

The level of physics and math that you are expected to beitamith (but not necessarily know
in detall) is:

Newton’s Laws : most importantly/’ = ma

Kinetic Energy : K = smu?

Gravitation : F' = G M, M,/r* (on the surface of the Eartl; = gm)

Potential Energy : U = —G M, M, /r (from gravity; on the surface of the Eartti,= gmh)
Centripetal Acceleration : a = v?/r

Ideal Gas Law : PV = NRT

Circumference of a Circle : 2zr

Area of Circle : 7r?

Surface Area of a Sphere: 4712

Volume of a Sphere: 3r?

Radians : 180° = rradiansgin(r/2) = 1, sinm = 0, etc.

Small Angles : sinz ~ x for = very small and measured in radians. Alsenz ~ z, and
cosx ~ 1 (draw these

Scientific notation : A x 10 - B x 10° = (AB) x 10%**

[.3.1 Calculus

Not required. However, it is in the bookon’t Panic! If you see:

dx
dt

[tz

or

just read around it. Or ask questions.

.3.2 Greek

If | use a symbol you don’t recognize or can’t reagk!
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.4 Precision

We often do not know things very precisely. So we bwsand~ and related symbols~ is for
when we know something tan order of magnitude So we if we know thatr ~ 5, we know
that  is betweens/3 and5 * 3, where3 is roughly v/10. This means that the possible range
for x is in total a factor of 10. We will also sometimes useto meanscales as For example,

if you were to estimate the height of a person as a functiomeif tweight (for a wide range of
people), you might expect that as you double the weight, #ight changes bg'/?. We could
write height-weight/?. There will be a lot of variation, but this is roughly correct

~ means more precision. It doesn’t necessarily have an egdicittbn. But generally, if we say
x =~ 5, that means that is probably OK bug® is probably not.

Finally, we havex, which meangproportional ta This is more precise that tlezales asise of
~. So while for a person heigkiveight/? is OK, for a sphere (where we know that volume is
47 /3r®) we could write volumex 3: we take this as correct, but leave off the constatg § in
this case).

1.4.1 Order of Magnitude Problems

There are many problems — in Astronomy, Physics, or Life —nehee know only the basics.
But we want to estimate something. So we do an “order of mag@itastimate (also known as a
“Fermi problem”: seéhttp: // en. w ki pedi a. org/wi ki / Fer mi _pr obl en). Basically,
we want to know whether something is 1, 10, or 100, but we doccact whether it is 20 or 30.
These make heavy use of thesymbol. We will come back to these.

1.4.2 Small Angles

For small angle#, sinf ~ tanf ~ 6 andcosf ~ 1. We need to be in radians. But we also
often deal with fractions of a circle. A circle h&s0°. We break each degree into 60 minute
(or arcminute: 1° = 60’. And each arcminute into 60 seconds é&cseconds 1’ = 60", so

1° = 3600”. But we also know tha?r radians is360°, so we can convert between radians and
arcsec. This will come up frequently? = 360 x 3600/27 ~ 1/206265 radians.

1.5 Example Problem

Consider all of the people on the UWM campus:

e How much do all of the people on the UWM campus weigh?
e How many buses would you need to transport them all?

o If they all jumped in to Lake Michigan, how much would the watvel change (numbers:
300 miles long by 118 miles wide, average depth 279 feetmeli180 cubic miles)? What
about all of the people in the world?
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— 30,000 people, 60 kg each, 1,800,000 or 1860 m
— 5 x 102m?

— So answeris 0

— for whole world answer is 1 cm (400,000,000 total).
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Lecture Il Celestial Sizes, Distances, and Coordinates

[1.L1.1 Units

Astronomy emphasizasatural units (© is for the Sung is for the Earth):

o M, =2 x 103 kg (solar mass)
e R, =T x 108 m (solar radius)
e M, = 6 x 10%! kg (earth mass)

Lo = 4 x 10*® W (solar luminosity or power)

light year= 10'® m: thedistancelight travels in one year (moving at= 3 x 108ms™1)

parsec = parallax second (we will understand this later) = pc< 101 m

Astronomical Unit = AU =1.5 x 10! m (distance between earth and sun)

And then we use usual metric-style prefixes to get thingske Mpc, etc.

[1.2 Distances

Kutner 2.6.

How far away/big are things? Use meter stick to draw cenemeteter, 10 meters.

Chicago : 144 km

circumference of Earth : 40,000 km

distance to Moon : 380,000 km

distance to Sun: 1.5 x 10" m=1AU

solar system (orbit of Neptune): 30 AU in radius
Oort cloud : 50,000 AU

Nearest star (Proxima Centauri): 1.29 pc4x 10'®m
Center of Milky Way : 8.5kpc =2.6 x 102 m

Andromeda Galaxy : 0.6 Mpc =1.8 x 102 m
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and so on. There ia lot of empty spade

How do we measure distances to starB#st step: parallax = geometrytan = 1AU/d —
d = 1 AU tan #. But stars are very far away, 8as very small. Again, i/ in radianstan 6 ~ 6 so
d ~ 1 AU# (which putsd in AU too if 6 in radians).

But remember, 1radian i806265”. So if 6 is in arcsec nowd = 206265 AU(6/arcsec).
206265 AU has a special name: it is 1 parallax second or 1 péoséd pc or3 x 106 m).

How big is an arcsecond? For a quarter tabacross (diameter of 25 mm) need to be 5 km away.
And we can measure much smaller angles.

[1.2.1 Planetary Motion and the Copernican Model

Kutner, Chapter 22.

The geocentric model for the Universe is wrong. The Earttoistime center of the solar system,
the galaxy, the universe, etc. Partly this was uncovereditiir observations eétrograde motion
stars appear the same every night, but some objects (ofiggn bnes) move relative to the stars.
These are known gglanets(literally wanderers). Mostly the planets move from WesEtast.
Except when they don’t — then they go the other way, which liedaetrograde motion. This was
a 2000-year old puzzléars 1994 from Astron 103 week 3

In the geocentric view, it was complicated and elaborafscycle$. But the heliocentric view
(from Copernicus) has an elegant solution. Taking innensids faster (we’ll see why later), we
find retrograde motion happens occasionally for the plathetsare further out than the Earth.

We can then define two periods:

sidereal period (or sidereal time) is the period relative to the fixed backigiebstars. This is close
to (but not exactly the same) as a year.

synodic period is the time between when planets are closest together

and we can relate these by asking how long until the plane¢sup again. We define the angle
of the EarthWr, = 27t/ Py which goes around from 0 and one revolution happerns-atPs (0 in
radians). We can do the same for Vemiys= 27t/ Py. Py < Pg, S0fy goes faster. They line up
whenfg = 6y — 27 the2r is since Venus will have gone around one extra time. So wewrit

2nt 2wt 9

—_ = s

P Py
and can solve fot /t = 1/Py — 1/Pg, and we identifyt with the synodic period. For planets
outside the Earth’s orbit, the sign is opposite.

[1.2.2 Motion of the Earth

The Earth rotates around its axis once every 24 hours. Soheactis ther860°/24 = 15°.
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This rotation is what makes the Sun and the stars appear te awav the course of a day. The star
to which the Earth’s axis appears to point is the North Stata({#s): it's not a special star, we just
point near it. Because of “precession”, we point to differsars over the course of about 24,000
years.

This rotation can help you figure out how long you have (fomegke) until the Sun goes down:

e Your hand is roughly10° across when you hold your arm out

e Your finger is roughlyl® across

And then, just like all of the planets, the Earth goes arodmedSun. Each planet takes its own
time. For the Earth, this is 1 year.

[1.2.3 Seasons and the Changing Sky

The rotation axis of the Earth is tilte2B.5° to the plane of its orbit. This means that as the
Earth orbits around the Sun, the Sun appears to trace a p#ik sky. We call this thecliptic
(constellations in the ecliptic are the zodiac). The plaind® orbit extending out to infinity is the
ecliptic plane

During the nothern summer, the North pole of the Earth pdimtsards the Sun. This is roughly
June 21. On the northern winter solstice, what points tosvérd Sun? Seasons depend on what
hemisphere you are in.

solstice : roughly June (northern summer) or December (northernemintvhen the “sun stands
still.” Longest/shortest day. Flips in the southern hermee.

equinox : roughly March/September 21. When the night and day are ciléength.

Just like the equator on the Earth, we can extend it into thiesknake thecelestial equatarThis
divides the sky into northern & southern halves. We do theesthimg with the poles. The Sun
crosses the celestial equator twice per year, on the egesnox

winter (in north) : Sunis low in the sky, days short

summer (in north) : Sun is high in the sky, days long

spring/fall : in the middle.

11.2.3.1 Weather (Hot vs. Cold)

The Sun puts out energy at a roughly constant rate:It is changing the way that we receive this
energy that makes seasons. How does this work? Do we mowr ¢tosr further from the Sun?

ASTRON299/L&S 295 ALL 2011 8



Astron 299/L&S 295, Fall 2011 Lecture I1.3

NO!. This wouldn’t work since the northern Summer = southernt&ininstead we change the
area over which the Sun’s energy is spread.

Draw a circle perpendicular to the path of the Sun’s lightwagiteal m?. This defines dluxwhich

is power per areaF' = L/area. The total area over which the Sun'’s light is spread is tha afe

a sphereln R?, so at the Eartl, = L. /47 R? with R = 1 AU. When the Sun is high overhead
(summer), this power gets spread over a patch of the groutidtiaé same area. So each 1 of

the ground gets heated with the fill, of flux. This makes it hot. But in the winter the Sun is low
in the sky. So the circle that is perpendicular to the Sugistigets spread over a wide area on the
ground. So we still haveéy, of flux, but it gets spread over (for example) 2 of area. This means
that each patch of the ground gets heated by less power, wiakhs it colder.

1.3 How bright are stars?

Kutner 2.1
Historical method: magnitudes (messy and annoying, buitbases).

lower = brighter, higher = fainter. Used to ben = 1 is roughly the brightest. But now we have
quantified this on dogarithmic scale

e 2.5mag fainter = 1/10 the brightness
e 5.0 mag fainter = 1/100 the brightness
e 10mag fainter = 1/10,000 the brightness

We look at things from the Sum{ = —26.8, as it appears from the Earth)to ~ 30.

But remember that we are measuring how bright things appeaid would change if they were
closer/farther. We are essentially measufiog: energy per time per area. Or (energy per time)
per area. (energy per time) is the same as power, and we reghssiin Joules per second or
Watts. So we measure flux in Watts per area, or Wattsiger

If instead we look at total power put out (independent of vehgyu are) that ikuminosity L. L

is measured in Joules/s or W. How can we go between these?aTstiee of luminosityL, and
surround it by a sphere with radiua The flux isF' = L /47 R?, since the area of that sphere is
47 R?. This is theinverse square lavior fluxes, and it should be familiar (when you go away from
a lightbulb, it gets fainter, etc.).

Lo =4x10W = 1L,. R =1AU = 1.5 x 10" m. So the flux on the Earth, = 1300 W m 2.
In comparison, on Neptune & = 30 AU, the flux is 1/900 as much.

So we have magnitudes. How do we tie magnitudes (as a meddunighiness) to real fluxes?

[1.3.1 Absolute Magnitudes

=M=the apparent magnitude of a star if it were 10 pc away.
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From the definition of a magnitude, a change of 2.5 mag is affatt1l0 change irf’. So we can
take two magnitudes:; andm, and put them with two fluxes; and F5:

& — 10~ (m2=-m1)/2.5

The negative sign comes from having a lower magnitude meghtbr. Or:

Fy
my; —mg = —2.5log, I
2

To put in absolute magnitudes, we use the inverse squareflawl/4rd?. SoF, = L/4wd? and
Fy, = L/4wd3, and we divide:

B (di\7”

n-(2)

with dy = 10 pc. SoF}/Figpe = (d1/10 pe)~2. This is the same as:

Fy
FlOpc

— 10—(m1—]\/[)/2.5

we can work this through to findin — M = 5log,,(d/10 pc) which is known as thelistance
modulus how much being far away changes the apparent magnituderadthing.

So if we knowm and M, we can getd. Or if we knowm andd, can getM. FOr the Sun:
me = —26.83, ds, = 1 AU = 1/206265 pc. We get:M, = mq — 5log;,(d/10pc) = +4.74. This
is pretty modest compared to other stars (the Sun is onlynieahke by being close).

Knowing what), is, if we are then given the absolute magnitude of a star wecaulate its
flux and actual luminosity. That is because for two objecthasame distance (10 pc in this case)
the relation between magnitudes and fluxes can work withriosifies too. So we can say:

F = F®10—(]VI—M®)/2.5

L = L®10—(M—M®)/2-5

whereF;, is now the flux of the Sun as perceived from 10 pc away.
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Lecture Il Gravity & Celestial Mechanics

And finally some physics. Kutner 5.3, 5.4

Johannes Kepler: used data from Tycho Brahe to determinen3™la

1. Orbits are ellipses with the Sun at a focus. Semi-maj@ &xi, semi-minor axis i$. The
equation of an ellipse says that the distance from the plangsie Sun + the distance from
the planet to the other focus is a constant.

2. Planet-sun line traverses equal areas in equal tindeplér's 2nd law from Astron 103
week 3

3. P? = @3, with P the period of the orbit. For the Sun, this works within years and: in
AU.

[11.2  Elliptical Motion

aphelion= far from star,perihelion= close to star. Eccentricity between 0O (circle) and 1. We
find 0> = a*(1 — ¢?), with perihelion ata(1 — ¢) and aphelion at(1 + ¢). Planets have only
slightly eccentric orbits. For the Earth,= 0.0167. So maximum distance from Sun - average is
ae = 0.0167 AU ~ 400R4. This means a change in the solar flux of abtats.

[11.3 Newton’s Laws

1. Inertia

—

2. F=mad

3. ﬁ12 = —ﬁm

(hereF is a force, not a flux). Also have gravitatiof: = GMm/r?.

For a circular orbit of something with massaround something with magg that is not always the
sun, Kepler's third law saysP? « 72, but the constant of proportionality can chand®: = kr3.
Let's derivek. P = 27r /v, since it has to traverse a distarize. Putting this in gives us

47?2

5 = kr?
v

We need a centripetal fordé = muv?/r to keep the planet in orbitt' = GmM /r?. We put these
together and re-arrange to det= 472 /G M.
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l1l.4 Escape: Work and Energy

Potential energy/ = —GMm/r. It depends just on the start and stop points, not the path.
Kinetic energyK = 1/2muv?.

Total energyEl = K + U = 1/2mv* — GMm/r. Start atr, move away untib = 0 atr = occ.
K(o0) =0, U(c0) =0, S0E(c0) = 0. This will always be true (no external source of work), so
K = —U. We can writel /2mv* = GMm/r and get:

v =\/2GM/r = Vescape

is the escape speed. For the Earth this is 11 km/s: if you gddbt and point up, you will escape
the Earth’s gravity.

1.5 Consequences of Gravity
[11.5.1 Linear Momentum

If the net force on a system is 0, then momentum is conserved.

[11.5.2 Angular Momentum

is conserved also.

[11.5.3 Energy

is conserved also.

[11.6 2 Body Problem

This is more general than what we did before, and we no loreggrirerm < M. This applies to
binary stars, binary asteroids, black holes, planets Vgé&ccan write.

Since momentum is conserved, the two bodies will orbit themmon center of mass. The COM
can move, but it will move at a constant velocity. This is defisuch that:

miry = Mmaoro

Both stars must go around in the same time such that the limeebatthem always goes through
the COM:

271'7“1 271'7“2
P pum pum
U1 U2

(assuming circular motion). Of /v; = r5/v,. Combining these we get:

U1 r1 mo

V2 ) my
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We also have the force:
1Mo

(7’1 + T2)2
As before, this must be the force needed to keep an object ircalar orbit. So on object 1,
F =mv?/ry:

F=G

muvy o mms
1 N (7"1 -+ 7’2)2
Divide both sides byn;, and useP = 27r; /v;:
41?1y Gmay

Pz (r1 4+ 12)?

But we also defing? = r + o = r1(1 + ro/r1). With the ratio of the masses intead of radii:

R=ri(l+ ) = ~=(my +my)
mo mi
Put this in: 2R
/NG = (m1 + mg)PQ

This is Kepler’s third law! It's a bit more general than fosjla system like the Earth and the Sun.
We often writea instead ofRz.

The angular momentum is constant, and it can be useful. Ftr @ajectL; = mv,r; etc. So
overall:
L = myviry + mavary

But we knowm;r; = moyrs, SO We can write:

2rr 2rr
L:mlTl(U1+U2):m1T1< P1+ P2>

Substitute from beforer; = maR/(my + my):
B 27rm1m2R2
N (m1 + mg)P
We substitute for® from Kepler’s third law to get:

GR

L =mymyy| ————
mi1 +mao

[11.6.1 How to Use This?

A basic result that we will use over and over agaizid/ = a*(27/P)?. For circular systems,
v = /GM /a. Using the center-of-mass we can Writg/ a, = vy /vy = my/my, a1/a = v1 /v =
m2/M
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1.6.2 N >2

No general solution. Can be chaotic, not purely periodic,amded. E.g., Jupiter pertburbs the
orbit of the Earth, asteroids, comets, slingshots.

How high doesN get? Globular clusterN ~ 10°stars. Galaxy clusterN ~ 10° galaxies.
Universe:~ 10*! galaxies. Need big computers to get approximate solutions.
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Lecture IV Doppler Shifts and Waves

Kutner 2.2, 5.2

Light is a wave (and a particle). We talk about waves havingalemgth)\ and frequency: X\ is a
measure of how far before the wave repeats (in meters or amchiyequency is a measure of how
often it repeats (in units of Hz which is 1/s). They are redaty the speed of the wave, which for
lightis c:

c=\v

But, the wavelength that a light is emitted at is not the sami¢ iasabsorbed at. It can change
if there is relative motion toward or away from the light soeir We can this change the Doppler
shift, since it shifts the wavelength (or frequency). Asg@s the velocities ar& ¢, then:

AN X=X W

)\_0 N )\0 N C
So the shift isAX (A usually means change). So if something is moving away frotfv us 0),
then the wavelength gets longer. Since longer wavelengtheften associated with red, we call
this ared shift The opposite, when we go toward a lightsource, g shift

We can also use this in frequency, but the sign is opposighénifrequency means smaller wave-
length, so if the wavelength gets smallér < 0) the frequency gets higheA{ > 0):

Av  v—1y v

IZ0) 40 C
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Lecture V Extra Solar Planets

Kutner 27.5
This is just how to find them — we will return to talking abouetplanets themselves later.

How do we find planets around other stars?

e Take pictures? Stars are much brighter, so this is very hatdolugh it has been done
recently in some special cases).

e Main way: Newton

Take a planet in orbit with a star. Mostly the planet movesiadothe star, but since the mass of
the star is finite, it moves a bit too around the center of mags.. = v,m,, SOv, = v,(m,/m.).
Even thoughn, < m, (sov. < v,) itis still measureable, typically with velocities of a fews,
via Doppler shifts. We have planets that are similar to &upit, ~ Mjypiter ~ 1073 M.

Can also find via eclipses (transits). Here we see the dip It ighen a planet goes in front of
the star. The amount of light that is lostis(R,/R.)?, and sinc€ Ryupiter/ Re) ~ 0.1, the dip is
~ 1%.

And we can (rarely) see the wobble of the star back and fortinguhe orbit. Here we use
m.r. = m,ry,, Which gives a wobble ok 1”.
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Lecture VI Tides

Kutner 23.5

Gravity to date has been point masses (or perfect spheres).pdints — tidal forces— not
spheres. Tides are from differential forces across an tbjec

Consider two bits of a bigger thing.; andm, (m; = my) separated bAr. I}, = GMm, /r?.
Fy = GMmy/(r + Ar)? = F, + —2GMm/r3Ar. It's the extra bit that gives rise to tidal forces,
and thel /r® dependence is pretty general. In the Earth-Moon systentotakforce is what keeps
the orbit steady. But if you subtract off the forces on the eenf-mass you get the tides, which
make a bulge that points at the moon.

Another way to think about it: gravity balances centripetedeleratiorGMm /r? = v?/r = w?r

to make a stable orbit. But that is only true at the center ofsmta® close and gravity is stronger
(bits that are too close get even closer). Too far and gravityo weak, so bits that are too far get
farther. This makes bulges.

Tidal period =2 x forcing periods, from two bulges per rotation (toward an@gw Height of tides
from Sun~ that from Moon. With rotation of the Earth, get mostly serirdal (~ 12.4 h) tides
from P,,; = 24 h, which dominate in Atlantic. But some places hay diurnatgigcomplicated
interactions between water and gravity).

From the orbit of the moon get spring tides (when lunar lingesvith solar) and neap tides (when
they cancel out).

From the orbit of the earth get semi-annual tides, since ¢hergricity of the Earth is not quite 0.

Tides affect: atmosphere, roakcean

2G]\4moon Mmoon (REB ) ’

Hide ™ r3 He ~ 290 Mg r

But the tidal bulge does not fly away due to this extra accetaratinstead it makes a bit of
extra gravity from the extra mass to cancel it out. The bulge lheighth, with extra gravity
g ~ GMyyge/R%. We haveM,,,e =~ hR%p, which givesq’ ~ GMg/R3(h/Rs) ~ go(h/Re)
(we have use@R? ~ My). Settingg’ equal toagiqe, We findh/Re ~ 2(Mmoon/Me ) (Re /7).

The size of this bulge from the moon on the Earth is aldoat 2., ~ 60 cm. And about 25cm
from the Sun. The Earth on the moon is about 2 m. This is of tjie arder, although the details
are hard. For instance, in the Bay of Fundy, the tidal forciegqal is the same as the time it takes
for the water to slosh around. So you get a resonance, aniléseare really high (up to 9 m).

V1.2 Tidal Evolution

Water sloshes, loses energy (heat) — or generates elggtrici

Note that the Earth spins faster (24h) than the Moon’s og8tJ. Friction drags the tidal bulge
ahead of the moon. This leads to a net torque that slows doahawe. Conserving., the moon
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moves away I, « +/a). This also makes orbits more circular, as tides are stroioge > 0, and
synchronized (like the moon is now, with rotation periodtté tnoon equal to its orbital period).

We can measure: the moon mooves awayvaBi cm/yr. And the Earth day slows down at
0.0016 s/century. Note that the length of a day goes up, the lengthrabnth goes up, but the
number of days in a month goes down.

For Pluto+CharonpP,.;, = Ppluto = Ponaron = 6.4d, ande = 0. So this has already all happened
here.

Weird cases exist, like Mars. Its moon Phobos orbits faktar Mars rotates. So tides pull it in! It
will hit in about 50 Myr.

VI.3 Roche Limit

When do tides pull things apart? Simple answer:
Gm 2GMQ
RT3
where the thing being pulled apart has masssize R, and is held together only by gravity. We
takep = m/(4w/3R?) andp, = M,/ (47 /3R}). Equating the forces we get roughly:

1/3
r< 2\ (@) Ry
p

Could this have given us Saturn’s rings? They are inside suatias (known as thRoche Limit
so large moons would have been pulled apart.

R

VI.4 Tides and Black Holes

Tides are how black holes kill you. It's not that gravity itetrong, it’s that the difference in
gravity between different parts of you is too strong.
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Lecture VII Stars |

Kutner Chapter 9

What is a star?

e Big ball of gas

e Self-gravity— need high pressure inside to support against collapse
e high pressure- highT inside (basic gas physics)

e highT — emit light

A star’s life is a long, losing battle with gravity.

Gravity pulls the parts of the stars in. Why do they not fall? &ese pressure pushes them out.
Which leads to highl", so the star loses energy. This means we need an energy solesp the
star shining. What is that? Gravity? Chemistry? Fission?dafsi

VII.2 What supports against gravity?

Let us consider:

1. What if there were no support?
2. What provides the support?

3. How much support is necessary?

If the star is sphericaly, = GM(r)/r* whereM (r) is the amount of mass contained within
This is independent gf(r), and the matter outsidedoes not matter.

VII.2.1 What if there were no support?

This is relevant for star formation, supernovae. We havegthifall inward with radial velocity

v, and acceleration, = —GM (r)/r?. The material falls toward the center takingrae-fall
timescaleg:
To Uy To GMO
|UT|N_>GTN_N_2N 2
tff tff tff Ty

From this we can solva; ~ +/r3 /G My ~ /1/Gpo, Wherepy ~ My/rd is the mean density. We
identify this free-fall timescale as th#ynamical time If you do out the math in detail (keeping

factors of4r /3 etc.), you find:
3m 1
tg =1\/ ==
32 vV Gpo
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So the time for collapse only depends on the density, notitiee s

Object r M p tdyn

Earth 6x10°m 107° M, 5.5g/cnt ~ 10min
Jupiter 7x10"m 1073 M, 1.3 g/cnmt ~ 10 min
Sun 7x 108 m 1M, 1.4g/cnt ~ 10min

White Dwarf 7 x 10°m 1M,  1.4x10°g/cm? 3s
Neutron Star  10*m 1.4M, 7x10%g/lcm®  0.1ms

VII.2.2 Support comes from gas pressure

Pressure: resists compression. This comes from the kiee&ingy of the gas particles. You can
think of them each exerting a little force when they boundeha walls of a box.

Pressure is force/area. In stars, most of the gas idesi gas which means that the particles are
all independent of each other. In the kinetic theory of idgedes, the kinetic energy per particle is
3/2kpT (wherekg is Boltzmann’s constant). This is an average. It is both amamesover time
for 1 particle and an average over all particles at one timemRhis we can derive the ideal gas
law (in a slightly different form to what you might have searchemistry):

P = nkBT

n = N/V is the number density (units ane~3), the number of particled” per volumeV’.

Are there non-ideal gases? Yes, we will discuss later. Buetlaee gases where the particles are
correlated (the wavefunctions overlap). They can be:

1. Fermi gases, witl? = P(n) only (electrons, protonslegenerate gasgs

2. Bose gases, witk = P(T') only (photons)

But with ideal gases, we havé = nkgT. We can also write the number densityin terms of
the mass density (km/m?). Then we need to figure out how much the average particlehseig
n = p/umyg. Heremy is the mass of hydrogen, ands the mean molecular weight. If it's only
hydrogen, then, = 1. If it's helium, theny = 4. What if it is ionizedhydrogen? Then you have
protons and electrons in equal numbers. The protons have anas;, but the electrons have
much less mass. So the averagenis/2, which meang: = 0.5. But writing the ideal gas law this
way gives us:

_ pksT

Hmpgyg

P

VIl.2.3 How much support is needed?

Here we will deriveHydrostatic equilibium This supports fluid against gravity via a pressure
gradient We have the gravitational acceleratioy = (pAr A)g = ProttomA — PiopA. Cancelling
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A, we find Pop, = Poottom + AP = Poottom + (AP/Ar)Ar, or:

AP__
Ar Py

This is very general, and applies to stars as well as to athesep, oceans, etc. What is means is
that P increases as you go down/inward.

What can we do with this? In general we need to kngw) andg(r). But we can make some
simplifications. We assume that~ M/R? andg = GM (r)/r*. Then we get:

AP

e _p(T)GM(r)‘

r2

Furthermore, we will take an average over the whole stas tiference between the inside &
P.atr = 0) and the outside/{ = 0 atr = R). Sowe geAP/Ar ~ (0— F.)/(R—0) = —Pc/R,
with P, the central pressure. Put this in and you get:

GM?
P. =~ i

For the Sun this is close: it givé®'* N m~2, which is a bit of an underestimate. For reference, 1
atmosphere i$0° N m 2. Relations like these are very important for astronomy wiieeedetails
are hard but we can make general scaling relations betwéeredit quantities.

To go further, we can say that the pressure is related to thpdrature through the ideal gas
law, P < kpT. Putting in our approximate density we get= (M/R*kgT/umy, or kpT ~
GMumy/R. Again, the details are hard, but the general expressiafitha M /R is very useful.
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Lecture VIII Stellar Energy

Again, a star’s life is a long protracted (but losing) battigh gravity. What can balance it?
Fundamentally it is pressure, but what keeps the pressumg?o

VIIl.2 Virial Theorem

Due to Classius (1870). It concerns bound gravitationaksyst In essence, the long-term average
of kinetic energy isl /2 the average of the potential energy. These can each cometiffarent
places:

kinetic can be orbital (motion of blobs or stars) or thermal (randoatiom of particles)

For only orbital energy, that would be something like thetEdoon system. Only thermal would
be the insides of stars. Or there are situations with a coatibimlike elliptical galaxies and galaxy
clusters.

We denote average Ry. .). So the Virial theorem states:

This is a bound system, so we hai€ < 0. We can then look at the total energy) = (K)+(U),
and if we substitute we find:

VIIL.3  What Powers the Sun and How Long Will It Last?

Kutner 9.1.2, 9.1.3.

We take the Solar luminosity to biex 102¢ W, and try to find a way to get that amount of energy
out over a long time.

The first estimate was due to Lord Kelvin (1862, in Macmiltalfagazine). This estimate (known
now at the Kelvin-Helmholtz time k) was shown to be: 100 Myr. But Darwin said (at the time)
that fossils were at least 300 Myr old. So something weird g@eg on. Kelvin's estimate may
have been wrong by a bit, but it couldn’t be that bad. So thadetb be some unknown energy
source.

The lifespan of the Sun could be due to:

1. Chemical energy
2. Gravitational energy

3. Thermal energy (could it have just been a lot hotter in @)
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4. Fission?

The answers for all of these are no. Kelvin's estimate carextspecifically gravitational. Chem-
ical energy isn’'t enough, since we know about how much changinergy a given reaction can
release for a given amount of stuff. Same with fission.

VIII.3.1 Gravito-Thermal Collapse, or the Kelvin-Helmholt z Timescale

This ascribes the luminosity to the change in total enefgis change ink = K + U.
If you do this you get a timescale 6fy ~ 107 yr, which is>> tg:

E

tka ~ —

L
ButE ~ GM2/Rs ~ 10* J = 10" erg (1 J=107 erg).

That is because as collapse occlit,increases s& increases too. That heats up the star, which
slows down the collapse.

We can use the Virial theorem to get the central temperatud the Sun. We assume that the
center (the hottest/densest bit) dominaies
K~ S M
2 my
And K = —U/2, with U ~ —GM2/R.. So we findT. ~ GMymy/kgRe ~ 10" K. This is
pretty good (the real number is abdué x 107 K).
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Lecture IX To Make A Star

1. Support against gravity{ from HSE, E' from Virial theorem)
2. Source of energy: nuclear

We can exclude all forms of energy besides nuclear fusiom fpowering the Sun. How does
fusion work?

IX.2 Fusion

Kutner 9.3

What this boils down to i&Z = mc?: if you can get rid of a bit of mass, you liberate a lot of energy

atomic unit v = 1.66054 x 102" kg (mass of2C/12)

proton m, = 1.6726 x 10727kg =1.007u = 938.8 MeV/c?

neutron m,, = 1.6749 x 10~2"kg = 1.0087u

electron m, = 9.1 x 1073 kg =0.0055u

hydrogen my = 1.0078u = m, + m,, — electrostaticbindingenergy /2

He nucleus m, = 4.002u = 2m, + 2m,, — Am, with Am = 0.03u ~ 0.7% x (dmpg) ~
28 MeV /c?

So going from 4 protons to 1 He nucleusfarticle) releases 28 MeV. This is the energy released
by fusion.

We can think of the binding energy as the energy released weform something (a nucleus in
this case), or as the energy that is required to break songgetip.

'H:E,=0

‘He : E, = 28 MeV = 7.08 MeV/nucleon

160 : E, = 7.97 MeV/nucleon

Fe : B}, = 8.798 MeV/nucleon

28U : E, = 7.3MeV/nucleon

%Fe has the highest binding energy, so it's the most stabéamé&ts that are lighter or heavier are

less stable. This means that reactions would naturallyesspibghter elements together into Fe
(fusion) and break heavier elements apart (fission).
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IX.2.1 Basic Nuclear Physics
1. Binding Energy:4 X, with A the number of nucleons, aritithe number of protonsE), =
(Zmy + (A= Z)my — Mpye)

2. Strong force: binds nuclei together against Coulomb fedstatic) repulsion (since protons
are positively charged)

3. A < 56: strong force increases faster whénncreases than Coulomb forces, so a latder
leads to nuclei that are more bound.

4. A z 56: the opposite

So fusion builds nuclei up to Fe, while fission breaks themrmlow

IX.2.1.1 H—Fe

This gives about 9 MeV/nucleon. Going from H to He gets 7 (al®.7% ofmc?). Going to O
gets about 8 (0.8%). Going to Fe gets about 1%ef which is the most that fusion can do.

So for each proton you get 1%mc* ~ 10712J (which means that 1g of H could supply the
annual energy of an american).

Fusion in the Sun10~'2J x Mg /m,, ~ 103> GMZ2/Rs. tye ~ E/Ls ~ 10" yr, so the Sun
could shine for that long.

The actual lifespan is abow6'° yr (and it’s lived about half of that) for a few reasons:

e [ increases later in life
e Not all His burned

e It does not get hot enough to burn all the way to Fe

But it is clear that,,,. > txu > tayn
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Lecture X How to Power the Sun

The basics aré x! H —* He + 28 MeV, or releasing~ 7 MeV/A. But this has some problems.

X.1.2 Problem 1:

coulomb repulsion is strong. In order to have fusion you haverce together multiple hydrogen
nuclei. These are protons, and are all positively chargée. strong force can only overcome the
repulsion when the protons averyclose togethers 1fm= 10~ m (for comparison, an electron
orbits at10~!' m).

The classical(not quantum) solution to this is that protons get close fpgstause of their motion.
They are hot, so they zip around pretty quickly. Sometimey thill approach each other, and this
may happen. Can we tell how much?

The Coulomb potential isU/x = ﬁefz, and energy will be conserved when the protons ap-
proach. So if they are travelling fast far away, as they apginahe potential barrier they slow
down: .

§mpvgo + Uc(o0) = Ue(1 fm)

taking the limiting case that they have used all of their kmenergy to get close enough. This
gives us a requirement:
o, S e?
MpYoo = Arep(1 fm)

2
where we can also relafgn,v2, = 3kT. So we need

62

——  ~ 10K
6kpmep(1 fm)

T > Tclassical =

This is pretty hot, given that we knofli. ~ 107 K. So the center of the Sun is not hot enough to
sustain nuclear fusion!?

In fact, Arthur Eddington proposed nuclear energy as a paearce, but others thought stars
were not hot enough. Eddington said: “I am aware that manigsconsider the stars are not hot
enough. The critics lay themselves open to an obvious retertell them to go and find a hotter
place.”

In the end, Eddington was right!

X.1.3 Quantum Mechanics

The problem is that the temperature above wascthssicalresult, but quantum mechanics are
important here. In particular, we need to consider wavéigarduality and the Heisenberg un-
certainty principle: the size of a particle depends on itsmaotum. Classically you could think

of a particle at a certain place with velocity(and hence momentumwv); but in a quantum
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sense you need to consider that the particle’s positionlislarown to a de Broglie wavelength
Ap ~ h/p ~ h/mv, whereh is Planck’s constant.

When two particles are withing of each other, there is a finite probability that they willrinel”
to within 1 fm of each other (“tunneling” through the potextbarrier):

2 2 2
@ Le 1 1k
471'60)\3 2 /\B

Note that we have replaced 1 fm willz. We then get a constraint oy of:

Amegh?

~ 107" m =100 f
2e?m,, m o

A <

which is much bigger than the classical result. So we can B X¥Qrther away and still have
fusion. This gives us a much gentler requirement for the tzatpre as well:

3 1 1 h\?
CknT = —m 02 = -
o B = gl = o (AB)

4
mpye

1272etkph?

Which gives:

T > Tquantum ~ ~ 107 K

which is OK!

So fusion is possible becausemfantum tunnelingt 107 K for the Sun. But, ifA/ < 0.08 M,
then it cannot even get this hot and fusion is impossible.hQugects are failed stars known as
brown dwarfs

Quantum tunneling being possible does not mean that it avappens. The probability is
e~2mUe/ksT S for107 K, the probability is onlyl0~8 for any two protons, and it goes up to 1 for
10'° K. But there are enough protons and the fusion rate increaseklywith temperature that
you haveignition at 107 K.

X.1.4 How Often Do Protons Get Close Enough?

At the center of the Sun the density ss~ 100gcm™, so the mean separatidn~ n~'/3 is
~ 10~ m which is>> \g. To have fusion witht x' H —* He we need 4 protons to get very close
together, which is hard.

This reaction is not one that needs 4 protons at once, butattisally a sequence of 2-body
reactions. At “low” temperatures it is th@oton-protonchain (p-p chain), which at “higher tem-
peratures” there is thearbon-nitrogen-oxyge(CNO) chain. This does not burn CNO, but uses
them as catalysts.

For later fusion reactions to build heavier elements, tgadr charges on the nuclei (more protons)
need higher temperatures to get close enough. For instanfitsse He need(0® K. Others need
close to10? K. These will happen after the central H has been consumed.
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X.1.4.1 p-pchain
The main sequence in the Sun. The net reaction is:
4'H —* He + 2e™ + 2u, + 2y

Which is actually:

"H4+'H — 2H4e" 4+,
"H4+'H — 2H4e" 4+,
'H+'H — °*He+y
H+'H — 3He+~
He +*He — “He+2'H
X.1.4.2 CNO chain
For more massive stars:
12C +1 H _ 13N 4 f)/
BC+'H — "N+q
14N +1 H _ 150 4 ,y
By o BN et 4+ v,
N+'H — C+'He

Notice that the CNO all stay the same throughout: anythingisharoduced is consumed and vice
versa.
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Lecture XI The Nucleus

We want to explain the binding energysin = Zm,, + (A — Z)m,, — E},/c*, where the nucleus has
Z protons andd — Z neutrons, for a total numbet nucleons.

XI.2 The Liquid Drop Model

2(Z-1)  (A-22)?

~ _ 2/3 _ —
EB ~ avA (ISA ac A1/3 aA A

+8(A, Z)

Let’s look at each term:

ay A : this is a volume term, since for constant density nuclebesvblume will bexx A. This
covers the binding due to eht strong force, whichist

asA?® : this is a surface term. For a volume A, the surface area will be: A%/3. It works as
a correction to the volume term since the nucleons near ttedeuwill have fewer other
nucleons to interact with.

ac% . this is the Coulomb term, showing the strength of electt@stapulsion which is

o 1/r ~ 1/AY3

—27)2

a,é <+  thisis an assymetry term, where nuclei with~ 27 are more bound

d(A, Z) : thisis a pairing term
Overall this makes stable nuclei with ~ A/2, and says that the most bound nuclei are near

A = 60. It is obviously a simplification, but it can be improved witre addition of ashell model
(like for electrons) and using empirical data to set theatggiconstants.
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Lecture XII Radiation

Astronomy is based (so far) on observing light from objeTtsis means we see photons (electro-
magnetic radiation). Which give us information about terapine, density, chemical composition,
etc.

We will discuss:

1. Diffusion and random walks
2. Blackbodies and temperature

3. Photospheres and energy transport

XIl.2 Photons

Kutner 2.2, 2.4

Photons are light particles, but they also behave as wawaeh jthoton has enerdy = hv (with v
the frequency in Hz) off = he) (with A the wavelength). This comes from the definitioa: Av.

We divide up the electromagnetic spectrum into wavelenggiions:

v-rays : A < 0.01nm

X-rays : 1nm— 10nm

ultraviolet (UV) : 10nm— 400 nm
optical (visual) : 400 nm— 700 nm
infrared (IR) : 700 nm— 1 mm

radio : > 1 mm

XI1.3 Diffusion & Random Walks

Heat (energy) is produced at the centers of stars througkarueactions. It escapes ultimately as
photons. How long does that take? A naive answey B, /c = 2s.

But that is wrong (although it is true for neutrinos). It adlyaakes~ 107 yrs. Why? Because
a star is a very crowded place, and photons (even though tlogg fast) cannot move very far
before they wack into something else and end up going in analinection. They easily bounce
(scatter) off of ions, electrons, and atoms, and even othatops.

Each bounce tends to make the photon lose energy, but mai@stere then produced, conserving
energy. In the center the photons start out as X-ray phobatdy the time they get to the surface
of the star they are optical photons. They get there vandom walk
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Assume that a photon will move (on average) a distdpgebefore it hits something and changes
direction. That distance is thraean free pathlt travels a distancé after V collisions. We can
determine what/(V) is. Assume each one movgdori = 1... N, with |l;| = l,.s,. So the total
distance is the vector sum: N

=30

We want the magnitude of this]] = V'd - d. But
N
d-d=> 1L+ L
i i

The second term there will go to O on average, since the erecare different. S4If|2 = N|f| =
Nl Ord = \/Nlmfp. This is in fact a general result with applicability to a widage of areas.

From this we can determine how long does it take for a photatiftose out of the star. To go a

distanced, it takes:

d
- lmfp >d

, 2
Nl"ﬂ:—d lmfp<d

c lmfpc

This is also often referred to as a “drunkard’s walk”.

Xll.4  What Happens When A Photon Hits Something?

e Photon A generates an oscillating electromagnetic field
e Matter (ion, electron, atom) is shaken by that field (absahe photon)

e But this shaking is itself a fluctuating field, so it makes a néw/fteld, releasing photon B

There are 3 basic types of interactions:

1. Scattering: A and B have the same energy (or frequencydlifetent directions. So the
matter gains momentum but no energy

2. Absorption: no photon B is emitted. Matter absorbs enarglgenerally something happens
to it

3. Emission: matter emits B (and it can be with or without A)

We take each obstacle as having cross-sectionalat@gaunits of n?). And we haven of them
perm? (number density:). So what ig,,¢,?

1. A dimensional analysis;,, [m] could bel/on, o®n, n=1/3, ...
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2. Physical: shoot a bullet into a box of total aréand depth,,,. It hasV balloons in it each
with areas. The bullet is likely to hit a balloon iVo = A. N = n x volume = nly,A.
Equatingni,g Ao = A giveSlyg, = 1/no

3. How big are the balloons (what9?

electrons 10728 m?

H atoms 10720 m?

So forn ~ 10%* m~=3 (which you get forp = 10°kgm ™ like for water), we findl,g, ~
107" m to 1072 m, both of which arex R.. Therefore there are many bounces:

electrons : [, ~ 1072 m, sot ~ 5000 yr (10%* bounces)
H atoms : l,,s, ~ 1071 m, sot ~ 5 x 102 yr (10*° bounces)

The actual answer is aboli” yrs, taking into account the changing structure and density
the Sun.

XI.5 Temperature of Radiation

Kutner 2.3

Temperature is defined for ideal objects (“blackbodiesgt ttadiate auniversalspectrum: the
emission depends only on temperature.

To do so, it must absorb all of the light that hits it (heftack). But it can appear to have a color
when it is hot (like an oven).

Blackbody is a specific shaps&etch The peak is ah = 0.0029/7 m, which determine the color.

The total energy put out per square meter (the fluxfis= ¢7*Wm™2. These are th&Vien

displacement lavand Stefan-Boltzmaniaw (o is sb constant). The important thing is that ofily
matters.

Wikipedia page, animations

F is energy per time per area. If the object is a sphere (likar &thas total areal = 47 R*, so
total energy per time (luminosit§) is L = 47 R*0T*. This is a very useful expression.

What are “good” blackbodies? Nothing is perfect, but someghiare close:

3 K cosmic microwave background

surface or interior of a star

human skin

candle

e lava
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What are “bad” blackbodies? These don’t have a nice smoattildigon, but instead concentrate
the light at specific wavelengths:

e neon light

e fluorescents

But even the Sun isn’t perfect.

XII.5.1 Planck Function

The detailed function that describes how much light at eaabelength:

BA(T) = %C—//\lJ/s/mz/)\

o ehv/ksT _

Note thath appears, so this has to be a quantum effé&gtis energy per time per argeer wave-
length if you have a bigger range of wavelengths (i.e., red andjré®n you get more energy.

X11.5.1.1  Limits

sketch
el s
A kgT
(long wavelength, low frequency) is the Rayleigh-Jeanstiimi
2ckgT
B/\(T) ~ )\B

Note that there is no more this limit can be derived classically.
@ 1
A kgT

(short wavelength, high frequency) is the Wien limit:

<1

B)\(T) x efhc/)\kBT/A5
If you add upB,(7T') for all A, you recover the Stefan-Boltzmann law.

XIl.6 Photosphere

What is the surface of a star? What is the temperature of a star?

After all, it's a flaming ball of gas. It's hotter on the insig8un is10” K), so why do we see it as
cooler on the outside? What defines the temperature that weumee@bout 5800 K)?
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Photosphere is defined as the “surface”, it is whgféepth) = Tigective- We defiN€T Lective SUCH
that L = 47 R%*0T4%. This is the layer from which photons escape (stop bouncirgrattering).
They end up one mean free path from the surface, and from tineyeare free!

This is where the star leaves an imprint on the photons tlcajpes Everything that happens deeper
down gets washed away from multiple scatterings.

1
oty ~ — ~ H
fp no

H is pressure scale heigh - the height at which pressure chdnyge P « ¢/, Since we have
HSE (AP/Ar = —pg), we can sayAr = H and findP,p.. ~ pgH ~ 22 ~ 271 This is about
107 N m™? for the Sun.
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Lecture Xlll Photons & Spectra

Kutner Chapter 3

Spectra: disperse light through “prism”, spread it out sccese see each wavelength separately.
Stars generally havabsorption line most of the wavelengths are bright, but a few specific wave-
lengths are dark. To understand this, need Kirchoff’s laws:

e Hot background, cold foreground: absorption lines

e Cold background, hot foreground: emission lines

What matters is what is in front. What is in front of the star8 i’that it is hotter on the inside than
the outside. So the spectrum of a star is (mostly) a blackatty some wavelengths absorbed.
These wavelengths were identified before we knew what cahseal

Fraunhofer lines: lines in Sun from things like Na, Ca. But ¢hare also lines from H, He that are
very important.

Cecilia Payne was one of the first people to identify the spélitres in the Sun (and other stars).
She showed that the elements in the Sun were very different those on Earth: here we have
almost no free H, but that is the majority of what'’s in the Sun.

XIll.2 Energy Levels for H

proton + electron in Bohr model (approaching proper quantweahanics, but not quite): “plane-
tary” orbits. Instead of Gravity, Coulomb force:

yo i

dmeg T

and we use the Virial theorem again,8o= K +U = —U/2. This would have infinite choices for
r: anything is OK. The Bohr model says thatan only have particular values that aygantized
What is necessary is that, if you take a de Broglie wavelenlgéhotbit starts and stops in the same
part of a wave. You can also write this as:

J = m.ur = nh

is the angular momentumz = h/2m, so this is quantum mechanical. If you do this, you get
discrete energy levels for=1,2, 3, .. ..

—1 ¢? 1, 1 (nh)?

— = MV = — =
4meq 2r 2 2 mer
This can only be true at certain valuesrof
h2n?
r=r, = 4me 2z()5Anz
mMe€
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The energy levels associated with this are:

1 —meet —13.6eV

" n?2(4meh)?  n?

The constani3.6 eV is the ionization energy of H, known as a Rydberg. Why doesitmize?
Start atn = 1. How much energy to get to infinitely far away? This would tailsetor = oo, so
n = oo. The difference in energy levels is how much energy it woaldt

AFE =FE, — E,

But sinceE,, = 1/00 = 0, this is justE; or 13.6 eV.
http://astro.unl.edu/classaction/animations/light/lydrogenatom.htmi

XIl.3 Photon & Matter: Spectral Lines

Spectral lines are associated with transitions betweerggnevels. See in both absorption and

emission.

For example, to excite an atom from= 1ton = 2 takeSAE = he/\ = Ey — Fy = (—3.4eV —
(—13.6eV) = 10.2 eV. THis gives a wavelength of = 1216 A. Lymanu. Sketch Ly, Balmer, Pa,
Brackett. Lya = 1216 A, Ha = 6563 A, Pa = 18, 700 A, Bra: = 40, 500 A.

Emission lines: hot gas on cool background (neon light).
Absorption lines: cool gas in front of hot background.

Some astronomical objects are primarily spectral line temsit e.g., planetary nebulae and Hll
regions: clouds of hot gas, where most of the emission isyhsat we've described.
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Lecture XIV Main Sequence

Kutner 3.5, 9
sketch L vs.T

temperature from color of star. luminosity from how brigrappears, combined with some knowl-
edge of distance. From this we gmilor-magnitude diagramAlso Hertzsprung-Russeliagram.
main sequencds where they sit for most of the time. Stars do not move altnthey end up at
one point determined by their mass.

Stars were originally classified based on spectral lines.h¥¥ee now been able to re-order that
sequence in terms of temperature:

: O5is 40,000K. H ionized, see lines of H, He
: similar but cooler

: A0 is 10,000 K, Vega (standard comparison star)

O
B
A
F : start seeing lines of H, “metals”
G : G2is5,800K, Sun

K : start seeing molecules (star is cool, so they can be stable)
M

: MO is 4,000K

Within each class goes from 0 (hottest) to 9 (coolest).

Taking stars together, we observe:
Lo M*

R M0.76

Simply put, more massive stars are bigger and (a lot) brighiteey also end up being hotter (via
Stefan-Boltzmann law)[ ¢ oc M0,

XIV.2 More massive is bigger and brighter

only mass matters along the main sequence: stars sit therg aonost nothing for most of their
lives.

XIV.2.1 Why bigger?

T. roughly constant (ignition). Virial theorem givesTisx M/ R, so then we would havB « M.
Which is close, but actually, goes up a bit, so instead we haklex M6,
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XIV.2.2 Why brighter?

We can understanfl. < M /R, andP. o« GMp/R. The other piece we need is to look at how the
photons get out of the star. Remember that they have to bouogada lot. We can write:

T, Lp
R T3R?

which is valid if the amount of time that it takes a photon td gt does not depend di (true in
hot stars). This then gives ué:oc M3, which is close to what is observed.

XIV.2.3 More massive has shorter life?

lifetime o fuel/rate of consuptior- M /L. SinceL oc M? or M*, lifetime oc M =2 or M 3.
At the low-mass end, energy is not transported by photongybubbles, so this reasoning (and
these scalings) break.

XIV.3 A Fundamental Unit for M,

A star: gravity pushes nucleons together until fusion happe

Gravitational energy- Gm? /r between two atoms. How far apart®—'° m after fusing, take
r ~ h/mgc =2 x 1071 m for scaling.

C/;m% Gm?

h/mygc H -39

ag = — —5.9x% 10
mpc? he

This is the strength of gravity between two nucleons congpaoethe rest-mass energy of the
nucleon. Gravity is very weak! From this, we can derive:

M, = o5 my = 1.85 My,

This is a natural unit for the masses of stars, and it only lie& fundamental constants
(G, ¢, my, h). We can also get:

N, = M,/my = ag”” = 2 x 1077
is the rough number of nucleons (mostly protons) in a star.

XIV.4 What Limits What Could Be A Star?
XIV.4.1 Minimum Mass

No fusion possible (not hot enough)/ < 0.08 M, (brown dwarf)
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XIV.4.2 Maximum Mass

Star gets very hot inside, anid increases ad/ increases. The pressure due to the blackbody
radiation inside increases a Id®..q o< T*. When this pressure becomes too big, it will dominate
over the normal gas pressur (x pkgT), and when it does the star becomes unstable: it will

blow itself apart. ForM ~ 100 M, unstable, very hard to even form. Even for50 M, very
violent, short-lived.
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Lecture XV Life After the Main Sequence

Remember: stars do not move along the MS. They move onto it Wienform, sit there for a
long time, and then .

Main sequence is about where we find 80% of the stars. H in treeisdurned into He. This is
accompanied by a slow increaselin

o P = pkpT/umy, whereu is mean weight. 0.5 for H, higher for He.
e As H goes to Hey goes up, sa” would go down ifl” didn’t go up.

e AsT goes up, fusion region increasésincreases

Then what? End of MS is when H is done in core. After that: gidbigger and brighter). Depends
on mass.

XV.2 Low Mass

< 8 M

no more energy from core, so contracts, gets hotter (Vinebtem). Layers above core contract
too, H burns in “shell” around He core. This makes “red giaft"~ 100 R, lasts10® yr. As this
happens the star is a lot brighter td@aw HR.

Eventually core contract§, ~ 10® K, starts burning He via triple-alpha process:
sHe +5 He —§ Be

fBe +; He —§* C + v
Unless the second reaction happens, Be will decay (break) sgpaneeds high density. Higher
temperature because He has charge of +2, so Coulomb repiggidimes as much as H.
When enough C, starts burning to O kigher still).

When He burning starts, star becomes bigger still: Asympt@iant BranchDraw onion dia-
gram, C/O core, He shell, H burning, H envelope~ 600R, for 106 yr, 105 L.

As this happens the star puffs off a lot of gas: largemeans lowelGM /R on the surface, so
stuff can escape. Goes fromh—1“ M, /yr (Sun) to10~7" M, /yr (RG) to10-5 M, /yr (AGB). THis
material sticks near the star for a time, forminglanetary nebulgnothing to do with planets), but
enriches the surrounding area with “metals” formed in Sféinat’s left at the center is C/@hite
dwarf (later).

Moves around on HR diagrani, = 47 R?cT*.
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XV.3 High Mass

Burning keeps going to where Fe is produced. After that, cagabenergy out. Star collapses
(core collapse supernoyashow onion Gravitational potential energy releasad’¢ J), mostly as
neutrinos. Some compact remnant (possibly) left behind.
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Lecture XVI Clusters: Testing Stellar Evolution

Most stars are not formed alone, but rather in groups (srad)usters (large).

e Open cluster: young(ish)0? stars, in a size of-pc, ~ 10 known, in the Galactic disk

e Globular cluster: old]0° stars, still~pc, ~ 200 around the MW in a spherical cloud (halo).
Often verymetal poor these stars were formed when the material had not beerhedrixzy
previous stellar burning (originally matter was almost-lHe)

In both, the stars are all born together from the same sttiffeesame distance. So this removes a
lot of the uncertainties that make astronomy hard. They eratgesting grounds.

XVIL.2 Make HR diagram out of a single cluster

sketch Can determine distance by finding how bright the staifs.sppear to be.
http://astro.unl.edu/naap/distance/animations/clusrFittingExplorer.html

Can determine age by looking at the highest-mass star thidt ensthe MS Sketch
Look for objects that are not on the MBinaries, dwarfs, etc.

calibrate models of stellar evolution.
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Lecture XVII White Dwarfs

Kutner 10.4
leftover remnant from the core of a low-mass star§(\,).

core gets hotter & denser, as heavier elements need Higheburn. As each phase of burning
ends, collapse a bif; up, P up. Can this keep going?0

After get to O,P will no longer depend ofi’, so you cannot keep getting more burning. Why?

XVIl.2 Degeneracy

electrons ard-ermions 2 cannot be in the sanstate State = position, momentum, spin (Pauli
exclusion principle). From the uncertainty principle:

(Az)(Ap) ~h

p is momentumyn.v. Density is number per volume, or 1/volume per particle.nSe 1/Ax3.
When the particles get squeezed too close they start to pygeato where

p=pr~h/Azx

(Fermi momentum). Which will bpr ~ n&?. We can then use the momentum to get the kinetic
energy:
1 2

EF = §mev

>_ L1k

1
= §me(pF/me) ~ om.

(note that this is only true it < ¢). SOEr x p% n2/®. This is the total energy per particle.
Pressure has the same units as energy per volume (energtyJemswe can multiply energy per
particle by density to get pressure:

Prxn.FEr x n§/3 x p5/3

There is ndl"! Unlike ideal gas law P = n.kgT), this isnot ideal Requires quantum mechanics.
ldeal gas lawnP = P(p, T'), but hereP = P(p) only.

XVII.3 Build a Degenerate Star

(This is a white dwarf).

HSE gives:
P GM
R RmR’
So oM
P~ " pn~ p3
R
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We can then ged /R ~ p?/3, butp ~ M/R?, so we have:
MY3 ~1/R R~ M™Y3

This is weird. Unlike a star/ ~ R) or a normal rock R ~ M*'/3, sincep ~constant) or
something, ag/ increases, it gets smaller!

XVII.3.1 When Does This Matter?

When electron spacingz ~ Ap (de Broglie wavelength from before\ ~ h/p ~ h/m.v, and

mev? ~ kgT, SO
109K\ /?
)\B ~ 10_12m <T)

For1M, andR = Ry, getAz ~ 10712 m. SinceTl’ < 10° K (C burning),\ is small enough to be
degenerate, anwp ~ R .

So a White Dwarf has the mass of the Sun squeezed into sométieiisize of the Earth.

XVII.3.2  How Bright?

L =47R%0T*, so even id' is higher than the Su?;, < R and the WD will be very faint.

XVI.3.3 Can AWD Be Any Size?

Can you keep piling mass on, or is there a limit?

or p ~ M? in the center. So as you make it more massive, the densityadses a lot. And as the
density increases, so does the pressurelandWhat happens whefr ~ m.c? (i.e., v, ~ ¢)?

Things getunstable Before,
2

Ep ~ mov? ~ Pr
M

But now, includingspecial relativity v ~ ¢
1/3

Erp ~ ppcoxn,

4/3

PxnkEpr~n,

Put that intoP ~ GMp/R ~ p*? and you find

) M
1/3 ~
P R
Butp ~ M/R3, sop/® ~ M'/3/R:
MY3 M
R R
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This cannot be true! When ~ ¢ the velocity cannot increase fast enough to supply enough
pressure, and the WD becomes unstable. This happens @htdrelrasekhar Mass.4 M. : if it
gets to this limit, it will collapse.
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Lecture XVIII Neutron Stars

XVIII.2 Higher Masses: What Happens?

Kutner 11

Once we get to Fe in the core, we cannot get energy out. Théssséil shining (so it’'s losing
energy) but no longer creating it. So the core starts to daadrder to support the rest of the star,
the pressure needs to be the same, so the density goes up tankkep the pressure constant.

If the mass of the Fe core is less than the Chandrasekhar esslectron degeneracy pressure
can support the star. But once it gets past there that is natgbnoAt this point, it is roughly
5 x 10° K, 5000 km in radius.

As it gets to the Chandrasekhar mass, electrons cannot $uppatar. It starts to collapse. The
collapse liberates some gravitational energy, but thalbsorbsthat energy, liberating protons.
Protons take up extra space, and they are increasingly zegiég the rest of the star.

Remembep decay (nuclear decay):
n—p +e +1

This happens spontaneously for various nuclei. The inveasealso happen, although it isn’t
spontaneous:
pt+e —n+u,

When things get too dense, the inverse reaction is enertigfi@eaorable. This makes a bunch of
neutrons, removing electron support. Neutrinos also legikremoving energy.

So the core collapses down in a free-fall timescale-of /\/Gp ~ 10s or less. This reaction
happens at a density ef 10° kg m ™. Much of the star is blown off in aupernova explosiorthe
gravitational energy of0* J is released mostly as neutrinos, with a small amount agatblast
wave of material moving at 10,000 km/s.

XVIII.3 Core Collapse

It gets squeezed down to 10 km. This is a core-collapse SN (there are other kinds), apgéras
for M < 25M, or so. A lot of the gravitational energy is releasd:

e 10% J total
e 10* Jis in the KE of the ejected material

e 10¥ Jisin photons¥0'°Ls, ~ Lygalaxy for 10 days)

For example, SN1054 which is 2 kpc away was seen during thejdiés easily.
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99% of the energy (or more) goes out as neutrind$’(.). About 20 were detected from a SN
50 kpc away.

A lot of the blasted away material goes into the nearby ite#les space, enriching it with metals
that were made in the star. THis is how elements heavier th@m€f into the universe.

XVIIl.4  What Remains

Kutner 11.2

A neutron star is like a WD, except instead of electron deganethe reactiop + ¢ — n makes
neutrons, and neutron degeneracy pressure supports it..4dg, the size is about 10 km. This
givesp ~ 107" "® kgm ™, compare to a nucleus 2sx 10'7,

Mmu 8 -3
~ ———~10°k
PWD (h/mac)® gm
mpug
PN (hfmye)?
We are confining one nucleon (proton or neutron) in a box. R@MWD the size of the box is the

de Broglie wavelength of the electron. For the NS it's the degBeowavelength of the neutron.
Since the wavelength is 1/m, the neutron’s box is much smaller.

~6x 10" kgm™®

Consider a nucleus. The distance between neutrons4s 10~ m. If you take a Solar mass in
neutrons, that means ~ M., /my ~ 10°7 neutrons, so the size Byg ~ ro A2 ~ 10km.

The properties of this object: surface gravty- 102 ms—2, escape speed 0.6c.

The interior is very complicated: still under investigatioLikely superconducting (no electrical
resistance) superfluid (no friction).

We have an upper limit to neutron star mass: kegp< ¢ gives a limit of2 — 3M, (details are
hard).

XVII.4.1  Spin

Angular momentuny = [w, w = 27/ P. Conserved. What made the NS?

Reore  me (Z\"?
RNS ~ M, (Z) ~ 500

going from the core (supported by electron degeneracy)@d®. Conserving':

]corewcore =1 NSWNS

2
w w < RCOI"B )
NS ™~ Wcore
Rxs
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since the mass is the same. Or, going to period:
PNS ~ 4 x 1076Pcore

Much faster! Core can rotate as fast as 30 minl’sgcan be as little as 5ms.

XVIIl.4.2 Magnetic Field

Instead of angular momentum, conserve magneticflux BR?. Same arguments givBys ~
250, 000B..r.. What might the initial field be? We measure fields of 10 T in whiwvarfs, so the
field in a NS could be up td0” T in NS. In fact we see NSs with fields up 1600 x this.

XVII.4.3 A Limit To Rotation?

How fast can a NS rotate? 2 limits:

e Keep the equator ¢

e centripetal force< force of gravity

First one:
2R

P
would give a limit of2rR/c = 0.2 ms.

= Vequator < C

The second:
02 _GM 4R

R R P?
would give a limitP < /472R3/GM = 0.4 ms. (this is actually Kepler’s third lawp? « R3).

XVIII.5 Pulsars

1967 Jocelyn Bell, looking for “twinkling” radio sources. &uod something that “blipped” every
1.337s. It was from the sky: it came every day at the saidereal time(not LGM). It was too
fast and too regular to be anything big (white dwarf, binday,stc.)

More of these were soon found. Some were in supernovae reégartha clouds of gas flying out
at 10,000 km/s from where supernova explosions occured.

Crab Nebula: glowing cloud of gas. Needs L, to power it. Found pulsating radio source inside
with P = 33 ms. But they found that while regulaf, was getting longer very slowly, change at
P=dP/dt =4 x 107 ¥ss™.

What would rotational energy be of neutron star spinnindlat= 2x/P? (1/2)IQ?, [ =~
10%kgm® = (2/5)M R? is moment of interia. What if the rate of spinning is slowingPef
it is losing kinetic energy at a rate Q€. If we do this, we find this i$ x 103! W is about
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10°Lg: just right! This showed that the spin-down of a neutron &awvhat powers the Crab
nebula (Tommy Gold).

Overall, pulsars were found to be rotating neutron starss&éeblips when the “lighthouse” beam
crosses the Earshow animation The majority of the energy from the spin-down is invisildee
radio blips are a tiny fraction of the energy.

It is the strong magnetic field that makes this happen.

XVIL5.1 Spin-Down

(please pardon the calculus)

Light cylinder: wherev to go around is.. We take the magnetic field to be a dipole(r) =
Bo(r/R)3. A changing magnet releases electromagnetic power pemateatS (Poynting fluy
~ ¢B? /1. We can roughly relate the spin-down energy I16@§) to the Poynting flux through the
light cylinder:

4R} Spc ~ IO

with Q = 27/P, Q = —27P/P2. Ryc = ¢P/2m, s0Sic = (¢/po) Bi = (¢/110) B2R%/R2 .. So

we have: A i
6 P\ 6 B2 P
47rRiciB§RT — 47RS B (C—) ~ }i—ng4 ~ I
to  Rig Ho 27 Ho C P
This gives:
B2~ ol pp
o~ R6

So from the spin period and the rate at which it is slowing dowa can determine what the
magnetic field is!

We can then use this (assumifig=constant) to gef’(¢). We find that the age is ~ P/2/P, so
we also get the age of the system fréhand P. Do this for the Crab pulsar get 1250 years, which
is very close to the true age of about 950 years (since peapléhe supernova).

P-P diagram: HR diagram for pulsardraw. Move through the diagram from upper left to lower
right until you die from low voltage (don’t actually die, jushut off). This take40”~®yrs to get
to P = 10 s from a typical starting point of 10 ms. Usually born with? T, but there is a range.

XVIIL.5.2 What happens after death?

Not much, unless in a binary star system. If in a binary: afterpulsar dies (remember, this still
happens quickly compared to a main-sequence lifetime)sehend star will evolve. It will leave

the MS and puff up into a RG. When this happens, the outer bitisatfstar may get captured by
the gravity of the NSiraw. This is calledRoche-lobe overflofremember Roche from the tidal
forces?). It leads taccretiononto the NS. That dumps angular momentum and mass onto the NS.

In the early 80’s, they found pulsar with = 1.6ms, P/2P = 200 Myr. So it couldn’t have been
born with that low a period since it is way too old. How couldét there? It wasecycledinto a
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millisecond pulsadraw. For theseB is much weaker~ 10° T) although we do not really know
why.

XVIII.5.3 Hulse-Taylor Binary

The second star in a binary can also eventually become a NSHThbinary is one such system:
two NSs in a 8-hr orbit. But, with General Relativity we prediwt such a system will lose energy,
angular momentum due gravitational radiation(like a moving charge emits EM radiation). The
change in the period of the binary was observed from veryiggameasurements: 1993 Nobel
prize in Physics.

Will merge in 300 Myr: explosion and burst of GW.

ASTRON299/L&S 295 ALL 2011 50



Astron 299/L&S 295, Fall 2011 Lecture XIX.2

Lecture XIX Gravitational Redshift & Black Holes

Kutner 8.3, 8.4

a photon needs to climb out of a potential well. When that happeloses energy. A rocket
climbing out of a well would slow down, when it loses energyt photons must go at so change
frequency instead.

draw

If we start atR; and go toR, = oo: starts withm = E/c* = hi,/c?, so the total energy of the
system ish; — GmM /R, and it ends with the same total energy

hl/lM hl/g
hV1 - G 02R1 == hVQ - CQOO

which gives:
GthM

h(vy —1y) = hAvy = ———

or Av/v = GM/Rc?* (and a shift in wavelength is similar). This is sort of likeetBoppler shift,
except it comes just from gravity, not velocity.

X1X.1.4 WD

for a white dwarf, AN/ ~ 74 (M /M,)"* GM, /Roc?. It has been measured. For 40 Eri B (first
WD) is it 6 x 102,

XIX.1.5 NS

for a neutron star, this can be 20%! Can be quite large, altngagto be measured (I'm trying...).

XIX.1.6 Earth

1960 at Harvard. Shot-ray up a 22.6 m tower. Found a chamye/v = —gh/c* = —2.5x 10715,

XIX.2 More Mass?

What happens if we take a NS and add mass®\/,, (or so): like a WD, the particles get to~ ¢
and it cannot support itself. Collapses. And nothing can gto@ravitational redshift goes up.
Escape velocity goes up.s. = /2G M /R cannot be> ¢: eventually we get to where thisis ¢

at
2GM
CQ
This is a black hole! (note that this derivation is not cotyéat it gives the right answer).

R = RSchwarschild =
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At this point, the gravitational redshift becomes:

AN (| Rsa) "
A R

which goestd /0 = oo at R = Rsa,. (and this reduces to the form we already didfor> Rsey,.).

XIX.3 BH

A BH has mass squeezed infty.,: event horizon. Cannot get anything out. Adl., Rs., =
3km < Rys.

How do we identify black holes? We look for things moving hedést in a really small volume,
and we look forM > Mxys

draw

Material moves iraccretion diskaround BH, gradually spiralling in. We can deduce that it has a
velocity (from redshift/blueshift) such that it would beside a NS (from Kepler's laws).

Accretion can happen with NS too. But there it can have anyt.ofwr a BH, stable orbits can
only happen fo? > 3Rs,. Inside that, the material is doomed. Must fall in.

As matter falls in, releases gravitational energy. Gets Matkes jet!
draw
Happens for small BHs: X-ray binargicroquasar

Happens for big BH. Most galaxies seem to have aWgy = 10°~°M,,, active galactic nucleus
or AGN. Can outshite rest of galaxgasa)). Brightness depends on how much stuff is falling in.
MW: 2 x 106 M.

Event horizon does not kill. tidal forces do.

Eventually GR (Einstein) says that no orbit will stay stable. For massibjects moving quickly
(i.e., in short orbits) this will happen i typniverse- Like the Hulse-Taylor binary in 200 Myr.

What will happen? They will merge & (often) explode. Detaitst Rnow, but for instance NS-NS
binary will probably make a gamma-ray burst.

When this happens, the moving masses will also distort spaeg-sending out waves. Hopefully
we can detect this on Earth with Laser Interferometer Gasieihal Observatory: astronomy with
gravitational waves, not photons.
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Lecture XX Supernovae

Kutner 11.1

explosions, new stars. a few known historically (e.g., Crali054). Here we talk about core
collapse (from massive stars).

10%¢ J released, 1% into KE, 0.01%-0.1% into photons. Collapseemfalsion well past Fe.

Lightcurvedraw: decline set by radioactive decay of Ni (6 days) and Co (77 Jdaale from
shock slamming into Fe.

XX.2 Chemistry

Rest of elements past Fe mostly from SNe. Reactions: r-pr¢cssisl). Heavy element + many
neutrons— very heavy, unstable nucleus. These then decay to somedtaibig.

Also s-process (slow) in post-MS evolution of stars.

XX.3 Shock Wave

Hot gas out at 10,000 km/$0* J atT = 10" K into ISM (10* K, n ~ 10° m~3). Blast wave:

e Starts really fast: free expansion, supersonic
e Until sweeps up mass mass in shell (10’s to 100’s of years)

e Enters Sedov-Taylor phase (first derived for nuclear expihss: £ =~ (pisn/t%)(r/c)®

ASTRON299/L&S 295 ALL 2011 53



Astron 299/L&S 295, Fall 2011 Lecture XXI.3

Lecture XXI Interstellar Medium

Kutner 14
What is between stars? Gas (99%) and dust (1%). Like a statlynkhshen He.

XXI.2 Dust

Obvious as dark patches in the si{tyow. “holes” w/o stars.
Light is blocked by dust. Work by Trumpler (1930).

Clusters of stars each have main sequence: should line updestgnces. Trumpler =distance,
D =diameter. Angular diametér= D/d:

D? 1
2
Apparent brightness is the flux = L/4rd? < 1/d?.
If L, D are typical values then should s#ex F
draw

systematic departuse for distant objects (smhakmall§?), with F' less than expected. Moreover,
distant clusters were also redder than expected. Both fran du

Like a sunset. Red light transmitted, blue light scatteedt#/cted.

Dust is little balls of C, Si. Makes things dimmer and redder.

XXI.3 Gas

Most of mass of ISM, few % mass of stars.

Gas can be warm or cold, dense or diffuse, atoms or molecMesage is1 ~ 1 cm ™3 = 105 m 3.
For comparison, best vacuum on Earth(8 m 3.

component volume T n state seevia?

molecular clouds < 1% 10-20 10~ H,  molecules, emit & abs.
CNM 1-5% 70 3x 10" H HI 21 cm abs

WNM 10%—-20% 10* 108 H HI emit

WIM 20%-50% 104 106 HIl Ha

H Il regions < 1% 104 108719 HII Ha

The last surrounds hot stars.

Remember: hot light and cold cloud: absorption. Hot cloudissian.
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XXI.3.1 HI21cm

diagnostic for gas. Spin fligraw. v = 1420 MHz or A = 21 cm. First seen in 1950’s.
XXI.3.2 Pressure Equilibrium

Different parts are “roughly” at sam@ = nkgT (equilibrium).

Molecular clouds: small and dense, where stars are born

H Il regions surround hot stars (OB, WD)

the rest takes up space in between.

measurd’ from Doppler width of lines. Measurne from brightness of lines.

XX1.3.3 Using HI

Doppler shift givesi,.qia- In Milky Way, get distance, velocity of gas, can map spiraha.

XXI.3.4 Physics That Happens

Heat ISM via:

e cosmic rays (protons)
e light from stars
e shocks (SNe)

e stellar winds
Cool via

e emission of lines

o free-free (emission of continuous radiation from hot, &l gas)

XX1.3.5 HII Regions

HI (T ~ 10? K) around H Il around star.
Star is> 10* K so enough photons have > 13.6 eV. Can then ionize.
Size of HII: N, = number of photons per second with> 13.6 eV (beyond Lyman limit).

Assume each photon is absorbed by 1 atom.
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But, for eacke, p there is a chance that recombine p —H. This balances ionization.

recombination
R = if

volume X time

RV = N, = R(37r*). What isR? Depends on rate thahits p. R o« n.n, x n2. So

3N, \"°
r= -
(47Tomg)

Stromgren spherey = o(T) ~ 3 x 10 m?*s™%. n, ~ 10 m~3, N,(05) = 3 x 10¥s7!. Gives
r ~few pc.

Can have multiple stars (bigger) or WD (smaller). See via Balmes (Hx etc.) in emission, also
lines from N, O, He.
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Lecture XXIlI Star Formation

See other notes
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Lecture XXIIl Solar System

Kutner 22-26

Solar system: terrestrial (like Earth) planets are Mercdenus, Earth, Mars; rocky, with very thin
atmospheres. Gas giants Jupiter, Saturn, Uranus, Nepgtane cores, but outer layers are mostly
gas. And then there are other objects.

Study planets now, get clues to how they formed.

see other notes.
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Lecture XXIV Terrestrial Planets & Atmospheres

Kutner 23, 24.

XXIV.2 Atmospheres

The Earth’s atmosphere is 78% N1% GO,, and 1% others (Ar, C9). How did it get that way?
Did it happen naturaly during the formation of the Earth?

No: at 1 AU, conditions during the formation of the Earth wéve hot for those elements to
condense:

e Mass to low to attact the gas on its own (unlike gas giant)

e Hot early on, so gases would escape

Answer: gradual accumulationlife.

First atmosphere:

¢ Hand He

e Much escapes
Second:

e CO,/NH;3; which outgassed from volcanos
e H,0O, some from comets (icy balls)
e Pressure- 100 bar (Earth now isv 1 bar)

e < 100°C
Third:

e CO, absorbed

H,O liquid

O, produced
e 1bar
15°C
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Sink of CGO,: rock (with water, it dissolves), water, life

sources: volcanos (+humans)

Sink of H,O: tectonic plates subduct, carry water into the mantle
sources: volcanic outgassing, comets

It is a sensitive balance, where too much£5an drive off water

Venus: similar to Earth at some point in the past. Why differeow?

e Closer to Sun, so warmer, less water?

e Too much CQ to start?

Non-linear system, so even if starting points were very lsingmall differences can be amplified
(in unexpected ways)

O,: not natural, unstable. Produced over billions of yearsfey CO, + H,O — O, + sugar.

Show greenhousgenergy balance.

XXIV.3 Interiors of Planets

Differentiated (in layers)

e Dense metallic core (solid interior, liquid outer)
e Lighter rocky mantle

e Lighter rocky crust
Heat sources:

e Accretion (things falling)

¢ Differentiation (settling into layers, releases potdrgizergy)
¢ Radioactive (U, Th)

e Tidal

Heat flow:

e Conduction in core
e Convection in mantle (lava lamp w/ 100 Myr, rock creep)

e Conduction through surface

ASTRON299/L&S 295 ALL 2011 60



Astron 299/L&S 295, Fall 2011 Lecture XXIV.4

Relative sizes of the components change a lot between tleeahtfplanets.

Exteriors shaped by:

Impacts (rare now, more common before, so # can be used te’"slatface)

\olcanos (Earth, Venus now; Mars before)

Tectonics (Earth now)

Erosion by winds, liquids (Earth, Mars, ?)

Continental Drift/Plate Tectonicshow
Evidence:

e Similar fossils on different continents
e Continents fit together

e Spreading of mid-ocean ridges

All explained by motions of plates on plastic mantle.
Venus shows evidence of tectonics but not plates: is thiausecless water makes the rock more
plastic, so it will not be in pieces?

XXIV.4 CO, Cycle

Where is all of the C@Qon Earth compared to Venus?

Sink: dissolves in water, forms carbonate rocks, rain esodek and the pieces fall into the ocean.
Source: volcanos

So the sink depends on the temperature, but the source dbes no

Earth:

e If it were too cool

— Ocean dissolves less GO

— Fewer carbonates

— more CQ

— more greenhouse effect, so it would be warmer

e If it were too warm

— dissolve more C®
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— more carbonates
— less CQ in atmosphere
— less greenhouse, so it would be cooler

this acts as a thermostat to regulate the temperature fvatme range).

XXIV.4.1 Snowball Earth

(not entirely solved problem)

Try to explain recurrent freezings of (much of) Earth. Thesee triggered by some even (volanoc,
impact):

e drives temperature down

e extraice, so shinieralbedogoes up)

e temperature goes down

¢ this makes more icd, goes down further

e eventually,~ total ice (evidence for glaciers at equator)

e once this happens, oceans are covered, spst@®s disappear, builds up

e greenhouse, rapid warming, melt, albedo down

Most recent episode 650 Myr ago? Questions regarding snowball vs. slushball, Betktend,
frequency.
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Lecture XXV Formation of Solar System

Kutner 27
Protoplanetary disk: disk around proto-Sun 4.6 Gyr ajmy).
Common around other stars (first 10—100 Myr of star’s life)

Formation: details still unknown, but basic concepts:

e Minimum mass solar nebula
e planetismals

e frostline
ways we test the theory:

e giant planets vs. rocky

e isotope dating

XXV.2 Minimum Mass Solar Nebula

Lecture XXV.2

Sun collapsed out of gas cloud. Angular momentum made mucghfofm disk. Had same
elements as the Sun: 70% H, 28% He, CNO etc. 1% (also seen iomet® Early on this was
substantial, but since then it has either been formed irsogis or been blown away.

Current total of all objects (except Sun): 145=0.0015)/.,. Was a lot more in the past. How can

we reconstruct what might have been? Can we sawar limit?

Put back all light elements (H, He) to make planets have theesabundances as the Sun (only

adding):

e Mercury: x350
Earth: x235

Jupiter: x5

Saturn: x8

Uranus:x15

Add this all together- MMSN = 10M; = 0.01 M.

e This would have been densest near the Sun
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e at least 85% was lost before forming planets
e Similar in mass wrt Sun as many observed disks

Problem: this disk cannot collapse on its own. Any bulge thanhs will be quickly torn apart by
tidal forces from the Sun (tidal force- self-gravity)

XXV.2.1 Cannot Collapse

Ball with massi,,s, sized, a from Sun:

GMoM,,. (d
Fiige ~ T o Pgas (_)

a? a
And self-gravity:
GM;,,
Fself = T = Gdegas
(p &= My.s/d?). To make something collapse, neBd; > Fiige

CMyuMo

GpdMgas > 3

which needg > M /a® ~ 2 x 10~*kgm (1 AU/a)?. This is known as th&oomre criterion
Compare with:
PMMSN "~ 10_5 kg m_S(l AU/CL)5/2

which is too low by at least a factor of several-20. So how déahets form?

XXV.2.2 Planetismal Hypothesis

dust

(grains are small & sticky, can stick together with a forcattis > gravity)

e Disk cools, forms dusty: ~ 1071° kg, size~ um
e These stick together to become pebbleg,(cm)

e These collide to fornplanetismal~ 102 kg, km)

The remnants of this process might form the asteroid befid).

¢ A few of these dominate everything nearpianetary embryo$~ 10'? kg, 100 km)
e These collideplanetary core¢~ 10%* kg, 1000 km, proto-Earth

e The cores accrete gas, make gaseous planet§* kg, proto-Jupiter).
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XXV.2.3 Hill Sphere

What doesdominatemean? Define Hill Radiu#ly;: where P, around embryo =,,;, around

Sun. Get: s
M
fimr = (v@)

which is1.4 R4 for 10 km comet at 5 AU. Stuff within that region will be bourathe embryo.

XXV.2.4 FrostLine

(or Snow line)
sketch disk, with frost line

Where is equilibrium temperatufé < 150 K or so: make ices. water, ammonia, methane solid
rather than gas (vacuum lowers melting point, no liquid phas

Outside frost line, planets can grab a lot of H in the form eki¢mix with C, H, N). These will be
accreted onto the rocky cores.

Inside, planets largely rocky, maderefractoryelements (high boiling point).

Outside, volatiles. So the mass of the planet jumps a lotesyou can get many of the light
elements that dominate the MMSN. Masses go up-by. With even more mass, can get gasses
too. Somewhere- 2 — 3 AU.

This explains:

e giants have much gas, ice

e terristrial do not

From this we expect a rocky core inside the giant planets.

A related concept is thelabitable Zone It is where liquid water can exist (needs pressure).
Here it is 0.7—-3 AU (Venus to Mars). But this is rough, sinceegiteouse effect and the history of
the planet can change the answer.

XXV.3 Date Of Formation

Look at pristine materials: asteroids, comets, moon, M#/s.want things that have not melted
(and driven off any elements) since they formed.

We see that e.g., meteorites that land on Earth have abueslamech like the Sun. From these
we measure ratios of isotopes with natural decay, K& —2° Pb by way of Th, etc. Takes
t1/2 = 4.47Gyr. From this, get:

o Age = 4567.2 + 0.6 Myr
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From other isotopes, expect was a supernova a few MYr betoredtion (°Fe, 1.5 Myr).
Was star formatino triggered by SN shock?

Earth formed within 10 Myr

Moon ~ 30 Myr after the solar system

oldest fossils, 3.5 Gyr

XXV.4 Earth's Moon

size is uniquely large compared to all other planets, 1% ofrEaass.
We can tell that areas of the surface are older or youngedlmsaumbers of craters

Moon rocks: little water or other volatiles. Low in Fe (cote 200 km?), but similar isotopes
relative to Earth.

Possibilities?

e Capture (was floating around system)
e Accretion disk (might account for Jupiter’s moon, like m&ailar nebula)

e Impact (explains lack of Fe, volatiles)
NeedM ~Mars andv ~ 10 km/s to melt Earth. This gives

M,
—mv® =~ kT ©
2 UME

Some mass was lost, but the rest became the Moon.
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Lecture XXVI Extrasolar Planets

Kutner 27

Planets outside the solar system, first found in 1995 (eXoepiulsar system in 1992)

XXVI.2 How To Find?

show app?Can we see directly? How bright compared to star (contrast)?
Reflected light:

mR? a -2
P . 10-8
4ra? 10 (1 AU)
Thermal light (planets are warm, like Jupiter):

4
WR% & ~ 106
WR% TS

Angular separationf.1”(a/1 AU) at 10 pc away. This is very hard, but has been done in a few
occasions.

Main method: radial velocities (relative motion of stardged by planet)

a \~-Y2 (M
M———

sketch Can see multiple planets. But inclination unknown.

Astrometry: see motion of star itself, not the velocity. Waard.

a M, d \"'

This depends od, unlike the previous two methods.

A lot of progress lately orntransits see dip in light when planet goes in front of star (Kepler!).
Depth
7TR12)
TR%

or less, but only if orbit is edge-on. Chance of transkgtch):

s 1A
~ L ~ 0.05 (O U)

~ 0.01

a a

Works best for big, nearby planets.

All search methods have biases: certain systems show upeasily. Hard to understand what
the real underlying population is.
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These are from protoplanetary disks. We see disks aroundfs%ars younger than 10 Myr. We
see planets around roughly 5% of stars with~ M.

Occasionally we see systems with both disk and planet: @eepiclears a space around it (like
Saturn’s rings) and accretes material, growing.

XXVI.3 Properties

Look at exoplanets.eu

XXVI.3.1 Mass

large range, high-M easier to detect, see up to/}0N  1/M roughly.

XXVI.3.2 Period

short end: very close, orbits down to a few days (makes ieedsidetect). We call thedsot
jupiters

long end: limited by how long a search goes on and sensitfigearches.

XXVI.3.3 Eccentricity

at low a, most have: = 0 (tides make things circular)

at higha, e can be anything.

XXVI.3.4 Hot Jupiters

R 0.1AU\ "2
Tp:Tg\/Q—j(l—A)l/‘lzllOOK( - )

Compare to 120 K for Jupiter. How can they be so hot? Wouldey thoil away? Could they form
there?

See large planets with orbits all the way down to 0.01 AU. Meyas at 0.4 AU.

XXVI1.3.5 Metallicity

Find more around stars with high metallicity. More metals erengrains and ices = bigger cores?

e < 1% when metals are: 30% of Sun

e > 20% when metals ar@x Sun

sketch
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XXVI.3.6 Radii

Depth, length of transit can get radius of planet too (otlegwyust mass) Many are large than
Jupitershow. Large range, with a fractof of 4 in p.

Are they bloated because they are hot? This is hard. Did tisgynpver shrink when they formed?

XXVI1.3.7 Detecting Atmospheres

Transit: planet blocks star light, blocks all wavelengths

If there is an atmosphere around the star, certain waveéienill get extra absorbed right near
when the main part of the planet transits

XXVI1.3.8 Migration

Expect that we form giants far out (past frost line). But wersaay close in (hot Jupiters). Why?

Even Jupiter might have formed 0.5 AU further out. Slowly spirals inrQigration) from interac-
tions between disk and planet. Hard to get details right:

e need it to happen fast enough that close is common

e need it to happen slow enough that they stay there
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Lecture XXVII Telescopes

Kutner 4
Why do we use telescopes? How big a telescope do you need?
photons come at some rate: source has a flux defitly J/s/nt/A. To get rate of photons:

telescope area
F)\ SCCSEOPCATER o filter width x efficiency

X
photon energy

gives N (photons/s). Number detectedisxtime:

A ANAtn

—F
Y PY5Y

e.g., magnitude 20 (faint for eyes, not for telescopes) tar= 3.6 x 1072°W m 2 A (by eye
can see mag 6, so this is10~(20-6)/25 — 2.5 x 10~ times as bright). Use:

A = 500Nnm, SOhc)\ =4 x 10719J

diameterD = 10 m, so aread = 78 m?

efficiencyn = 20%

width A\ = 1000 A

gives1.4 x 10° photons/s. How long do we need to observe for? How many secanedenough?

XXVII.2 Poisson Statistics

for counting

expectr events/s, wait seconds. So wexpect-t = n events (cars, raindrops, people, etc.). How
many actually come? Probability that we seavhen expect:

e "n™m

m/!

o P(0)=c"
e P(1)=ne™

o P(2) =n%"/2

sketch

Expectechumber ism = n, but we often get more or less. What is important here is widt:
don’t always see exactly as many as we expect, but we wantdw kiow close we will come

ASTRON299/L&S 295 ALL 2011 70



Astron 299/L&S 295, Fall 2011 Lecture XXVII.4

on average. In general, 68% of the time we see somewhereHn/n (this is 1o, central limit
theorempn > 1). 95% of the time we see + 2,/n. 99.7% of the time we see+ 3./n.

So if we want to besure ..

We want to see enough photons that we can be sure that themaetlsng real there. Usually we
say> 3o confidence, so only wrong 1 time in 1000/,/n = 3, son > 9. That means we need 9
photons per exposure, so we can have= 6 ms (as | said, this is very easy for a telescope).

But objects can be a lot fainter (27th mag), can have backgroorse, can have lower spectral
width (spectra).

XXVII.3 Other Wavelengths

Optical observing: light behaves mostly like a particley da from the ground. Does this change?

Consider: -
6~ Av (h—”> ATA,

14

with A7 the coherence time, and. the coherence area. Based on the uncertainty principle
ATAv > 1andA, ~ \? = (¢/v)?, so we get:

B (5 -

hv \v

From a blackbody,

P 2h3 /c?
e /KT _ 1
So 5
)

~N—_—
ehv/ET _ 1

For the Sun af” = 6000 K, at optical wavelengtha = 500 nm we findé = 0.02. Thisis< 1, so
it behaves like a patrticle.

At radio wavelenghts. = 1m, § = 8 x 10° >> 1 so it behaves like a wavé.= 1 at a wavelength
of 2 um.

XXVIl.4 Radio Telescopes

A > 1 mm or so, can know phase of wave. Atmosphere is transpareiotwpvelengths of 10 m
(beyond that is blocked by the ionosphere).

Do we need dark skies? No: need free from interference:

e 90-100 MHz:\ = 3m, FM band

e 1 GHz (30 cm): WiFi, phones, microwaves, etc.

ASTRON299/L&S 295 RALL 2011 71



Astron 299/L&S 295, Fall 2011 Lecture XXVII.7

RFI. Better in valley than on mountain.
Telescopes can be anything from “light buckets” to coat basig\Need a lot of area.

The surface needs to be smoothto\ /4. Optical: 100 nm (polished glass, heavy & expensive).
Radio: 1 cm (chicken wire).

So we can make things much bigger, which is good since soaredsint.

D up to 300 m (Arecibo). To detect, no longer look at individphbtons, but treat like a wave.

XXVIL5 Seeing

Optical: resolution> 1” by seeing turbulence in the atmosphere. To do better: go to top of
mountain, go to space (expensive), correct for turbulehaed). Last isadaptive opticsUse laser
guide stars: make a (fake) perfect star, then see how it gatsteéd. Can compute how to undo
that.

XXVII.6 Resolution

Diffraction limit. We can only see things that are biggerrthg D. In the optical this is limited
in any case to- 1”. compare to Arecibo49” at 6 cm, so much worse. And we can’t make a dish
(much) bigger. But luckily we don’t need to:

use multiple dishes (interferometer). Then resolutioh/i8 whereB > D. Need to combine as
a wave (maintain phase). Area (signal-to-noise) limited’bgor area= N x D?), but resolution
from B.

e Very Large Array: 27 dished) = 25m each.B up to 30 km, so totaH is 1/9 Arecibo by6
down to1” or better

e Very Long Baseline Array: 10 dishes, 25m, up to continent (8000 km using islands).
6 = 1mas

Do interferometers work at other wavelengths? Yes, buhdisl.

IR: Keck, VLT, some others. Up to 4 telescopes, for specidla®jects, within a few 10’s
of m. Need to know spacing between telescopes/tbwhich is very hard.

Others: eventually

lion at 10 km:100”

movie screen at the Moo:01”
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XXVII.7 Infrared

targets: warm things. dusty things (blocks optical ligbtemits as IR). Proto-stars, star-forming
galaxies, gas clouds.

A < 5um from ground. After that atmosphere absorbs, need to godoespBetter from high
mountain in any case.

Issues: Wien displacement, peak of BB in the IR from anythirmgmv (300K is 1Qum). So
telescopes, people, sky all make “noise.” Solution is to erthle whole telescope cold, ideally in
space.

XXVII.8  UV/X-ray

Targets: hot thigs. WD, BH, NS.

atmosphere blocks so we mostly need to go to space. X-ragvangharder: cannot make a mirror
to focus the light. Have to uggrazing incidencer other tricks.

XXVII.9  Astronomy Without Photons

neutrinos, cosmic rays, gravitational waves. All hardnifancy.

v and CR: indirect detection. e.g., ICECUBE. 1kaof ice at south pole. strings of light detectors.
Whenv passes through, mostly goes on without interacting. Ocna#ly hits proton, generates
e or u. When it does they will be traveling faster than loealnot ¢ in vacuum). This makes
Cerenkov light, or a blue flash (sort of like a shock wave).
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Lecture XXVIII Extra-Galactic Astronomy

Kutner 20.1, 20.2.1

XXVIII.2 Units and scales

Galaxies and cosmology deal with sizes and masses that érgdry large and very small.

Distance units: AU, distance from Earth to Surmf x 10!' m. Not so useful beyond the solar
system, so we use parsec (pc), distance at which 1 AU subtanadsgle of 1 arcsec: 1 pc =
3.1 x 10 m = 3.26 light years. We are 1.3 pc from Proxima Centauri (re¢atar) and 8000 pc
= 8 kpc from center of Galaxy. For intergalactic distances,use megaparsec (Mpc): 1 Mpc =
3.1 x 1022 m. We are 0.7 Mpc from M31 (Andromeda galaxy) and 15 Mpc from\irgo Cluster
(nearest big cluster of galaxies).

Mass: standard unit of mass is solar mads; 1 M= 2.0 x 10*° kg. Mass of Milky Way~ 10'2
M. Sun also provides standard unit of power or luminosityi. ¥ 3.8 x 10*¢ W. Total luminosity
of Milky Way, L. = 3.6 x 10'° L. (Approximately how many stars are in the galaxy?)

Time: 1 year =3.2 x 107 s. In a cosmological context we use Gyr, 1 Gyre? yr = 3.2 x 10'% s.
The Universe is 13.7 Gyr old.

XXVII.3 Olbers’ Paradox: Why is the sky dark at night?

Named after Heinrich Olbers, who wrote a paper on the sulnjet826, but first proposed by
Thomas Digges in 1576.

Let's suppose the universe is infinite and static, as Isaacddebelieved; a universe that isn’t
infinite will collapse inward due to its own self-gravity. Wdet's compute how bright we expect
the night sky to be in this infinite universe, where every lifiesight ends at a star. Letbe the

average number density of stars in the universe, anfl le¢ the average stellar luminosity. The
flux received here at Earth from a star of luminoditat a distance is given by an inverse square

law:
L

472

f(r) 1)
Now consider a thin spherical shell of stars, with radi@sd thicknesgr, centered on the Earth.
The intensity of radiation from the shell of stars (that i power per unit area per steradian of
the sky) will be

L L
cn-ridr = n—dr. (2)

- A7rr? 47

dJ(r)

The total intensity of starlight from a shell thus dependly @m its thickness, not on its distance
from us, since the /r? for the flux cancels the? for the area. So if the Universe extends infinitely
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far away, we will end up with infinitely many shells, and théaidight on Earth will be infinitely
bright.

We have shown that the night sky is infinitely bright. Why isstivirong? Discuss.

e Stars have finite size, so we don't actually have an unolisalme of sight to all stars. But
still, each line of sight ends at a star, so sky should havetinace brightness of a typical
star.

¢ Interstellar matter that absorbs starlight? No, becalesmtitter would be heated by starlight
until it has the same temperature as the surface of a stathanda would emit as much light
as it absorbs and glow as brightly as the stars.

e Assumed that number density and mean luminosity of starsargtant throughout the uni-
verse; distant stars might be less numerous or less lumthansearby stars.

e Assumed that universe is infinitely large. If universe has si,.., then the total intensity of
starlight we see in the night sky will b& ~ nLr,../(47). Note that this result will also be
found if the universe is infinite in space, but is devoid ofstaeyond a distance, ..

e Assumed that the universe is infinitely old. When we see statisdr away, we're also seeing
stars farther back in time. If universe has finite agantensity of starlight will be at most
J ~ nLcty/(4m). Also applies if stars have only existed for time

e Assumed that flux of light from a distant source is given byeise square law; i.e. we have
assumed that the universe obeys laws of Euclidean geomarthat the source of light is
stationary with respect to the observer. Einstein showatuhiverse may not be Euclidean,
and if the universe is expanding or contracting then thet Wgh be red or blueshifted to
lower or higher energies.

e Primary resolution: universe has a finite age, and the ligim fstars beyond some distance—
called the horizon distance—hasn’'t had time to reach ushpedt person to suggest this was
Edgar Allen Poe in 1848: “Were the succession of stars esdiesn the background of the
sky would present us an [sic] uniform density ...since tloen@ld be absolutely no point, in
all that background, at which would not exist a star. The antyde, therefore, in which,
under such a state of affairs, we could comprehend the volishvour telescopes find in
innumerable directions, would be by supposing the distafitee invisible background so
immense that no ray from it has yet been able to reach usat all.

XXVIIl.4 Basic observations
The cosmological principle:

e The Universe is homogenous. There are no preferred logatiba universe looks the same
anywhere.
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e The Universe is isotropic. There is no preferred directitwe: universe looks the same in all
directions.

This is only true on large scales; obviously not true on tredesof a person or a planet or even a
galaxy or cluster of galaxies. On scalesofil00 Mpc, Universe is homogenous and isotropic; this
is roughly the scale of superclusters of galaxies and thasvoetween them.

Also called the Copernican principle, after Copernicus, watednined that the Earth is not the
center of the Universe. There is no center.

e Galaxies show a redshift proportional to their distance.

Consider light at a particular wavelength observed from #adtsgalaxy: A\, is the observed
wavelength of some absorption or emission feature in thexga spectrumal,,, is the wavelength
at which that feature is measured on Earth. In geneal, # \..,; the galaxy has adshift =
given by

p= 28 fem 3)

Most galaxies have redshifts—this is because the Univeregganding.

In 1929 Edwin Hubble plotted galaxy redshifts against tdetance (redshifts are easy to measure,
but distances are hard), and showed that the redshift ofexyalas linearly proportional to its
distance. This is now known as Hubble’s law:

Hy

Z=—_T, (4)
Cc

whereH, is a constant now called théubble constant

If we interpret redshifts as Doppler shifts (not strictlyer but we’ll talk about that later), = v/c
and Hubble’s law takes the form
v = Hyr, (5)

whereuv is the radial velocity of the galaxy. Therefore we can geHhbble constant from dividing
velocity by distance, and it has the units km $/pc—! (note that the actual units are inverse time).
Hubble’s original estimate wad, = 500 km s! Mpc™!, but he was severely underestimating
the distances to galaxies. The Hubble constant has beeruradasith precision only in the last
~ 10 years; the best current valuefig = 70.471% km s~ Mpc~! (2010, from WMAP seven-year
results, with priors from other estimates).

We can also use the Hubble constant to define a time. If galaate moving apart from each
other, they must have been together at some point in the @assider two galaxies separated by
a distancer and moving at a constant velocitywith respect to each other. The time elapsed since

the galaxies were in contact is
o= T . T . _1
LT Hyr 07

(6)
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independent of. The timeH, ' is called theHubble time, and is an approximate timescale for
the age of the Universe (it is only equal to the age of the Uswéf galaxy velocities were the
same at all times in the past), ' = 13.8 Gyr.

Let's use this to return to Olbers’ paradox. If the univessefifinite aget, ~ H,', then the night
sky can be dark, even if the universe is infinitely large, isedight from distant galaxies has not
yet had time to reach us. Galaxy surveys tell us that the losiiiy density of galaxies in the local
universe is

nL ~ 2 x 10® Ly, Mpc™® (7)

This luminosity density is equivalent to a single 40 wathtigulb within a sphere 1 AU in radius.
If the horizon distance isy ~ ¢/ H,, then the total flux of light we receive from all the stars from
all the galaxies within the horizon will be

Flal ~ nLHi ~ 9 x 10" Ly Mpc™2 ~ 2 x 107 L, AU~2, (8)
0

By the cosmological principle, this is the total flux of stght you would expect at any randomly

located spot in the universe. Comparing this to the flux weivedeom the Sun,

1L

Fom = T A2
4TAU

~ 0.08 Ly, AU2, 9)
we find thatF,. / Fu., ~ 3 x 1071, Thus, the total flux of starlight at a randomly selected fioca
in the universe is less than a billionth the flux of light weeie from the Sun here on Earth. For
the entire universe to be as well-lit as the Earth, it wouldeha be over a billion times older than
it is, and you'd have to keep the stars shining during all tima.
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Lecture XXIX Content & Structure of the Milky Way

Kutner 16

XXIX.2 What is a galaxy?

A collection of stars £ 10° to ~ 10'2, roughly), gas, dust and dark matter, held together by
gravity. Bigger than a star cluster, smaller than a clusteyatdixies. (This question isn’t entirely
settled; see http://arxiv.org/abs/1101.3309v1) Theechandreds of billions of galaxies, but we’ll
start with an overview of our galaxy, the Milky Way.

XXIX.3 Early observations

On a dark night, the Milky Way can be seen as a luminous bandybf &cross the sky. This
was calledgalaktikos kuklosn ancient Greek, meaning “milky circle;” this is the origuf the
work “galaxy.” Galileo observed the band to be made up of madividual stars. A hypothesis
that explains the Milky Way is that the sun is embedded in a thsk of stars; when we look
perpendicular to the disk we see few stars and the sky is ddmike we see many stars when we
look into the plane of the disk. This disk of stars is a majanponent of the galaxy.

XXIX.4 Star counts

First and simplest method of determining the size and shbthe@alaxy.

XXI1X.4.1 The size and shape of the Galaxy from star counts

Start with some simplifying assumptions:

e All stars have the same absolute magnitdde Not generally true, but we can choose to
look only at a particular type of star.

e The number density of starsis constant within our Galaxy.

e There is no absorption of starlight by dust. (Dubious!)

A star of absolute magnitud& will have an apparent magnitude when it is at a distance
d= 100.2(m—M+5) pc (10)

(this is just a rearrangement of the distance modulus).\Estar closer thad will be brighter than
m. So the total number of stars brighter tharwill be

4 4
N(<m) = %dgn = 2Ty 06m—M~+5), (11)

3 Y
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or
log N = 0.6m + constant (12)

By going 1 magnitude fainter you should increase the numbstan§ you see in a given patch of
sky by a factor ofl0%6 ~ 4.

Now suppose there are no stars beyond a distdpge This will mean there are no stars fainter
thanm,,.., where
Mmax = M +5 IOg dmax -9 (13)

(of course this requires that your survey is sensitive ehaogletect stars fainter than,,., if they
were there). So if we findh,,,,, for a particular patch of sky, we can fingl,.. in that direction:
o = 1002(mmax=15) e (14)

This method was used by William and Caroline Herschel in ttee18th century, and more quan-
titatively by Jacobus Kapteyn in 1922. Both determined thatS3un was near the center of a small
disk of stars approximately 5 times larger in diameter thavas thick.

Is this right? Why not? Dust!

XXIX.5 Globular cluster distribution

Between 1915 and 1919, Harlow Shapley arrived at a bettenatiof our place in the Milky
Way using the distribution of globular clusters (compaphexical clusters of old stars whose dis-
tances can be estimated because they contain variableviase periods depend on their absolute
brightness—more on that later). Shapley noticed that déwlmusters aren’t distributed uniformly
across the sky; instead they're concentrated in one halffeo$ky, centered on constellation Sagit-
tarius. He concluded that the globular clusters were altiobthe center of the galaxy, which lies
in the direction of Sagittarius. He also measured the diststo the globular clusters to estimate
the size of the galaxy; got it a bit wrong, since he thought RR Lyrae stars were brighter than
they are, but had the order of magnitude right. We are abogic&rom the center of the Milky
Way.

Still use both of these methods, with better understandihgsist absorption and distances.

XXIX.6 Components of the Galaxy

The Galaxy has three basic components: disk, halo and bulge.

XXI1X.6.1 The Disk of the Milky Way

e Most luminous component of Galaxy
e Radius~ 25 kpc, stars to 15-20 kpc

e Gas disk of galaxy, seen in emission from neutral hydrogetenels further, ta? ~ 25 kpc
from the Galactic center
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e Thickness of disk is small compared to its radius: most sieedess than 0.5 kpc from the
midplane of the disk

e Studying stellar properties as a functionzothe distance from the midplane, shows that the
disk can be further divided into two componentsthan disk containing stars of all ages
including stars that are currently forming, anth&ck disk made up of stars older than 5
Gyr.

e Near the Sun, the distribution of stars in both the thin aickttlisks falls exponentially with
distancez from the midplane.

— Thin disk: n(z) = nnin exp(—|z|/hwin), Where the scale heighy,;, ~ 350 pc and
niin 1S the number density of thin disk stars-at= 0. (Scale height: the height at
which the density drops by a factor ef! ~ 0.37.)

— Thick disk: n(z) = npic exp(—|z|/hnick ), Where the scale heighty;. ~ 1 kpc.
— In the midplanen i, ~ 10np;ick.
— Sun is member of the thin disk and is about 30 pc above the amepl

e The disk shows spiral structure, with star formation cotiegad in the spiral arms. We'll
talk about this more when we discuss spiral galaxies.

e The disk also contains gas and dust. Gas mostly neutral ggdr@nd/q,s; / Mas >~ 0.007.

XXI1X.6.2 Bulge

e Galaxy has a central bulge, about 1 kpc in radius, extendingeaand below the disk.

Scale height ranges from 100 to 500 pc, depending on agearefreeasured. Younger stars
have smaller scale heights.

Tiny nucleus in the center, bright at radio wavelengths. é&/mm that later.

Difficult to observe because of large amounts of dust exonct

Contains a mixture of stars of different ages

XX1X.6.3 Halo

e Roughly spherical distribution of stars

e Radius~ 100 kpc

e Same luminosity as bulge, but volume10° times larger
e Old, low metallicity stars

— Metallicity Z: fraction by mass of elements heavier than helium
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— Universe is about 74% H, 24% He, 2% other elements
— Big Bang produced H, He, a bit of Li—all heavier elements fornmestars

— Stars form out of gas, create heavy elements, and returdaheents to the gas when
they die, so metallicity increases with each generatiotasffermation: good estimate
of the age of a stellar population

— Population | stars are young and metal-righ% 0.01), population Il stars are relatively
old and low in metals4 < 0.001).

— Thin disk is Population 1, halo is Population Il, thick digkintermediate.
e Globular clusters

— Spherical clusters of old stars located in halo
— Atleast 150
— Ages range from 11 to a little over 13 Gyr old (age of univer3&/ 1Gyr).

e Dark matter. About 95% of the mass of the Galaxy. More on thiair]
XXI1X.6.4 Mass-to-Light Ratios

A simple way to get information about the types of stars rasjae for the generation of light.
Consider the thin diskd/ ~ 6.5 x 10'° M, (stars and gas), and (blue) luminoslty = 1.8 x 10'°
L. Divide these (always in solar units!) to get the massgbtlratio M /Lg ~ 3 My/L (the
unitsM /L, are usually implied).

Recall (or learn...) that a star’s luminosity depends stiyaog its mass:

L M\*
— == (15)
Lo Mg
wherea ~ 4 for M 2 0.5 Mganda ~ 2.3 for M < 0.5 M. Solve forM and substitute our
observedV//L to find an average mass

(M) = (M/L)V=*) Mg, ~ 0.7 M, for M/L = 3 (16)

assumingy = 4, which indicates that the disk is dominated by stars shgless massive than
the sun. Makes sense, since low mass stars are the most coamehdn dwarf stars are the most
common type of star observed near the Sun.

What would an) /L much, much higher than this mean? What's #i¢ L of the whole galaxy
(total mass~ 10'2 M, total L ~ 2 x 10'° L)? What would a lowed//L mean?
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Lecture XXX Kinematics of the Milky Way

XXX.2 Differential Galactic rotation

Now we’ll look at rotational motion in other parts of the G&ja The basic principles of Galactic
rotation were determined by Jan Oort in 1927. Different sypkrotation:

¢ Rigid body rotation: rotation as a single solid body, like aeeh with a constant angular
speed an® « R, so stars on larger orbits would move faster.

¢ Keplerian rotation: all mass concentrated at the cedter{ constant)® o« R~/ and stars
farther from the center move more slowly.

e Constant orbital speed® = constant) « R. This is a reasonable approximation for most
of the Galaxy.

XXX.3 Measuring Galactic rotation
XXX.3.1 21-cm H emission

It's hard to see stars to large distance (especially towsed3alactic center) because of dust ex-
tinction, so a better way to map the structure of the Milky Vi&yy looking at gas. We use
radio telescopes to look at 21-cm emission from neutral ¢yyein (digression: electron spin flip
of neutral H), and by looking at the shifts in wavelength af #1 cm line we measure the radial
velocities of gas clouds along a line of sight. We have to bieemiore general expressions for
andu;, for this, since the gas clouds won't necessarily be neartime S

Toward the inner part of the Galaxy, radial velocity will benaximum at the point along the line
of sight closest to the Galactic center, ahé= R, cosl. The line of sight is tangent to the orbit
at this point, so the velocity is purely radial and we are ragag the actual rotational velocity at
this point. This is called the tangent point, and this istdr@gent point method of determining
Galactic rotation. We measure lots of lines of sight, andiagsthat clouds with the highest
velocities are at the tangent point. For clouds with lowdoeiies, there is some ambiguity since
we don’'t know the distance to the cloud; can try to estimateoih the angular size, but not all
clouds are the same size. Also harder for outer part, sireze th no unique orbit with a maximum
radial velocity. Really do need to know the distance to thedlden.

XXX.3.2 The rotation curve and dark matter

A plot of rotational velocity vs radius is called a rotationree. Measurements of velocities of
objects atR > R, (Cepheid variables for which we can measure distances.laiexpepheids?)
show that the rotational speé| R) doesn't significantly decrease with distance bey@&jd This
was a big surprise.... if most of the mass were concentratete center, stars would follow
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Keplerian orbits and velocity would decrease with incregsiadius a® « R~/2. Instead the
rotation curve is flat to the edge of the measurements. Thpsiesithat there is significant mass
beyondR,—the dark matter halo.

Other spiral galaxies also have rotation curves like thig’IMalk about what this implies about
the distribution of mass in the outer parts of galaxies whertalk about spiral galaxies later.

Note also that near the center of the galaxy, the rotatioedpiees rapidly with radius. This is
consistent with rigid body rotation, and implies that thed tass is roughly spherically distributed
and the density is nearly constant. Which brings us to thedBaleenter.
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Lecture XXXI The Galactic Center

Kutner 16.6

e Hard to observe because of dust. 30 magnitudes of extin¢tibri? of light gets through)
in optical, so must observe either at IR wavelengths or lo(rgelio), or in X-rays ory-rays.

e Observing in IR shows that number density of starsv 107 pc=3. Comparen ~ 0.1 pc?
near the Sun.

e Density of stars rises toward the centerras® to a radius between 0.1 and 1 pc; this is
roughly the distribution expected from dynamical considien of the rapidly rising, “rigid
body” portion of the rotation curve.

e Strong radio source callegagittarius A at the center of the Galaxy

— About 8 pc across, with more extended structure to00 pc

— Synchrotron emission, produced by relativistic electranselerated by a magnetic
field

— Also emission from molecular and ionized gas
— Complex structure, evidence for recent violent event

o Within Sagittarius A is a highly compact radio source caBajittarius A* (Sgr A*)

— Angular size measured from radio interferometfys- 0.8 milliarcsec~ 6 AU.

— Sagittarius A* is also an X-ray source, and varies on a tirkesc 1 hour, which means
d < ct wheret is 1 light-hour; sal < 7 AU.

— Luminosity (Sgr A* alone)< 3 x 10* L, (variable...)
e Sagittarius A* is probably an accreting supermassive blextk

— We can measure the orbits of stars near Sgr A*: e.g. S2 hasreganiaxisa = 920
AU, period P = 14.5 yr. From Kepler’s 3rd law, using this and other stars near/Sgr
we calculate the enclosed mass:

MSgrA* =3.7+02x 106 M@ (17)

— All stars are on Keplerian orbits, therefore mass is a siogigral object
— One star comes within 45 AU of Sgr A*, so size must be smallen tinat
— Must be a black hole — only way to get that much mass in thatlssmallume
e We can calculate the Schwarzchild radius (radius at whieletitape velocity is equal to the
speed of light; the event horizon of the black hole):

2GM
Rsgrax = CQBH = 0.08AU = 16 R, (18)

This is below the~ 2 AU resolution limit of current observations.
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e Where does all the energetic radiation come from? Accretido the black hole. Let's
check. Virial theorem: total energy of a system is equal Bothé (time-averaged) potential
energy,Ei. = 1/2 U. Consider a particle of mas¥ spiraling onto a black hole from an
initial radiusr; to a final radius-;. According to the virial theorem, the energy radiated is
half the change in potential energy,

1 (GMguM MpuM
E:—(G BH _G BH ) (19)
2 Ty T
Assumer; > ry andr; = rg, the Schwarzchild radius. Then
1 GMguM
E = _Gi, (20)
2 Ts

Assume luminosity i, = dF/dt and mass accretion rate i = d)M/dt, and substitute
the expression forg:

dE 1 (GMgy)\ [ dM 1.,
dt 2( rs )( dt ) 1 (21)

The observed accretion rateli® > to 1072 M, yr~!. If we assuméll ~ 1072 M, yr~! we
find L ~ 3 x 10° L, much higher than the observed luminosity of Sgr A8of 10 L. So
first, accretion can easily provide enough energy to acdoutie observed luminosity, and
second, the energy release from accretion isn't as effieemte’ve assumed in this order of
magnitude calculation.
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Lecture XXXII Types of Galaxies and the Hubble Sequence
Kutner 17.1
XXXII.2 Are there other galaxies outside the Milky Way?

Yes.

XXXII.3 The Hubble sequence

Once it was known that there were other galaxies out therenegded to classify them. Goals of
a galaxy classification scheme:

Impose order

Reveal correlations between properties or evolution

Classification should be complete—include every galaxy

Classification should be economical—don't include irretdgvdetails (how do we know
which details are irrelevant?)

In 1926, Edwin Hubble suggested a classification schemehniBistill used today. This is a
morphological classification scheme which divides gasxito categories based on their overall
appearance. Three general categories, with subdivisions:

e Ellipticals (E)

e Spiral, divided into normal spirals (S) and barred spir&ls)(

e Irregular

Galaxies intermediate between spirals and ellipticalsalled lenticular (SO or Sb0).

The types of galaxies were arranged in a diagram shaped tikareg fork. A galaxy’s classifica-
tion according to this scheme is called its Hubble type.

Hubble originally thought that this might be an evolutionaequence, and therefore called ellip-
tical galaxiesearly typesand spiral galaxiekte typeqwith Sc later than Sa). This isn’t true, but
astronomers still use the early and late terms to descrésettypes of galaxies.
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XXXII.3.1 Elliptical galaxies

Elliptical galaxies are classified according to their okedellipticity . We measure the major axis
a and minor axi$, and define the ellipticity

e=1-b/a. (22)
We classify the galaxy asiE wheren = 10(1 — b/a), rounded to the nearest integer.
There are no ellipticals seen with shapes flatter than E7.

Obvious problem: classification depends on our viewing engihd the observed ellipticity may
not be the actual ellipticity of the galaxy. Note though tte true flattening is always greater or
equal to what we observe.

Elliptical galaxies ardriaxial : spheroids with axes, b andc. For a sphereg = b = ¢. Galaxies
may beoblate or prolate. A perfectly oblate galaxy has = b andc < a: flattened sphere. A
perfectly prolate galaxy hds= c anda > b: one axis extended, like a football. These two galaxies
can look the same, depending on the viewing angle.

Wide variety of elliptical galaxies: giant ellipticals afee biggest galaxies in the universe, smallest
dwarfs comparable in size to globular clusters. Mass randé” to ~ 10! M.

XXXI1.3.2 Spiral galaxies

Features used to classify spiral galaxies:

e Bulge-to-disk ratio,B/ D, the ratio of the luminosities of the bulge and the disk. lestg
Lbulge/Ldisk ~ 0.3.

e Smoothness of the distribution of stars. Reflects curremtfgtenation, since bright spots
are regions where hot, bright young stars have just formed.

e Pitch angle of spiral arms: how tightly wound the spiral aans

Galaxies with the largest bulge-to-disk ratios, smoottsshiar distributions, and most tightly
wound spiral arms are Sa (or Sha). Sc (and Sbc) galaxies halees B/D (Liuige/ Laisk ~ 0.05,
loosely wound spiral arms, and the spiral arms are clumpypearesolved into stars and Hll re-
gions (HII, ionized hydrogen—compare HI. Hot young stargze the gas around them, and these
are called HlIl regions.)

Spiral galaxies are large, with massesl0’ to ~ 10'2 M., and don’t vary as much as elliptical
galaxies. M31 (Andromeda) is Sh. Milky Way is probably SBbc.

XXXII.3.3 Irregular galaxies

Remaining galaxies were called irregular, placed off to te ef the diagram. These are usually
not very large, but can vary widely.
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XXXIl.4 General trends

e Spiral galaxies are generally blue, ellipticals red
e Spirals have more dust and gas than ellipticals
e Most current star formation occurs in spirals

e These things are related!

Lecture XXXIII.4
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Lecture XXXIII Spiral Galaxies |

Goal: understand the 3-d structure of galaxies—how do wéogéis from what we observe?

XXXII.2  Surface brightness

Easiest to observe: the 2-d surface brightness of a galaxy.

Surface brightness: luminosity per unit area (e.d.opc2). Also usedu, magnitudes per square
arcsecond. This is what we actually measure.

Surface brightness of night sky isn’t zero (depends on vesagth), so hard to observe faint galax-
ies. May have to subtract background.

For nearby galaxies (when we can neglect cosmologicaltsjfearface brightness does not depend

on distance: q L .
ux
Y — ~ ~ ~ constant 23
62 area/d?>  area (23)

6? is the angular area of the source. Flux from a patch of skyedeses a$/d?, but angular area
of the patch also decreasesldg?, so surface brightness constant.

XXXI1.3  Kinematics of spiral galaxies

Measuring the surface brightness profiles of galaxies tellabout the distribution of luminous
matter, but not about the total distribution of mass. In otdaneasure this, we need to study the
kinematics of galaxies.

We saw that the rotation curve of the Milky Way flattens at éargdii, with a constant rotational
velocity of ~ 220 km s™! . In the 1970s and 80s Vera Rubin showed that spiral galaxiesrghy
have flat rotation curves (surprise!), and that therefoeeetls a lot of mass beyond the luminous
matter we can see.

What do flat rotation curves tell us about the mass distrib@iGonsider a particle of mass, in
a circular orbit at radius around a spherically symmetric mass distributidn The gravitational

force on the particle is
GMm

F, grav — 2

(24)
T
and the centripetal force is

Fo="" (25)
T

wherev, is the (constant with radius!) circular velocity of the pelg. These forces are equal:
GM
v = . (26)

¢ r

We can use this to determine the dark matter density profiledrouter parts of the galaxy.
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Solve forM and differentiate:

g = U—g (27)
We also know ny
= 42 p(r). (28)
Setting these equal,
U—Gg = dnr?p(r) (29)
and 2
pr) =~ (30)

So we've shown that the density of dark matter goes ast large radii! This is called aisother-
mal sphere—constant velocities inside sphere.

It’s often suggested that the density profile of dark matso$ may be universal, i.e. the same
over a wide mass range. Still a matter of debate, but a conynmad form is theNFW profile
(Navarro, Frenk and White, 1996):

Lo
= . 1
pnew (1) = A v ja)? 1)
This behaves like an—?2 profile over much of the halo, but is shallower (L /r) near the center
and steeper~ 1/r?) near the edge.

XXXII.4  The Tully-Fisher relation

Vera Rubin’s work also showed that the maximum rotationabeigy of spiral galaxies depends
on the galaxy type and luminosity: spirals of earlier typgehkargerv,,.,, and more luminous
galaxies have larger,,..,.

The correlation between the luminosity and maximum rotetioselocity of spiral galaxies is
known as thélully-Fisher relation (1977). In luminosity terms, this is approximatelyx v,

though the details depend somewhat on the type of galaxyrenband. As usual in astronomy,
we plot this logarithmically to make it a straight line:

Mp = —10.210g Vyax + 2.71 (32)

for Sb galaxies (other types in C & O). Recall = Mg, —2.5log(L/L), SOL o v* is equivalent
to M = —10log v+ const.

Better at IR wavelengths: less affected by dust, and thedigimes from stars that are a better tracer
of the overall luminous mass distributiom{band light is mostly from young stars in regions of
recent star formation).

Note also: distance indicator! If we can measure the maximotational velocity of a spiral
galaxy and have reason to believe it should fall on the ThIRer relation, we can estimate its
absolute magnitude and thus its distance.
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Can we understand where this relationship comes from?

We saw above that for flat rotation curves,
v = ——. (33)

We write M = (M/L) x L, andL = Xxr?, whereX. is the average surface brightness (luminosity
per unit area of the galaxy), $6 = L/(X7). Then square both sides and substitute:

G?*M? Y
4= 5 :Gz(M/L)QLQT = |G*(M/L)*%r| L, (34)

v

o

r

or L < v!. Notice that we've assumed that all galaxies have the s&ine and the same average
surface brightness, neither of which is true—so the fadtttiia is actually observed is somewhat
surprising. Another way to think about this: the radius in otiginal expression for velocity is the
radius enclosing all the mass, while the radius we've useth#luminosity (surface brightness) is
the radius enclosing all the light—these aren’t the sameh&#tact that this correlation is observed
suggests that the total mass-to-light ratios don’'t acuadty all that much.

This also explains some of the variation with Hubble type abderved band, sinc&//L and
surface brightness depend on these things.
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Lecture XXXIV Spiral Galaxies Il

Kutner 17.3
The spiral structure of spiral galaxies varies.

The classic spiral galaxy is calledgaand design spiral with two symmetric and well-defined
arms. Others have more than two arms, or arms that appeandragd. Galaxies without well-
defined arms that can be traced over a large angular distamcaledflocculent spirals

Grand designz 10%
Multiple arm: ~ 60%
Flocculent:~ 30%

Optical images of spiral galaxies are dominated by the asspecially in blue light, because
massive, hot (O and B) stars are found in the spiral arms. T$tase live for only~ 10 Myr, so
their presence indicates active star formation. The butksi of the galaxy is dominated by older,
redder stars. Spiral arms also have gas and dust.

XXXIV.2 Trailing and leading spiral arms

There are two possibilities for how the spiral arms can berteid with respect to the rotation of
the galaxy. The tips dfailing arms point in the opposite direction from the direction of rote;
andleading armsare the opposite. Intuitively, it looks as if the arms shadogdtrailing, and this
is the case in most galaxies in which it can be measured. A Baxigs have a combination of
leading and trailing arms, however; this is probably a tesiuiAn encounter with another galaxy.

XXXIV.3 The winding problem

An obvious suggestion is that spiral structure is due toggi@laotation. Differential rotation, with
stars closer to the center of the galaxy moving faster, aillirally generate spiral arms. Problem:
after a few orbits, the arms will be too tightly wound to be ebved (recall Sun has orbited Milky
Way ~ 20 times). This is called thevinding problem. This also shows that the spiral arms can'’t
be fixed components of the same stars and gas.

XXXIV.4 The origin of spiral structure: density waves

Leading theory for the origin of spiral structure is thia-Shu density wave theory This says that
spiral structure is due to long-livegliasistatic density waves These are regions in the galactic
disk where the mass density44.0 to 20% higher than average. Stars and gas clouds movethrou
these regions of enhanced density as they orbit around titeroaf the galaxy. This is like cars
moving through a traffic jam—the density increases in th#fi¢rfam, and the cars slowly move
through it, but the traffic jam itself doesn’t move (much).

Define theglobal pattern speed(},,: this is the angular speed of the spiral pattern. Viewed in a
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noninertial reference frame rotating wih,,, the spiral pattern is stationary.

The stars aren't necessarily stationary, however. Stansthe center of the galaxy can have orbital
speeds shorter than the density wave patt@rn-(2,,), so they will overtake a spiral arm, move
through it, and continue on until they reach the next armrs3& from the center of the galaxy
will be moving more slowly than the density wave patteém< €2,,), so they will be overtaken by
the spiral arm. At some distance from the center the starshendensity wave will have the same
angular speed. This is called therotation radius (R.). In this noninertial reference frame, stars
with R < R. will appear to pass through the arms moving in one direcaon, stars withk > R,
will appear to move through in the opposite direction.

This theory explains observations:

e Star formation is concentrated in spiral arms: as gas indhaxg passes through the density
wave it's compressed, and this increase in density makegri frkely to collapse and form
stars.

e Distribution of star formation: collapse of gas into staakds some time, so star formation
will be observed somewhat downstream from the leading etitteespiral arm.

e O and B stars concentrated in spiral arms, red stars disgdkthroughout disk: The most
massive O and B stars don't live very long, so they don’'t hawe to pass entirely through
the spiral arm and become generally distributed througtimugalaxy. Longer-lived, redder
stars do.

Where does the density wave come from, and how is it maint@ined

Very generally speaking....

e Stellar orbits about the center of the galaxy aren’t peljeztcular (we saw before that the
Sun has a peculiar velocity (the solar motion) with resped¢ié local standard of rest).

e We can describe these orbits as motion about an equilibriositipn that is moving in a
perfectly circular orbit.

e This is simple harmonic motion—oscillations superimposed perfectly circular orbit.

e The resulting motion of the star is a non-closing rosettéepat when viewed in an inertial
frame.

¢ In a noninertial frame (rotating with pattern speeg), the orbits are closed (they overlap,
the star returns to the same place it was before) and edlipfithese orbits can have major
axes aligned, producing a bar structure, or each one candiedaelative to those next to it.
This produces a spiral patterned density enhancement whathtionary in the noninertial
frame. Pattern depends on the number of oscillations pér orb
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Lecture XXXV Elliptical Galaxies

According to the Hubble sequence, elliptical galaxies dassified only by their degree of ob-
served ellipticity. This turns out to be not particularlyefid; unlike the properties used to classify
spirals, the observed ellipticity shows very little coatsbn with other properties of the galaxies.

Elliptical galaxies have a much wider range in mass tharakpiA lot of different types:

e Cd galaxies These are the biggest and most massive galaxies in therseivieare, found
near the centers of large galaxy clusters. Can be nearly 1 Blpss, have masses between
10'* and10'* M. Very high mass-to-light ratios, implying lots of dark reatt

o Normal ellipticals. Centrally condensed, high central surface brightnesss kagel 0° to
10" Mg, sizes from< 1 kpc to almost 200 kpc)// L ranges from 7 to- 100.

e Dwarf elliptical (dE) . Lower surface brightness than normal ellipticals, masgea0’ to
10° M, sizes~ 1-10 kpc.

e Dwarf spheroidal (dSph). Very low luminosity, low surface brightness; detectedyamar
the Milky Way. Masses- 10’-10® M, diameters 0.1 to 0.5 kpc.

e Blue compact dwarf galaxies (BCD) Small and unusually blue, indicating rapid star for-
mation. Masses- 10° M, sizes< 3 kpc. Large gas masses and I/ L, consistent with
their high star formation rates.

XXXV.2 Dynamics of elliptical galaxies

Unlike spiral galaxies, elliptical galaxies generally @tecoherently rotating—the stars are on
random orbits. To measure the velocities of a system like this, we usedhecity dispersion

02

5 () (35)

This should look familiar; this is the expression for theiaace of a population ¢; — (v) is the
difference between the velocity of thi star and the mean velocity of the system). So the velocity
dispersiorns is equivalent to the standard deviation of the velocityribstion.

This is measured from the widths of absorption or emissioeslin the spectrum of a galaxy—the
light from each star will be Doppler shifted due to the vetpaf that star, so for a wider range of
stellar velocities, the total width of a line produced byrstaill be broader.

How do we estimate the mass of a system like this?

Virial theorem
—2(KFE) = (PE). (36)
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For a galaxy ofV identical stars of mass: and with no coherent motionsy) = 0, the kinetic
energy is

N
1
(KE) = Zémvf (37)
i=1
= gmcﬂ (38)
2
— Mt;t" (39)

Potential energy?

Consider the potential energy of a spherical shell at radissirrounding a massd/(< r). The
mass of the shell igm = 4xr2dr x p(r). The potential energy is

3(GM?
(PE) = — (%) (40)
The3/5 factor is a little tricky, but the rest is easy.
Now return to the virial theorem:
—2(KFE) = (PE). (41)
So ) )
<[] ()

for a spherical, constant density galaxy (can work out mooeigate versions for arny(r)).

Rearranging: I
g
Ma = |5 43)

Bigger mass= Larger velocity dispersion.

Now consider the total velocity dispersion. For a spheyatem, the stellar velocities have three

components:

o? = af + Ug + 0‘; (44)

o2 is theradial velocity dispersionand is the only one we can measure (the other two are perpen-
dicular to our line of sight). In general,

o7 # 05 # 05, (45)

However, ifo? = o = o7 (isotropic velocity dispersion),

o = 302 (46)
and SRy
g

Mot = . 47

o = 2 (47)
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The mass obtained this way is called theal mass.

Problem: velocity dispersions aren’t necessarily isatrep significant uncertainty in measuring
M.

XXXV.2.1 What flattens elliptical galaxies?

Rotation, as with disks? Or an anisotropic velocity distiitm? Clearly it's not rotation at least
some of the time. Example: Luminous E4 galaxy NGC 1600 (fetas$sification of ellipticals,
ellipticity e = 1 — b/a, wherea is major axis and is minor axis; classification is/E where
n = 10(1 — b/a). So an E4 galaxy has ellipticity 0.4) h&s; = 1.9 £ 2.3 km s andV,,; /o <
0.013—no significant rotation, and yet significantly flattened. @amalize this a bit. Expect that
for a rotationally flattened system witih ellipticity

1/2
Viot %( ¢ ) (48)

o 1—e¢

So if an E4 galaxy is rotationally flattened, it should hayg /o ~ 0.8, much higher than the
observed/;; /o < 0.013. So NGC 1600 and similar luminous ellipticals are not flatttbecause
of rotation; must have some other cause.

Ellipticals that aren't flattened by rotation may be flatteér®y velocity anisotropy. Example:
start with a rotating, flattened galaxy. Take half the stadsratate them in the opposite direction.
Kinetic energy is the same, and the galaxy is flattened by @ah@esamount, but there is no net
rotation, and the circular velocity dispersion is now mudfpgler than the vertical one. Things
like this are actually observed—*“counter-rotating coresind probably indicate a prior merger or
accretion of another galaxy. Ellipticals can have compdidaorbital structure—different fractions
of stars on radial and various circular orbits.

Low mass ellipticals are generally flatted by rotation, higdiss by velocity anisotropy.

Galaxies are considered to Ibetationally supported or pressure supported depending on
whether their stellar velocities are mostly ordered rotabr random motions.

XXXV.3 Scaling relations for elliptical galaxies

There is a relationship for elliptical galaxies similar e tTully-Fisher relation for spirals, relating
the velocity dispersion to the luminosity rather than th&tional velocity. This is thé-aber-
Jackson relatiorn

L x o (49)

This relationship has quite a bit of scatter, and it's foumat tve can reduce the scatter by including
another parameter, the effective radiygremember that this is the radius that encloses half the
light of the galaxy). Observationally, we find

L oc o265 1065 (50)
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for the whole family of elliptical galaxies. This is calldogfundamental plane Both this and the
Faber-Jackson relation can be roughly reproduced by cemsgirelationships between mass and
velocity (from the virial theorem), surface brightness dinel mass-to-light ratio, as we showed
with the Tully-Fisher relation. The fact that this corrédatis observed for such a wide range of
different galaxy types is clearly telling us something irtpat about how galaxies form.
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Lecture XXXVI Gas, Dust and Star Formation In Galaxies

In addition to stars, galaxies contajasanddust, which are both very important to the formation
of stars in galaxies. The gas and dust in galaxies is calledhtbrstellar medium (ISM). The
ISM and the process of star formation are complex and iraanected; they both affect each other.

Gas in galaxies is primarily hydrogen, and comes in threelfasns:

e Molecular: H,—forms in cold, dense regions
e Atomic/Netural: “HI"—single atoms of neutral hydrogen

e lonized: “HII"—ionized hydrogen

All forms coexist in galaxies.

Almost all galaxies have gas, but in amounts varying fronrigezero to being the dominant state
of matter (i.e. nearly all gas, few stars). Ellipticals h#ags gas and spirals have more gas.

XXXVI.2 Phases of the Interstellar Medium

XXXVI1.2.1 Molecular gas

e Very dense 108 to 10! atoms n13) and cold {" ~ 20 K)
e Usually found in clumps called molecular clouds or Giant &tallar Clouds (GMCs)
e This is where stars form—qgas that is dense and cold can sellaqore easily to form stars

e Hard to detect because it has no easily observed emisses lusually detected indirectly
by using carbon monoxide (CO) as a tracer, which has emissies that can be detected at
submillimeter wavelengths.

e Other, more exotic molecules also seerOHH,CO (formaldehyde), E50; (sulfuric acid),
CH, (methane), N5 (ammonia), many others

XXXVI.2.2 Atomic gas

Less dense, warmer than molecular gas. 10° atoms nt3, 7' ~ 100 — 1000 K

Easily detected through the 21-cm emission line with radlescopes—electron spin flip
transition between the ground state hyperfine levels ofdyein

Confined to a thin layer in the plane of disk galaxies

Extends to much larger radii than starlightgood for studying the dynamics of galaxies at
large radii, through Doppler shifting of the 21-cm line
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XXXVI.2.3 lonized gas

e Hot (7" = 1000 K)
e Heated by some combination of

— ionizing radiation, emitted in the ultraviolet (UV), usiyaby very hot and short-lived
stars. Hydrogen ionizing photons have energies greatarBa& eV, or wavelengths
shorter than 9124 (1 A= 1071° m, this is how astronomers measure wavelengths of
optical light).

— kinetic energy: shocks. These can come from supernova@iormaass loss in the late
stages of stellar evolution

e Detected by recombination emission lines (free electrensmbining with nuclei), usually
detected in the optical. One of the strongest and most comiHanthen = 3ton = 2
transition, seen at 6563.

e Three main physical components:

— HII regions—compact, ionized regions near young stars (8ddeaiations). These are
bright spots in optical galaxy images.

— Diffuse or Warm lonized Medium—widely distributed, heatsd‘escaping” UV radi-
ation

— Hot lonized Medium—usually in halo, heated by shocks (galaalo... get more on
this)

These phases are largely in pressure equilibrium with etiadr.o

P = nkT = if in equilibrium, nT" ~ constant, so high densities and low temperatures can be in
balance with low densities, high temperatures.

The ISM is dynamic—phases change and evolve, largely irorespto star formation.
And... the total amount of gas changes with time.

Sources(processes which add gas):

¢ Infall of fresh gas from outside the galaxy

e Return of gas from evolving stars (mass loss from stellar windhe late stages of stellar
evolution, supernovae)

e Accretion of other galaxies
Sinks (processes which remove gas):

e Gas condenses into stars
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e Supernovae, stellar winds blow gas out of the galaxy
e Gas stripped by interactions with nearby galaxies
e Metals in gas condense into dust

The phases of the ISM respond to the current state of staiataym and the rate of star formation
responds to the state of the gas. Very useful to considestéinéormation rate (SFR) in a galaxy.

SFR= mass in new stars formed per unit time, expresseéddnyr—! (51)

Within galaxies and from galaxy to galaxy, there is a closati@nship between the density of the
gas and the amount of star formation. Because most star fiormtakes place in disk galaxies,
this can be expressed in terms of the surface denistiesrdbstaation and gas (gas mass per unit
areaX,,s, star formation rate per unit aréargr). The relationship is called the Schmidt law:
ESFR XX e (52)

gas?

wherea is an exponent that tells us about the efficiency of star ftionghow good galaxies are
at turning their gas into stars).
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Lecture XXXVII The Stellar Populations of Galaxies

How do we understand thategratedlight of galaxies? The colors and spectra of galaxies vary
from galaxy to galaxy—why?

Galaxy light comes from stars, so we can understand the tawolaf galaxies by understanding
the evolution of stars.

Thestellar population of a galaxy refers to the different types of stars which makésilight.

Consider the evolution of a single burst of star formation:

1. A bunch of stars are born simultaneously, with a range afses—Ilots of low mass stars,
few high mass stars

2. When these stars are born, they occupy the zero-age maiarssx(ZAMS)

3. Astime progresses, high mass stars use up their fuel avkesff the main sequence. They
climb the red giant branch (RGB) and asymptotic giant bran€bBA before either blowing
up as a supernova or fading to a white dwarf.

4. As more time passes, progressively lower mass starswoilVe off the MS

Steps 3 and 4 change the proportions of red and blue starsbganeer looking at all the stars at
once will see the colors change with time.

XXXVII.2 The initial mass function

The distribution of stellar masses in a population of nefelymed stars is called thaitial mass
function (IMF) , {(M).

Number of stars with masses betwednandM + dM = Ny £(M) dM (53)

whereN, depends on the size of the burst of star formation.
This is usually written as a power law:

dN
M)=—— =CM- 1+ 54
E(M) = — (54)
wherex may take different values for different mass ranges @nid a normalization constant.
Popular valuezr = 1.35 — Salpeter IMF.

The initial mass function is very difficult to measure! It'ien assumed to be universal — the
same for all bursts of star formation in all environments anall times. There is evidence both for
and against this, and the question really isn’t settled. IMteprobably flattens out at low masses.

Low mass stars are much more common than high mass stars, and rstomass is in low mass
stars.
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XXXVIL.3 Stellar evolution and the color magnitude diagram

How do we interpret the colors and luminosities of a collattof stars? Start by analyzing the
color-magnitude diagram for asingle stellar population— a bunch of stars that all formed at the
same time, for example in a globular cluster.

The color-magnitude diagram is a plot of the color (€3g— V') vs magnitude of a bunch of stars.
This is effectively the H-R diagram, since color is direg#yated to temperature and magnitude is
a measure of luminosity (we'd like absolute magnitude, bilte stars are all at the same distance,
as in a cluster, we can use apparent magnitude instead). Benahwhat this looks like, and the
nomenclature.

We analyze evolving stellar populations througbchrones An isochrone is the locus in the
color-magnitude diagram of a single stellar population aingle point in time. By considering
isochrones of different ages we can see #sah stellar population ages it gets redder

XXXVII.4  Stellar populations in galaxies

Galaxies have more complex star formation histories—tteethad more than one burst of star
formation in the past. We think of these sisms of different single stellar populations with
different ages The relative amounts of older and more recent star formatftect the colors of
the galaxy in the same way:

More star formation long age- redder, fainter (higher M/L)
More star formation recently bluer, brighter (lower M/L)

The past star formation rate as a function of time in a galaxoalled thestar formation history .
Any star formation history can be represented as the sunmgfesstellar populations of different
ages. Combining these sums of stellar population and congptrem with the observed colors of
a galaxy (in as many different bands as possible) is c@dgullation synthesis modelingand is
one of the major ways that we estimate how old galaxies are.

Important: Other things also change the colors of galaxies.
Dust preferentially scatters and absorbs blue lighdlusty galaxies look redder.

Metallicity. Higher metallicity stars are also redder. @iy is higher in stars; photons take longer
to reach the surface. Star puffs up, gets redder. Line btantke

These things, especially dust, need to be included whemptiieg to match the colors of galaxies
with models.
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Lecture XXXVIII Galaxy Spectra

The colors of a galaxy (the integrated light) can tell us abtustellar population, but we can
learn even more information from its spectra. Galaxiesaargas and stars; unsurprisingly, the
spectrum of a galaxy looks like some mixture of the spectidars and clouds of gas, and it varies
depending on the type of the galaxy.

XXXVIII.2 Review: the production of spectral lines — the Bohr atom

Before the reasons for it were understood, it was observddtitiogen gas emitted lines with

wavelengths given by
1 1 1
X—RH(m—ﬁ)’ (®5)

wherem andn are integers withn < n andRy is the experimentally determined Rydberg constant
for hydrogen.

Based on simple quantum mechanics, we can write the kinetiggn
1 e 1 , 1(ur)*> 1(nh)?
p——— v — —

— = - = , 56
8meg T ot 2 ur? 2 pur? (56)
We can solve this for to see that only certain values are allowed:
4megh?
Ty = WEOQ n? = agn?, (57)
pe

whereay = 5.29 x 107! m = 0.0529 nm is the Bohr radius. Only certain orbits are allowed, with
r = ag, 4ag, 9ag, €tc.

We then insert this expression for the radius into our exgioesfor the total energy of the atom to
find the allowed energies:

pet 1
32m2e2h? n?
The integem is the principal quantum number. When the electron is in tloeingd statep = 1

and it takes at least 13.6 eV to ionize the atom. When it’s irfitseexcited statep = 2 and the
atom’s energy is highef), = —13.6/4eV = —3.40 eV.

1
E, = = -13.6eV . (58)

Electrons can move between energy levels. If an electroa fjom a higher state to a lower state,
it emits a single photon with energy = Eygn — Elow, OF

hc
E = 7 = Lon high — En,low- (59)

Using the expression fdt,,, we find

1 pet 1 1
1 B 60
A 64mielhie (nﬁ) ”ﬁigh> ’ o

W
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which is the observed relationship we started with, withdbmbination of constants equal to the
Rydberg constant. Spectral lines of hydrogen appear inrdifteseries: the Balmer series were the
first observed, witm,,,, = 2. The Lyman series has,,, = 1 and the Paschen series has, = 3.
The most commonly observed lines are the Balmer lines in theadpHa is the strongest at 6563
A, then H3 at 4861A, H~, etc.

Electrons can also move from a lower to a higher energy leyalisorbing a photon with energy
equal to the energy difference between two levels.

With this information we can understand the production @csma from hot sources, clouds, and
hot sources seen through clouds.

1. A hot dense gas or a hot solid object producesrtinuous spectrumwith no spectral lines.
This is blackbody radiation, and the spectrum is determinetthe temperature of the object.

2. A hot, diffuse gas produces brigamission lines when electrons make downward transitions
from higher to lower orbits. If the cloud is near a strong seuof radiation, the electrons will be
continually excited by photons, and emit photons as they takback to lower orbits. These are
calledrecombination lines

3. If diffuse gas is seen in front of the source of radiatidrwiil produce absorption linesin
the continuous spectrum of the hot object. These occur wieatom absorbs a photon and the
electron makes a transition from a lower to a higher energglleThis is the case with a star:
diffuse gas in the stellar atmosphere produces an absodpt® spectrum against the continuous
blackbody spectrum of the star itself.

(These are Kirchoff’s laws.)

XXXVIIL.3 The real world — applications to galaxies

Spectra of galaxies look like spectra of stars and gas. Ebeamp

Spectra of elliptical galaxies have strong absorptiorsljmieie mostly to metals in the atmospheres
of cool, low mass, low luminosity stars.

Compare the spectrum of a low mass star:
Elliptical galaxies have weak or no emission lines, becdusg don’t have much gas.

Spectra of star-forming galaxies (spiral, irregular) labkerent. They have emission lines from
gas ionized by hot young stars, blue light from those youagsstand red light and absorption
features from the underlying older stellar population.

Spectra of gas-rich galaxies with high star formation ratesdominated by emission lines:

ASTRON299/L&S 295 ALL 2011 104



Astron 299/L&S 295, Fall 2011 Lecture XXXIX.4

XXXVI.4  What can we learn from spectral lines?

What wavelength corresponds to an energy of 13.6 eV? How hetstsr that produces lots of
photons with energy of at least 13.6 eV?

he o
= —=9012A 1
A = =912A, (61)
and 0.0029 m K
T = f = 32,000 K. (62)

What type of star is this? Somewhere between O8 and BO. How lotigese stars live®? 5 Myr.
This is instantaneous, considering the lifetime of a galaxyl' he presence of emission lines from
ionized hydrogen indicates current star formation (unteeg’re from shocks or an AGN, but we
can tell that by looking at line ratios and line widths).

We can get useful information from this! The number of hydnogonizing photons is directly
proportional to the number of massive stars, which meansftive can measure how much radia-
tion there is from ionized gas, via thexHemission line for example, we can measuredbheent
star formation rate of the galaxy! This is one of the mostly widely used measurgmef the star
formation rate.

Other methods: measure the continuum luminosity in the Wigesthis is also produced by mas-
sive stars.

Problem with both of these, especially the UV continuum:tdua galaxy is very dusty (and
dusty galaxies often have the highest star formation rétes) neither of these methods will work.
Then what?

Measure the thermal emission from dust in the IR. Dust abdaggbsfrom massive stars and is
heated, so measuring the radiation from the dust can telbwsiany massive stars there are.

Note that all of these methods tell us about the number of imestars only — to get the over-
all star formation rate from this, we have to assume an Imtiass function. Usually assumed
universal, but this is an important systematic uncertainty
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Lecture XXXIX Galaxy Clusters

Kutner 18

Galaxies are not distributed randomly throughout the usiethey are usually found in associa-
tions calledgroups or clusters In both cases, the galaxies are gravitationally bound ¢b egher
and orbit the system’s center of mass.

XXXIX.2 Classification of clusters

XXXIX.2.1 Galaxy groups

e Usually have less than 50 members

About 1.4 Mpc across

Galaxies of the group have velocity dispersiori50 km s™! (this now refers to the velocity
of galaxies relative to each oth@ot to the velocity of stars within galaxies)

e Mass of an average group2 x 10'3 M, from the virial theorem

Typical mass-to-light ratie- 260 M./L. = lots of dark matter

XXXIX.2.2 Galaxy clusters

e Contain between- 50 to thousands of galaxies

— Few galaxies= poor cluster
— Lots of galaxies=-rich cluster

Higher velocity dispersion than in a group. Characteristiowity dispersion is 800 knt$,
may exceed 1000 knt$ for very rich clusters

Typical virial mass~ 10 M,

Typical mass-to-light ratie- 400 M./L. = even more dark matter than in groups

Further classified aggular (spherical and centrally condensed) amegular
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XXXIX.3 The Local Group

About 35 galaxies are known to lie withia 1 Mpc of the Milky Way — this collection of galaxies

is called the Local Group. Most prominent members are theetbpiral galaxies, the Milky Way,

Andromeda (M31), and M33. The next most luminous are thed.argl Small Magellanic Clouds,

irregular galaxies near the Milky Way; the LMC is 48 kpc awaryd the SMC is about 60 kpc away
(can see them from the Southern hemisphere). They are twie &&irregular galaxies in the Local
Group. The remaining galaxies are dwarf ellipticals or d@pheroidals, very small and very faint
(which means they’re hard to see; there may be some we hdeend yet). Also notable is the

Magellanic Stream, a long ribbon of gas tidally strippedrrthe Magellanic Clouds.

Most of the galaxies in the Local Group are clustered arobedvilky Way and Andromeda (see
Figure 1), which are on opposite sides of the Local Group &bo0 kpc apart. The center of mass
of the group is between them.

Andromeda and the Milky Way are approaching each other witiacity of 119 km s! (the grav-
itational attraction between them is strong enough to araecthe Hubble flow, i.e. the expansion
of the universe). We don’t know whether or not they will adtyaollide because we can’t mea-
sure the transverse velocity of Andromeda; indirect caists suggest it's- 100 km s™! or less.
Neglecting the transverse velocity, we can calculate tiey will collide in about,. = d/v = 6.3
billion years (more careful estimates suggest that at thasiark matter halos of the galaxies will
collide). This is an overestimate because the galaxiesasdélerate as they approach.

Let's use the distance and relative velocity of the two galsto estimate their combined mass.
From conservation of energy, the orbital speed and separate related by

v =GM (2 - 1) (63)

T a

whereM = mj 4+ ms Is the total mass of the two galaxies (this expression is/dérnn Section
2.3). The orbit's semimajor axisis related to its perio® by Kepler’s third law,

P? = a’. (64)

Combining these to eliminate we find

()

(65)

P

»_2GM <27TGM)2/3
: .

In this equationy = 770 kpc andv = 115 km s™*. What's P? Let's assume that the galaxies
started out together at the Big Bang, so when they collide thikyawve returned to their original
configuration and one period will have elapsed. So we’ll agsu

P=ty+t. (66)

Recallty is the Hubble timel/ H,, the approximate age of the universe13.7 Gyr for Hy = 71
km st Mpc~!. With this value ofP, the total mass ig x 10?2 M. Note from Equation 3 that a
smaller period gives a larger mass; we have overestimatsd we have underestimatéd.
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There are other groups of galaxies within 10 Mpc of the Localup—about 20 small groups of
galaxies closer to us than the Virgo cluster. Most galaxiesih small groups and poor clusters;
probably at most 20% of galaxies live in rich clusters like thrgo cluster.

XXXIX.4 The Virgo Cluster and the Coma Cluster

The nearest rich clusters are the Virgo cluster and the Constec!

XXXIX.4.1 The Virgo cluster

e Coversl0° x 10° region of the sky. Huge!
e Center about 16 Mpc away.

e Contains about 250 large galaxies and2000 smaller ones, within a region about 3 Mpc
across.

e Mix of galaxy types: 4 brightest are giant ellipticals, sfgrdominate overall, but ellipticals
become increasingly common near the center of the clustey?Wh

e M87, giant E1 elliptical, brightest galaxy in the Virgo ctas Mass~ 3 x 103 My, M/L ~
750 M /L. Over 99% dark matter! Not a normal elliptical galaxy.

XXXIX.4.2 The Coma Cluster

Another rich cluster, about five times farther away than ¥ird’rovided first evidence of dark
matter—in 1933 Fritz Zwicky measured the radial velocibégalaxies in the Coma cluster, cal-
culated the velocity dispersion, which we now knowsis= 977 km s™!, and used the virial
theorem to estimate the cluster’s mass. With radius 3 Mpc:

N 50%R B

M 5= 3.3 x 10" M, (67)

Luminosity is aboub x 10'% L, soM /L ~ 660 M/L. Zwicky understood that this was strange,
and wrote that the mass of the cluster considerably exchedsiim of the masses of the individual
galaxies. This was the first recognition of dark matter.

(More Zwicky: with Walter Baade, proposed the existence aftron stars in 1934, only a year
after the discovery of the neutron, and proposed that sopaenwere transitions of normal stars
into neutron stars. Also proposed that galaxy clustersdcbal gravitational lenses. And other,
crazier stuff.)
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XXXIX.5 Hot, Intracluster Gas

Some of the missing mass in galaxy clusters was discovered Wie first X-ray satellites were
launched (1977). It was observed that many clusters eméyX;ifrom much of their volume. This
revealed thentracluster medium: a diffuse, irregular collection of stars, ahdt intracluster
gas

The X-rays are produced permal bremsstrahlung emission(braking radiation, also called
free-free emission). This is emission which occurs whenea flectron passes near an ion,
emits a photon, and slows down (the ion is necessary for ceatsen of energy and momentum).
Bremsstrahlung radiation has a characteristic, easilytiitidrie spectrum, and the luminosity den-
sity (luminosity per unit volume) depends on the electronsity and the temperature:

Loy = 1.42 x 10740 272 W m=3, (68)

(Important parts:L,. oc n?7'/?) The temperature can be measured from the X-ray spectrum of
the gas; for the Coma cluster it§s8 x 107 K. The total X-ray luminosity of the cluster is

L, = %m?zcvol. (69)

We can measur&, L, andT, so these two equations can be combined to solve foror the
Coma clusterp, = 300 m~—3. Very diffuse!

We can then compute the total mass of the gas:
4 3
Mgas = gﬂ'R NeMpy (70)

since there is one proton for every electron. For the Comaesiue/,.s = 1.05 x 10'* M. This
is a lot of gas, but much less than the total cluster mass 10'° M., we computed earlier.

Summary: visible light (1%), gas (9%), dark matter (10%)

(next lecture: types and colors of galaxies in clusterspgainteractions in clusters, galaxy inter-
actions generally)
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Lecture XL Galaxy Interactions

Things we observed about galaxy clusters:

¢ In large clusters like the Virgo cluster, elliptical galagibecome increasingly common to-
ward the center of the cluster

e Rich, regular centrally condensed clusters also have a highetion of elliptical galaxies
than irregular clusters

¢ Clusters contain large amounts of hot gas between galakiegtracluster medium

These things are evidence for galaxy interactions, whiehagre likely in the densely populated
centers of clusters.

Other observations:

e At least 50% of disk galaxies have warped disks (seen witio raloservations of HI disks)

o Elliptical galaxies often have discrete shells of stargp@pulations of stars with orbits dif-
ferent from those of the rest of the stars in the galaxy

XL.2 What happens when galaxies collide?

The stars don’t physically collide, but may interact gratranally

Gas clouds collide, triggering star formation

Entropy increases: disk galaxies with stars on orderedilyneacular orbits will likely
become elliptical galaxies, with stars on random orbits

Galaxy collisions are inelastic: some of the orbital kinetnergy is converted to internal
energy, in the form of random motions of stars. So even gadakiat start out on orbits with
velocities greater than the escape velocities of the gadaoan end up gravitationally bound

Extended tidal structures are produced

Now more detail about some of the important processes iadalv galaxy interactions.

XL.3 Tidal interactions

Even if galaxies don’t physically collide, they can be ded by tidal forces. The same analysis
that is used to describe the interactions of close binamng sgauseful here. Recall that when two
stars are in a close orbit they can be distorted by tidal ofttee differential force of gravity across

the star), and mass can be transferred from one star to tee oth
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For now we will just look at theidal radii of the two interacting galaxies. If stars or gas clouds
extend beyond the tidal radius they are likely to be stripjpenh the galaxy; this is probably the
cause of the Magellanic Stream, the long ribbon of gas aatmmtiwith the Magellanic Clouds.
The process is calleitlal stripping .

The tidal radii are the distances from each galaxy to therihagrangian point_,, the point at
which the gravitational and centrifugal forces balance.

Approximate expressions for the distances frbirto M, and Ms, calledl; andl; respectively:

M.
L, = a[0.500 —0.227log (ﬁ?ﬂ (71)

1

M.
L = a {0.500 + 0.227 log (MQ” (72)

1

wherea is the distance betweev!; and M. The tidal radii will constantly change as the galaxies
move with respect to each other.

Tidal interactions are very important in creating featuseen in interacting galaxies. The most
well-known aretidal tails, which are long, curved tails of gas and stars pulled out @fracting
galaxies by tidal forces. See Figure 2, the Mice galaxieeén@oma cluster.

XL.4 Ram-pressure stripping

Early interactions between galaxies in clusters probaalysed the galaxies to lose most of their
gas, from bursts of star formation triggered by the inteoastand tidal stripping. Once the process
is underway, it is enhanced lbgm pressure stripping. Ram pressure is the pressure exerted on
something moving through a fluid medium, and it creates angtdrag force. As you'd expect, it
depends on the velocity at which the object is moving and émesidy of the medium:

P = p?. (73)

In the case of galaxies moving through the intracluster omagdithe ram pressure can be strong
enough to strip most of the gas out of galaxies. So this isrmegeason why most galaxies in the
centers of clusters are ellipticals with little gas.

XL.5 Dynamical friction

Now we’ll consider another gravitational effect, one tiginportant to satellite galaxies, globular
clusters, and general interactions of small galaxies vaithd ones.

Consider a small galaxy or cluster of magsmoving through an infinite collection of stars, gas
clouds and dark matter, with constant mass densityhere are no collisions, and the masses of
the individual objects are too small to defléat, so it continues forward. However, the gravita-
tional force of the large object pulls the smaller objectsaal it, causing a density enhancement
behind it along its path. There is then a net gravitationetddhat opposes its motion. This is
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calleddynamical friction, and it results in a transfer of kinetic energy frdrto the surrounding
material.

Not going to derive an expression for the force of dynamidatibn here, but we’ll write down
what it looks like: 2

fa=C =" (74)

Uhm

C'isn’t a constant; it’'s a function that depends on how compares with the velocity dispersion
of the surrounding medium. As we’d expect, the force is gemrwhen the masa/ is larger and
when the density of surrounding material is higher. To usi@erd the inverse squared dependence
on velocity, think about the impulse of the encounter: thpufse is the integral of the force with
respect to time, and is equal to the change in momentum.

]:/th:Ap (75)

The faster the object is moving, the shorter the time thesfavitl be applied. If it's moving twice

as fast, it will spend half as much time near a given objecttaedmpulse will be half as large.
Then the density enhancement will develop only half as tasd,A/ will be twice as far away by
the time the enhancement arises.

This means that slow encounters are much more effectivecataging the speed of an interacting
object than fast ones.

Dynamical friction affects globular clusters in the haldgalaxies, causing them to lose energy
and spiral in to the centers of galaxies. This may be why thdrémeda galaxy has no massive
globular clusters. Satellite galaxies are also affectéet Milky Way has already swallowed some
satellite galaxies this way, and the Magellanic Clouds witiqably merge with the Milky Way in
another 14 billion year or so.
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Lecture XLI Starburst Galaxies

It was observed in 1972 that interacting galaxies tend tddser bhan isolated galaxies of the same
type. This is attributed to increased star formation trigdeby tidal interactions and collisions of
gas clouds.

Starburst galaxies:

e The most luminous galaxies in the local universe

e Most of the star formation occurs in very dusty regions, sstihod the light from star for-
mation is absorbed by dust and reradiated in the IR.

— LIRGs (Luminous IR Galaxies)

— ULIRGSs (Ultra-Luminous IR Galaxies). Some ULIRGS may also be&@red by black
hole accretion

— Up to 98% of the total energy produced by these galaxies imted in the IR—
compare about 30% for the Milky Way, and a few percent for Anaeda

e Often compact, with much of the star formation taking placthiww 1 kpc of the center—
these are called circumnuclear starbursts

e Gas is mostly molecular, fueling the star formation—may-b#0? to 10'2 M, of gas

e Star formation rates are very high,10-300M,, yr—!. Compare~ 1 Mg, yr—! in the Milky
Way.

e Enough gas to sustain the star formation4oi0® — 10° years, though a given strong burst
of star formation may last only about 20 Myr

Recall homework problem using the Schmidt law to study stan&tion efficiency and gas con-
sumption timescales. The galaxies in that sample with thledst surface densities of gas and star
formation rate were starburst galaxies, and we saw thataheynore efficient at turning their gas
into stars than galaxies with lower gas densities. Thesegs also have shorter dynamical times,
because the star formation is occurring in a compact region.

Not all starburst galaxies are interacting. Disk startsuase also seen, and in this case it's not clear
what triggers strong star formation simultaneously aceogalaxy.

XLI.2 Galactic outflows

The intense star formation in starburst galaxies drivemgtioutflows of gas. Also callegalac-

tic winds, galactic superwinds andfeedback because they probably play an important role in
regulating star formation by limiting the gas supply. Ola#ionally, superwinds are ubiquitous in
galaxies with star formation rates per unit ab&ar > 0.1 My yr—! kpc 2. Local starbursts and
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(as we will see) nearly all star-forming galaxies at highstatts meet this criterion, but the disks
of normal spirals do not.

Energy and momentum from supernovae and stellar windsestil into the interstellar medium
of the galaxy, driving gas to velocities of hundreds of km sWinds are observed to baulti-
phase i.e. containing gas with different temperatures and iatiin states. Hot gas is detected in
X-rays andHa emission. This is often metal-enriched and is probablyotiyeassociated with the
supernova ejected. There is also cooler, neutral gas sesysorption — blueshifted absorption
lines seen against the stellar continuum of the galaxy. ihtse interstellar medium of the galaxy
entrained in the outflow, also with high velocities. Estiggbf themass outflow ratefrom the
winds suggest that it is of the same order as the star formadi®: starburst galaxies are driving
as much gas out in winds as they are forming into stars.

An important question is whether or not this gas escapesalaxyg or falls back down. Do the
velocities of outflows reach the escape velocities of gakXiln many cases they do, and this is
probably the source of much of the metals in the intraclumterintergalactic medium.
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Lecture XLII High Redshift Galaxies

(Note: most of this material isn’'t in the textbook, which artfinately neglects the properties of
galaxies over most of the history of the universe.)

XLIl.2 Review of redshift

Redshift: \ \ \
obs T A\rest obs
= = -1 76
© )\rest /\rest ( )

Because the universe is expanding, objects with higher iftsigine farther away, and because of
the finite speed of light, when we look at objects farther awayare looking back in time.

The relationship between redshift and time is nonlinearAccording to our current best cosmo-
logical model, the universe is 13.7 Gyr old. When we look aktoty at a given redshift, we are
looking at the universe when it was younger. Summary of thegiomship between redshift and
the age of the universe:

z Age of universe at  Fraction of total age of universe
0.0 1.37x 10 1.00
0.2 1.12x10% 0.82
0.5 8.64 x 10° 0.63
0.7 7.36 x 10° 0.54
1.0 5.92 x 10° 0.43
2.0 3.33 x10° 0.24
3.0 218x10° 0.16
4.0 1.56 x 10° 0.11
5.0 1.19 x 10° 0.09
6.0 9.41 x 10® 0.07
7.0 7.70 x 108 0.06
8.0 6.45 x 10® 0.05
9.0 5.50 x 10® 0.04
10.0 4.76 x 108 0.03

(Will talk about how and why this works when we talk about cosmgy later.)

XLII.3 The K-correction

Because the light from galaxies is redshifted, some or alheflight that would normally fall in
(for example) theB band is redshifted, and falls at redder wavelengths. We teeadcount for
this in our observations of galaxies—this is called ftiecorrection. Example: if we observe the
optical (4000 - 7000"\) spectrum of a galaxy at = 3, we are actually observing the rest-frame

(OAVA
/\obs

1+ 2

)\rest = (77)
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So a 4000—7008 observation of a galaxy at= 3 corresponds to 1000:17§Oin the rest frame.
Note that the bandwidth of the observation also changes:ower000A in the observed frame
and 750A in the rest frame. The difference is a factorlot -.

XLIl.4 How do we find high redshift galaxies?

Most obvious method: Take deep images, and then take spHoty@axies that look far away
(small, faint) to see what their redshifts are. This works] this is how most galaxies with low to
moderate £ < 1) redshifts are found.

Problem: this is inefficient. Hard to distinguish local divgalaxies from high redshift galaxies,
and taking lots of spectra takes a lot of time.

XLILL4.1 Color selection techniques

Searching for high redshift galaxies will be much more edfitiif we can take spectra of galaxies
that we already know are likely to be at high redshift fromittelors in deep images. The
most widely used method takes advantage of the nearly coengibsorption of hydrogen ionizing
photons by neutral hydrogen in galaxies.

Take images in three different filters, chosen so that thedblone is blueward of the Lyman break
at the redshift you want to target — then galaxies at thathiédsill be present in the two redder
filters, but drop out of the bluest one. This is also calleddhepout technique. Pioneered for
galaxies at ~ 3, but can be used at higher redshifts just by selecting a rexsdef filters. This
is how candidates for the most distant galaxies knasva < 10) are selected.

The color selection technique is very efficient (most of théagies selected are in the expected
redshift range), but spectroscopy is needed to confirm ttehiis and carry out more detailed
studies.

(Other color selection techniques have been developedl masthe typical colors of galaxies in
various filter sets and at various redshifts...)

XLIl.4.2 Photometric redshifts

If you want a really large sample of high redshift galaxieafmthousands), it takes too long to get
spectra of them all, even if you have an efficient techniqueétecting the ones that are probably
at the redshift you want.

In these cases you have to yg®tometric redshifts: take images of the galaxies in as many filters
as possible, and try to determine the redshift of the galexy itsspectral energy distribution—

the brightness of a galaxy at many different wavelengthss @lso relies on strong breaks in the
spectrum—the Lyman break at 922 and a break at 4008that appears in the spectra of older
galaxies. The more filters you have, the better this workshWiot of filters ¢ 10) it works very
well, although the precision is never as good as what yourget & spectrum. Most surveys don't
have that many filters.
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XLII.4.3 Searches for Lya emission

Another popular method, especially for the highest redlghifaxies, is to search farya emission.

Many (but not all!) high redshift galaxies have very stromgjssion lines fronLy« at 1215A (rest
frame). This is the: = 2 ton = 1 transition of hydrogen, produced in the H Il regions around
massive stars but subject to complicated scattering bedtsiaresonance line

Resonance line: a transition between the ground state angc#tecelevel. Most atoms are in
their ground state, so a photon with a wavelength correspgrid a resonance transition can be
absorbed by an atom, excite an electron, and then be reeéenait the electron falls to a lower
state. This process is calledsonant scattering If the atoms doing the scattering are moving,
the emitted and absorbed photons have Doppler shifts gameléng to the atoms’ velocities. This
means that photons of these wavelengths get scattered maeg; in both space and frequency.
Because of this long path length, they are also more likelypwtmenter a dust molecule which will
absorb them. For these reasons, many galaxies hawen absorption or in some combination
of emission and absorption, and the wavelengthyaf emission is usually shifted with respect to
that of the H Il regions where it originates because of themast scattering.

We look for Lya emission by making a very narrow filter that targketsy emission at a particular
redshift, and look for things that are bright in that narrant filter. Things detected this way
require spectroscopy to confirm that they're really at tlegshift; if theLLya emission is strong,
this usually isn’t that hard to do.

Especially at very high redshifts, a galaxy isn't considete be securely confirmed unless its
redshift has been measured from a spectrum. For the faigédaxies at the highest redshifts
(= > 5-6ish), the only way to confirm the redshift is witlya emission. Other strong emission
lines are shifted too far into the IR, and the galaxies are &wat to identify the redshift from
absorption featuresL{« at z = 6: 8500,&).

The current record-holder for the highest reported spsctipic redshift iss = 8.6 (quite a bit
higher than the previous record which was= 6.96). At this redshift,Ly« is in the IR at 1.17
pm, which makes it much harder to observe (the sky backgrosimigh—and this isn’t a great
detection). Atz = 8.6, the universe was 590 Myr old (!), 4% of its current age of 13yr.

The highest reported galaxy detections are at 10 (at which the universe was 480 Myr old).

These are selected by the dropout technique, and havemtdpesetroscopically confirmed. It's

obviously very interesting and important to study the firgkagies, but these things are so faint
that we can't tell very much about them.

XLIL.5 Properties of high redshift galaxies

Now that we can find galaxies at high redshifts, what are tikeyand how are they different from
local galaxies?
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XLI.5.1 Morphological changes with redshift

Spiral galaxies become more common and ellipticals lessytamwith increasing redshift, and
the fraction of irregular galaxies also increases. Thie algans that galaxies become bluer and
have more star formation, and this is what we’d expect ipgtial galaxies form from the mergers
of spirals. Thisis true up te ~ 1 (~ 8 Gyr ago, or about 40% of the age of the universe).

At redshifts higher than ~ 1 we don’t see the Hubble sequence any more, and it isn’t useful
to talk about galaxies in terms of spirals and ellipticalsodtigalaxies are irregular, with a wide
variety of morphologies. See Figure 3, and keep in mind tiese are rest-frame UV images (from
the Hubble Space Telescope, which we need to get good enogghearesolution to study these
small galaxies) and that we don’t have the sensitivity tedeextremely low surface brightness
features.

XLII.5.2 Star formation

We can also measure the star formation rates of high redsdldixies, using many of the same
techniques we use for local galaxies—they're just harder.

e Measure the strength &fa emission, directly related to the ionizing flux from masstars

e Measure the brightness of the rest-frame UV continuumgdinis also comes from massive
stars. Actually easier at high redshift, because it's rétdghinto the optical, but requires
correction for dust, which is hard

e Measure light absorbed by dust and re-radiated in the IR. Dronespace, with the Spitzer
Space Telescope (until it ran out of coolant) and now Hellsche

Results: the average star formation rate was much higheeipakt, peaking (probably) at~ 2—

3. Typical galaxies in this redshift range have SFRs 10-X@8gihigher than normal local galaxies.
Most high redshift galaxies are starbursts, and there aneasty of them that the star formation is
unlikely to be triggered by mergers.

Some galaxies are even more extre@ebmillimeter galaxies discovered at submm wavelengths
in the last 10 years and now known to be mostly at 2—3 (though there may be others at higher
redshifts, where the redshift is harder to determine). @lggdaxies have extremely bright dust
emission, which indicates extremely high star formatiotesaestimated at- 1000 M., yr—!
(though there are significant systematic uncertaintiescgsted with that). These high star for-
mation rates may be triggered by mergers, like local statbur

There also appear to be sopa&ssive galaxiesit high redshift more like local ellipticals: red, old,

and not forming stars. This was a surprise, since it was thichgt galaxies like this wouldn’t have

had time to form. There don’t appear to be very many of therd,taey seem to be puzzlingly

compact compared to local ellipticals. Topic of currenemest. Note that galaxies that aren’t
forming stars are much harder to find: they will be faint in thst-frame UV (observed optical),

and they won’t have emission lines.
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XLII.5.3 Galactic outflows

Recall from the discussion of starburst galaxies that galacttflows are ubiquitous in galaxies
with star formation rates per unit ar®arr > 0.1 M., yr—! kpc=2. What's a typical star formation
rate surface density for a star-forming galaxy at high rétisfake SFR= 10 M., yr—!, which is
probably less than average, size 5 kpc (galaxies tend to Ibe compact)Xgpr ~ 0.4 Mg yr—t
kpc—2, and most galaxies will be higher. So we'd expect nearly igh lmedshift galaxies to drive
outflows, and they do. How do we know? By comparing the redsbifemission and absorption
lines.

The outflow is roughly spherical in this model, as opposeatall starbursts which tend to have
bipolar outflows (directed out of the plane of disk galaxidgay make sense, since most galaxies
don’t seem to have formed disks yet, and outflows would hawever a large solid angle for us
to see them in most galaxies.
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Lecture XLIII Active Galaxies |

Kutner 19

A few percent of galaxies are peculiar in that they produagehamounts of energy in excess of
the normal stellar light. These are callective galaxiesor AGN (Active Galactic Nuclei).

Distinctive characteristics of active galaxies:

e Large amounts of nonstellar emission, some of it nontheimalrigin. Active galaxies
produce more X-ray and radio emission than would be prodbgebeir stars.

e Much of the light is concentrated in a small, central regialthet] an active galactic nucleus,
AGN

e Light from AGNSs is variable on short timescales, at virtyalll wavelengths. Timescale for
variability depends on luminosity and wavelength, with tmagpid variability seen at short
wavelengths and low luminosities. X-rays in low luminos#¢gNs can vary on timescales
of minutes

e Some active galaxies have jets detectable at X-ray, visibteradio wavelengths. The jets
contain ionized gas flowing outward at relativistic speeds

e The UV, visible and IR spectra of AGNs are dominated by stremgssion lines

Not all active galaxies have all of these features.

Accumulated evidence indicates that the activity in AGN esrfrom accretion onto massive black
holes. Most bright galaxies have black holes in their centeut not all bright galaxies are active
galaxies. To be an active galaxy, the central black hole testccreting gas rapidly enough to
produce luminosity as bright or brighter than the galaxysss We will start by discussing the

different types of active galaxies. The situation iniadeems very complicated, but we’ll see that
most of the observations can be explained by a unifying stena

XLIN.2 Types of Active Galaxies
XLII.2.1 Seyfert galaxies

History: galaxies with broad (500-5000 km'g emission lines discovered by Carl Seyfertin 1943

Properties:

e Emission lines come from center of galaxies
e ~ (0.5% of galaxies are Seyfert galaxies

e 2> 95% of Seyferts are spirals
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¢ In addition to broad emission lines, center often has a pdswer(F, o« v~%) continuum
excess of light, giving Seyferts their blue color compaeddrmal galaxies

— Power law continuum is non-thermal in origin—not emittedgbgrs. F, oc v~ « IS
spectral index v is frequency

Aside: Emission lines are divided inpermitted andforbidden lines.

Permitted lines have high transition probabilities. Commegamples are the Balmer linedy,
Hp, etc.

Forbidden lines have lower transition probabilities andurdn low density regions. Because of
the lower transition probability, an excited electron viié collisionally de-excited before it can
emit a photon if the density is too high. Forbidden lines adidated by square brackets: [@],

[N 1], etc.

Two types of Seyfert galaxies

e Seyfert| (Syl)

— very broad permitted lines (1000-5000 kmmt ¥
— narrower forbidden linesy{ 500 km s™!)
— often X-ray luminous

e Seyfert Il (Sy Il)

— permitted and forbidden lines both relatively narrew {00 km s™1)

XLIIl.2.2 Radio galaxies

History: sky studied at radio wavelengths after WWII

e 1946: discovery of discrete radio source Cygnus A—poor tegmrl, no optical counterpart
found

e 1949: positions to 10 arcmin achieved (still not very goodfi87 and NGC5128 found to
be associated with double radio sources

e 1951: optical counterpart to Cygnus A found to be peculiaaxgahtz = 0.06 (~ 240 Mpc!
the only brighter radio sources are the Sun and the nearlpydj3skipernova remnant Cas A)

— Cyg Ais > 10° times more powerful at radio wavelengths than the Milky Way

e 1953: Cyg A resolved as double radio source

Properties:
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Usually elliptical

Non-thermal power law spectrum in radio

Optical spectra of nucleus similar to Seyferts. Distinguisoad line radio galaxies (BLRGS)
and narrow line radio galaxies (NLRGS).

~ 100 times less abundant than Seyfert galaxies

May have extended jets and lobes

XLIL.2.3 QSOs (Quasi-Stellar Objects)
History:
e 1960: 3C 48 (#48 in the Third Cambridge catalog of radio sa@)rickentified with star-like

object (quasi-stellar). Thought to be a star, but spectrem weird

e 1963: Maarten Schmidt recognizes the spectrum of anotheridistar” (3C 273) as Balmer
lines redshifted ta = 0.158. Then 3C 48’s spectrum understood as redshifted+00.367
(these objects weren't expected to be so far away becauganheo bright)

Properties:

e Most QSOs radio quiet

e Look like stars. Some have optical jets, and some are thebraglgt nuclei of fuzzy-looking
host galaxies

e Blue. UV excess called the “blue bump”

¢ Optical fluxes often variable on timescales of years
e Broad emission lines resemble Seyfert | galaxies

e Almost always strong X-ray emitters

e Bright! can be detected to high redshifts

¢ Radio-quiet QSOs found by looking for extremely blue stamdldwup spectroscopy needed
for confirmation
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XLIII.3 Variability and physical size

Flux from AGN can vary significantly on very short timescalescept for Sy Ills and NLRGS)

e Luminosity of broad lines and continuum can vary by a factor02 on day to month
timescales

e Variations in broad emission lines typically lag behindgé@f continuum by~ 1 month

e Variations of a few percent in visible, X-rays. X-ray flux caary on timescales of minutes

AGN with rapid time variability are often callelL Lac objects (after prototype BL Lacertae) or
blazars. Changes in flux can be up t030% in a day, up te~100% over longer periods. Nearly
devoid of emission lines (continuum dominates flux)

The timescale of variability puts limits on the size of theis®. A source with siz& will take a
time of at leastAt = R/c to change its luminosity, since information can’t travelrfr one side of
the source to the other faster tharif we observeAt = 1 hour,

R~ cAt =7.2AU. (78)

This is very small for something so energetic!

XLIII.4  Accretion by supermassive black holes
XLIIIl.4.1 Energetics

The release of gravitational potential energy through naassetion is a very efficient way to
generate energy. Consider a masdalling a large distance > rsq, toward the Schwarzchild
radius of a black hole. Recall

2G M,
TSch = 2 oh . (79)
The loss of gravitational potential energy will be
AE = —GMbhm + G My e~ G My ~ 1ch. (80)

r T'Sch T'Sch 2

If the mass doesn't stop before it reaches the Schwarzchiais it will pass the event horizon
with speeds ~ ¢/+/2, and its kinetic energy will increase the mass of the blad&.hbinstead it's
decelerated by an accretion disk, its kinetic energy wiltbeverted into thermal energy and then
radiation. This process isn't perfectly efficient, and wetevthe energy carried away by photons
as

AEhet = nm02 (81)

wheren is a dimensionless number called the efficiency of the blaitk.hWe expect) < 1/2
from Equation 3 above. In practice, we thinks 0.1, which means that a gram of matter falling
toward the black hole gives 9 trillion joules of radiatioreegy (!).
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As gas falls into the black hole at raté, theaccretion luminosity of the AGN is
L =nMc. (82)

We can therefore estimate an AGN’s accretion fatérom its luminosity:

: L . L n\ "
M:wzo.ms M yr w ) lo1) (83)

We don't expectl/ to be constant with time, which probably accounts for somgaefvariability
of AGN.

XLIIl.4.2 The Eddington Limit

We can’t get an arbitrarily high luminosity from accretioedause eventually the gas surrounding
the black hole will be blown away by radiation pressure. Té#ls to a maximum luminosity for
accreting black holes.

At a distance from the AGN, the photons have an energy flux

L
= : 84
47r? (84)
The photons also have momentpm- E/c and momentum flux
F 1L
Fp=—==- (85)

¢ cdmr?

The photons can transfer momentum to particles in the idnges surrounding the black hole.
The force exerted on a particle is the rate at which momensuiransferred to it, and the rate of
momentum transfer depends on the particle’s cross-sefctionteraction with photons. Electrons
have a much larger cross-section for interaction than peofbecause o m~2), and the relevant
cross-section is the Thomson cross-section

8 e? ’ —29 2
Og=—|——=] =665x107" m". (86)

¢ \ 4megm,c?
The force transferred is the product of the momentum flux haatoss-section:

o.L

Frad = UeF = —Q.
P Ager?

(87)
As each electron is accelerated, it drags a proton along iwitifthe gravity of the black hole
provides the inward force on the proton-electron pair

M, M,
Fgrav - _G bh(mp * mE) = _m (88)

r2 r2

sincem,, > m,.
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The maximum possible luminosity (tieddington luminosity or Eddington limit) of the black
hole is the luminosity at which the radiation pressure begdarthe gravitational force:

UeLE B GMbhmp

= 89
4rer? r? (89)
The Eddington luminosity for a black hole of mass is
drGm,c My
Lp=—-""My = 13x10*W 90
E o bh 3 x 10 (108 M@) (90)
Mbh
= 33x 10" L 91
3.3 x 10 ®<108M®) (91)
This leads to a maximum accretion rate for black holes,
: Lg _ My, n\"
P e oY (108 M@)(O.l (92)
It's sometimes useful to express the accretion rate in tefrttse Eddington rate,
M
Mg

This is theEddington ratio.

XLIIN.4.3 Accretion disks

Accreting matter can’t go directly into the black hole besait has angular momentum. General
consensus is that the black hole is surrounded by an aaeidis& in which matter slowly spirals
inward. Viscosity (internal friction) causes the mattetdse its angular momentum and converts
kinetic energy into random thermal motion. This heats theeeton disk to temperatures v6° K.

The spectrum of a blackbody wifii ~ 10° K peaks in the UV, and the blue bump in the SED of
AGN is probably thermal emission from the accretion disk.
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Lecture XLIV Active Galaxies Il

XLIV.2 The AGN unification model

The AGN zoo of Seyfert galaxies, radio galaixes, QSOs and Bt dlgects seems complicated,
with variations in morphologies and spectra. However, nobsihe properties of various types of
AGN can be explained by a unified model in which the structdi®’&@N is flattened, not spherical,

and the strength of various components depends stronglyeoartgle of the AGN axis relative to
our line of sight.

Review of the major components of an AGN, starting at the ecente

e Supermassive black holeSuspected for many years based on arguments of energadics a
time variability, more recent evidence from high speed oriof stars and gas in galactic
nuclei. The Schwarzchild radius ofl@® M, black hole is~ 3 x 10! m ~ 2 AU.

e Accretion disk. Surrounds the black hole, responsible for the UV and \@sdadntinuum
emission of AGN. For a0® M, black hole, the UV and visible emission arises on a scale of
10*2-10'* m (from considerations of gravitational potential energing converted into heat
in the disk). X-rays apparently produced in a hot coronacsunding the accretion disk.

e Jets lonized gas is ripped from the accretion disk by electrome#ig fields, and spirals
along magnetic field lines away from the disk, producing ajefcelerated electrons in the
ionized gas emit synchrotron radiation, accounting fordtBo emission from the jet.

e Broad-line region. Size is measured by timing the delay between flux variatiotise UV
and visible continuum and the response of the emission.lifiee delay is due to the light
travel time across the broad line region. This is caflcerberation mapping. The size of
the broad-line region scales with luminosity:

Rprr Lo \'"?
(1015 m) ~ 0.26(1037 W) (94)

The broad-line region may be the outer edge of the accretshn d

e Obscuring torus. Outer edge of the broad-line region is defined bydhst sublimation
radius, the closest point to the continuum source (i.e. the aaratisk) where dust grains
can survive the UV radiation. At smaller radii, where eduilim blackbody temperature
exceedsv 1500 K, dust is vaporized. Dust is important because it provitiesopacity that
blocks our direct view of the inner regions from some dir@as$i. The dust sublimation radius
is the inner edge of a dusty structure with a larger scalehhéiigan the inner regions—this
is the obscuring torus or dusty torus (this may actually bed, dense wind arising from
the accretion disk).

e Narrow-line region. At about the same radius as the obscuring torus, but cancepig to
hundreds of pc along the jets. Morphology is often wedggstiar conical, and along the
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axis of the black hole/accretion disk system. Seems to bimthstellar medium of the host
galaxy: interstellar gas that isn’'t shielded from the calntource by the obscuring torus is
photoionized by the UV radiation from the AGN.

The type of AGN we see depends on the orientation of the odtesty torus relative to the line

of sight. Looking directly along the jet, we see primarilynsirotron emission from the jet: the
featureless continuum of BL Lac objects. Looking at an anlgieecto the jet gives a good view
of the accretion disk and the broad-line region, so the AGtassified as a Seyfert I. At an angle
closer to the disk the broad-line region is hidden by dustweadee only the narrow-line region:
Seyfert Il. For strong radio sources, a quasar is seen fromngie near the jet, a blazar when
looking directly along the jet, and a radio galaxy when theisohides the active nucleus from
view.

XLIV.3 Relativistic jets and superluminal velocities

Radio lobes are produced by jets of charged particles ejgcethe nucleus at relativistic speeds,
probably accelerated and collimated by magnetohydrodimaffects. The absence of emission
lines in the power-law synchrotron spectrum of the jets realaocities difficult to measure, but
the best evidence for relativistic speeds involves radgeolations of material ejected from AGN
with apparentlysuperluminal velocities

Example: Radio images of the core of the quasar 3C 273 showbadblemission moving away
form the nucleus with proper motiom = 0.0008” yr—! (long baseline radio interferometry is
required for this kind of spatial resolution). 3C 273 is atstahced = 620 Mpc, so, if the clump
is moving perpendicular to the line of sight, its apparehbery is

Vapp = dp = 2.4 x 10 ms™' = 7.8c. (95)

This is obviously unphysical, and it can be explained by matenoving toward the observer at
relativistic speeds.

A source is moving at speed(actual, not apparent speed) at an angfeom our line of sight. A
photon is emitted at timé = 0 when the object is at distande At a later timet, another photon
is emitted, when the distance to the objed is vt. cos ¢. The first photon reaches Earth at time
ty,

d
= —. (96)
C
The second photon arrives at timhg
by =, LT Vlecosd (97)
C
The time between the reception of the two photons is
(%
At:tQ—t1:t6<1—Ecos¢), (98)
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which isshorterthant,., the actual time between when the two photons were emitteel apparent
transverse velocity measured on Earth is then

vt, sin ¢ vsin ¢
Vapp = = .
PP At 1 — (v/c)cos ¢

(99)

We can solve this for/c:

v Vapp/ €

v_ 100

¢ sing+ (Vapp/c) cos ¢ (100)
Requiringv/c < 1 then puts constraints on the angl@nd on the minimum value af/c. In the
case of 3C 273, the measured apparent velocity requires that4.5°, and the lower limit on the
speed of the knot is,,;, = 0.992¢ (more detail in text and in HW problem 3). This provides sgyon
evidence that the cores of AGN can accelerate material aivestic speeds.

XLIV.4 Quasars over cosmic history

We can tell from the masses of black holes today that quasassmave relatively short lifetimes.
Most luminous quasars have~ 3 x 10! L., and must have accretion rat&s~ 200 M, yr—! to
maintain that luminosity. The biggest supermassive blatghtoday have massa$,, ~ 4 x 10°
M. To grow to that mass at the accretion rate of the most lunsimpasars would take

Mbh - 4 X 109 M@
M 200 Mg yr!

~

~ 20 Myr. (101)

Not long! If quasars maintained their luminosity for a lomgeé the black holes would be much
more massive than observed.

There were more than 1000 times as many bright quasars per (@pmoving, i.e. corrected for
the expansion of the universe) at~ 2 than there are today. This appears to be an evolutionary
effect caused by a decrease in quasar luminosity with timgoilsez ~ 3, the density of quasars
declines again.

XLIV.5 Black holes and the growth of galaxies

Most bright galaxies have supermassive black holes in thieceand may have been AGN at some
point in the past. The growth of black holes and the growtheddixjes appear to be closely related.
There is a correlation (theV! — o relation”) between the mass of supermassive black holes and
the velocity dispersion of the stars in the surroundingxgalastars that are far enough away from
the black hole that it has a negligible effect on their velaci

My, o o7, (102)

with 3 =~ 4. This implies that the black holes and the galaxies growttegyeand somehow know
about each other, but the origin of this relationship, anétwér it's the galaxy that sets the black
hole mass or vice versa, are not well understood.
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Lecture XLV The Intergalactic Medium

There is gas between galaxies: thiergalactic medium (IGM) . We see this via absorption lines
in the spectra of quasars—absorption lines from gas clolaasg dhe line of sight to the QSO.

Lya photons can be easily absorbed by neutral hydrogen, so lighefrom a quasar passes
through a cloud of gas on the way from the quasar to us;@aabsorption line will be produced
in the spectrum of the quasatr the redshift of the intervening clou@here are many clouds along
the line of sight, especially for quasars at high redshsitsthis produces a dense series of narrow
absorption lines blueward of theya emission from the quasar. This is called e« forest. See
Figure 2.

Absorption from ionized metals is also seen: C IV, Mg Il, matiyer elements. This indicates that
the material has been processed by stars and enriched. lirfesseorrespond to the strongeya
absorption systems, and can be used to determine the migtaifi the gas clouds, which shows a
wide range from very low to solar. This variation may dependhow close the line of sight passes
to the center of a galaxy.

The relationship between galaxies and absorption systemisfullly understood. At least some
absorption systems are caused by the line of sight passinggh a galaxy or a galaxy halo,
but the absorption systems don’t seem to have the same leadge structure as galaxies; more
randomly distributed, rather than grouped into clusteds\ands.

Absorption systems can also be used to probe the effectslaxXigs on the IGM, by studying
correlations between the positions of galaxies and absorpystems. This is a way to estimate
the distance to which a galaxy enriches its environmenty Xarch an area of active research.

Note: most of the gas in the universe is ionized, was ionizaethb light from the first galaxies
sometime around ~ 7. Absorption comes from the small neutral fraction.
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Lecture XLVI Gravitational Lensing

e 1919: Eddington measures deflection of starlight near thredsuing an eclipse, confirms
general relativity

e 1920s: Astronomers discuss using a gravitational lensaodstarlight, possibility of grav-
itational lensing producing multiple images of the sameseu

e 1937: Fritz Zwicky proposes that gravitational lensing bgadaxy much more likely than
by individual stars

e 1979: Quasar Q0957+561 discovered to appear twice in thetskyimages separated by
6”, both showing a quasar with redshift= 1.41. Both images have the same emission and
absorption lines and the same radio core and jet structuravit&tional lens is a giant cD
galaxy atz = 0.36 that lies between the two images of the quasar.

e Gravitational lensing can magnify and object and incretskrightness.
XLVIL.2 The geometry of gravitational lensing

Light follows the straightest possible path as it travetstigh the curved space around a massive
object. Analogous to the normal refraction of light by a glémns, as light passes from one index
of refraction to another. The index of refractions the ratio of the speed of light in a vacuum to

the speed of light in the medium,= ¢/v.

Near a spherical object of mass, the effective “index of refraction” is
2GM

2

ne 1+ (103)

rc

assumin@GM /rc* < 1. At a distance of 0* pc from a galaxy with mast)!! M, the effective
index of refraction is» = 1 4+ 9.6 x 10~7; the deviation of light from a straight line will be very
small.

Figure 1 shows the situation: light from sourfds deflected through an angdeby the gravi-
tational lens due to a point madg at locationL. The light arrives at the observer at position
0.

The angular deviation of a photon passing a distafc@ery nearly the distance of closest ap-

proach) from a mass/ is
AGM

= roc2

The distance to the sourceds/ cos 5 ~ dg, whereg < 1, andd,, is the distance to the lens. Can
then show that the angtebetween the lensing mass and the image of the source is

4GM (dg — dy,
0% — 50 — = 105

rad (104)
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wheref and are measured in radians.

This is a quadratic equation, and for the geometry shownerfigjure there are two solutions for
6, so two images will be formed by the gravitational lens. Ewslutions aré; andd,; the angles
can be measured observationally and then used to find thesvafd and M :

B =06+ 6, (1086)
and 0,05c* (dg — d
__ibac S —ar

M=-=7= (dde ) (107)

The two images are formed on opposite sides of the grawuitaltiens.

Gravitational lensing is a good way to determine the maskkEssing objects. For example, we
can calculate the mass of the galaxy responsible for theénigres quasar Q0957+561. The two
angles aré.35” and—0.8", and we use the Hubble law= H,d and the redshifts of the quasar
and lens to calculate their distances (2990 Mpc and 1250 Mig® resulting mass i1 x 10'?
M. This has assumed that the lensing galaxy is a point massaweéa better by assuming a
more realistic mass distribution, and in this case the leassis about 10% larger.

Other geometries and lensing mass distributions can peothare images, rings, or arcs. If the
background object is exactly along the line of sight to thes)ea ring will be produced; this is
called anEinstein ring. Partial rings and arcs are seen for slightly off-centegratients. If the
lensing galaxy has an asymmetric mass distribution (apselid rather than a spheroid) three or
five images are produced; this can produce a cross shapé aalignstein cross

Galaxy clusters can also produce lensing arcs, if they am&ally concentrated enough. This
is another way to estimate the masses of clusters, and fugth@dence that they contain large
amounts of dark matter. The cluster Abell 370 produces masg;, and from mass determined by
the lensing model we find//L > 1000 M./L. Lots of dark matter!

Gravitational lensing is also useful for studying faintagaés at high redshift. If lensed background
galaxies can be found, we can take advantage of their ireddagghtness to study them in much
greater detail than would be possible for similar, unlergagddxies at the same redshifts. Much of
our most detailed knowledge about high redshift galaxiesefrom studying lensed galaxies.
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Lecture XLVII The Extragalactic Distance Scale

In order to study the structure of the universe, we need tdheta measure how far away things
are. We also need to measure distances in order to measiHelhde constantv = Hyd, SO we
need to measure both(easy, for things that are far enough away so that peculiacies don't
matter) and/ (hard).

There are many methods of measuring distances, making ugsveadled theextragalactic dis-
tance scaleor cosmological distance ladderFor objects withinv 1 kpc we can measutegono-
metric parallaxes, but beyond that we need other methods. There are many;sos#r some of
the more important here.

XLVIl.2 Extragalactic distance indicators

Most astronomical distance indicators are what are caliéahtiard candles.” A standard candle
is an object with a fixed luminosity, or with some other prdpave can measure that will tell us

what its luminosity is. If we measure the apparent brighdng@gse flux) and know the absolute

brightness (the luminosity) we can determine the distance.

Also used but less common are “standard rulers,” objects wifixed physical size; if we can
measure the angular size and know the physical size, we tarmdee the distance.

XLVII.2.1 Cepheid variables

Review: variable stars whose period is directly related éirtluminosity, discovered by Henrietta
Swan Leavitt in the early 20th century. Stars pass througimgtability strip on the HR diagram
during late phases of stellar evolution. Also measure a'staolor, to account for the width of the
instability strip, so we have a period-luminosity-cololatéen,

My = —3.53log Py — 2.13 + 2.13(B — V), (108)

where), is the absoluté” magnitude P, is the pulsation period in days, aitl— V' is the color
index. Can measurg;, B — V and apparent magnitude, uBe— L relation to calculate distance
modulus.Need to know extinction!

Most distant known Cepheids are 29 Mpc away.

XLVII.2.2 Expanding photosphere method

This method uses measurements of the photosphere of a sugénriwo ways. If the supernova is
close enough, we can measure the angular size of the phete#ij), and determine the angular
velocity of the expansion of the photosphere by comparingukam size measurements taken at
different timesw = A#/At. The transverse velocity of the expanding photospherg is wd,
whered is the distance to the supernova. Assuming the expansigrherisally symmetric, the
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transverse velocity is equal to the radial velocity of theesmova ejecta,;, which we can measure
from Doppler shifts of spectral lines. The distance to theesoova is therefore

d="29 (109)
w

Most supernovae are too far away for this to work, so we usthanmethod. We assume that the
expanding shell of hot gas radiates as a blackbody, so teaupernova’s luminosity is given by
the Stefan-Boltzmann law:

L =4 R*(t)oT?, (110)

whereR(t) is the radius of the expanding photosphere @aisdhe age of the supernova. Assuming
the radial velocity of the ejecta is nearly constah;) = v.;¢. With measurements of the tempera-
ture from the blackbody spectrum, the age, and the radiatitg) we can determine the luminosity
and therefore the distance. Problems: expansion is neifirerical nor a perfect blackbody, and
(as for all standard candles) we need to be able to corredufstr Uncertainties are 10—-25%.

XLVII.2.3 Type la supernovae lightcurves

The most important extragalactic distance indicator, beedt reaches to the largest distances.
Review: what's a Type la supernova? Standard model (in texibs that a CO white dwarf
accretes material from a companion which pushes it over tlam@iasekhar limit and causes it to
explode. Recent work suggests that there are some probleims$ha scenario; almost certainly
have to do with explosion of a CO white dwarf, but it could be agee of two or some other
scenario.

Whatever the cause, the useful fact for measuring distasdkatithe brightnesses and light curves
(a plot of luminosity vs. time) of Type la SNe are very simildhey have average absolute mag-
nitudes at maximum light ofM ) ~ (M) ~ —19.3 £0.03. Note: small scatter, and very bright;
this is as bright as an entire galaxy.

What we actually measure is the brightness of the supernoxaiatis points in time, and there is
a well-defined inverse correlation between the maximum hasity and the rate of decline of the
light curve: brighter supernova take longer to decline. \Afe ase this to determine the intrinsic
peak luminosity.

Type la supernovae can be used to measure distancest) Mpc (z ~ 0.25) with an uncertainty
of ~ 5%. We will return to these, since they are very important eortteasurement of dark energy
and the acceleration of the expansion of the universe.

XLVII.2.4 Summary

This has not been a comprehensive discussion! There are metteods in Chapter 18 of the
text, and even more that aren’t in the book. Main messagedifferent methods work best for
different types of galaxies and to different distances, laaeke different uncertainties associated
with them. We need to use as many different methods as pegsibhlibrate the various methods
and understand their uncertainties.
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Lecture XLVIII The Expansion of the Universe

XLVIIl.2 The expansion of the universe

In 1929 Hubble published the famous paper “A Relation betwRistance and Radial Velocity
among Extra-Galactic Nebulae,” showing that galaxies le@éssional velocities proportional to
their distancep = Hyd and that therefore the universe is expanding. What does thisléy
mean?

Suppose the Earth doubles in size in an hour. Right now, fromw&dikee, it's 500 miles to
Pittsburgh, 1000 miles to Dallas, and 2000 miles to Seat#tfeer the expansion, it will be 1000
miles to Pittsburgh, 2000 miles to Dallas, and 4000 milesdatte, so the expansion velocities
we will observe will be 500 miles an hour for Pittsburgh, 1008iles an hour for Dallas, and 2000
miles an hour for Seattle. The velocity of expansion is diyggroportional to the distance; this
is a result of expansion that is isotropic and homogeneoose that we would observe the same
thing no matter where we were, because every point is mowiay &rom every other point. The
expansion has no center.

Galaxy redshifts are often described as Doppler shiftsttbatisn’t strictly correct. The redshift
is due not to the galaxy moving through space, but becaudeeoéxpansion of space itself. It
is acosmological redshift not a Doppler shift; the redshift is produced by the expamsif the
universe, as the wavelength of light is stretched along sptice. The motion of galaxies due to the
expansion of the universe is called tHabble flow. Galaxies also havgeculiar velocities which
are their velocities through space, independent of the kutbddw. Also important to note that
gravitationally bound structures (galaxies, clustersadégies) do not participate in the expansion.

XLVIII.2.1 The Hubble constant: review

The Hubble constant is measured using as many differenperkent distance indicators as pos-
sible, and through other tests of cosmological parameteft talk about later. For most of the
20th century, the Hubble constant was only known to be bets@eand 100 kms' Mpc~! (and
there were two distinct camps with very strong opinions alhether it was 50 or 100). For this
reason, it's common to define the dimensionless parameter

1

Hy =100hkm s Mpc . (1112)

This is incorporated into measurements of quantities thatlve the Hubble constant. For exam-
ple, the mass of a typical galaxy groupsisx 1032~ M. We have better measurementsHf
now, so we adoplwyap = 0.717003.

In conventional units, the Hubble constant is inverse time:
Hy=324x10""®h s, (112)

SO
Hy=230x10""®s, (113)
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To estimate how long ago the Big Bang occurred, we assume (eutly) that the recessional
velocities of galaxies is constant. We call the time sin@Big Bangt 4; this is the time required
for a galaxy to travel to a distanckat speed. So

and theHubble time ¢ is

1
ty = - 4.35 x 10" s=1.38 x 10" yr. (115)

So the universe is about 13.8 Gyr old. This is a pretty goadest.
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Lecture XLIX Newtonian Cosmology |

XLIX.2 Newtonian cosmology

Now we will describe the evolution of the universe matheoaly. This will take some time, but
it isn’t too complicated when we consider only gravitatibftaces; the evolution of the universe
is essentially a battle between expansion and gravity.

The universe we consider is homogeneous and isotropic, ceitistant density (the textbook
calls this a universe of pressureless dust, and it's a sinsplecial case). Consider, as we often
do, a spherical shell of radiusand massn. The shell is expanding due to the expansion of the
universe, with velocity.

As the universe expands, the mass inside the dliélt r) is constant—the expansion is uniform,
so mass that starts within the shell will always be withinghell. Sopr® = constant.

Because the mass is uniformly distributed, mass outsidehifledoesn’t matter.

The total energy of the shell as it expands is the sum of itstidrand potential energies:

s sk S (116)

Now let's parameterize the total energy of the shell:
1 2
E=—¢ 3me, (117)

wherese is just a dimensionless number which we’ll rewrite later. So

1

GM 1
Eme? - GM(<r)m

= —¢€ émc2. (118)

r

Next we substitutéd/ (< r) = (47 /3)r3p, cancel the shell mass, and multiply by 2:
, 8w 2 2

vt — ?Gpr = —ec”. (119)

Now let’s return to our dimensionless numleeand rewrite it as
€ = ko (120)
More onw later. k£ contains information about whether the shellgmsvitationally bound or
unbound.
e Bound:k > 0. Total energyF < 0, so shell can recollapse. We call tioissed

e Unbound:k < 0. Total energyE’ > 0, so kinetic energy wins and shell keeps expanding.
We call thisopen
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e k= 0: Critical orflat. Perfect balance between expansion and gravitationastassie.

So, we have <
v? — ?WGpr2 = —k*w?. (121)

Now we write the radius: in terms of a globakcale factor R(¢), which describes the overall
expansion of the universe:
r(t) = R(t)w (122)

R(t) is called the “scale factor” of the universe, asdis called thecomoving coordinate The
comoving coordinate describes the distance between sbjaut it stays constant as the universe
expands; this is a useful way to talk about distances whewlioée universe is expanding.

For instance, at timeé, two galaxies are separated by a distande) = R(¢;)w, and att, they
are separated by a distandgg,) = R(t2)w. Their comoving separation stays the same, but their
physical separationincreases due to the increasing scale fagt@.

Now we rewrite the expansion velocity

v=wV (123)
whereV is the rate at whiclR is changing. Substitute this and= Rw:
w?V? — %WGpR?w? = —kc*w?. (124)
We canceto:
V2 — %Gp}# = —kc? (125)

This is an expression for the evolution of only the scaleda&t— no more references to specific
shells or coordinates!

Now we’'ll do a few more things. Divide out? from the left side:

K%) -S| = ke (126)

We can choose the normalization Bft) in any way we like. For convenience, let’s set the scale
factor today equal to 1R(ty) = 1 (t, = time today—O0 subscript refers to the value of something
at the present time, e.gl, is the value of the Hubble constant (which isn’t constardpaio andog

is the density of the universe today). So

V(to) 2 87T . 2

at the present time.

Now let’s look at the first term. According to the Hubble law,

o(t) = H(t)r(t) = HE)R()w. (128)
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Also,
v(t) = wV(t) (129)
Equating these two expressions fowe find an expression for the Hubble constant at any time
409
H(t) = —*. 130
()= (130)
Soin general,
409
H(t) = —= 131
0= Z (131)
and at the present day
V(to)
= : 132
" Rt (132)
We recognize this as the left term in Equation 17 and sulbstitin:
, 8w 2
Hj — ?Gpo = —kc (133)

In order from left to right, the three terms in this equati@sdibe the kinetic, potential and total
energies.

Now let’s return to that “critical” universe with = 0, where expansion and gravity are perfectly
balanced. We can calculate the density we need to make thpeha This is theritical density
pe. If k=0,

H2 — %”Gpc —0 (134)
and
3H?
.= 135
e (135)

This is abou®.5 x 102" kg m~3. For comparison, our best estimate of the density of bacyoni
matter is4.17 x 10728 kg m~3; this is about 4% of the critical density.

If po < pe, there isn’t enough mass to reverse the expansion and thersaiis open. 1py > p.,
gravity wins and the universe is closed.

We parameterize the density of the universe in terms of amsinaless numbeg:

0, =2 (136)

Cc

e )y = 1: flat universe withk = 0

e ()5 < 1: open universe witlt < 0

1Baryons are particles made of three quarks. Protons ancomstdre the most common. Baryons make up nearly
all of the visible matter in the universe. (Electrons aredes—not composed of quarks.) Most dark matter is probably
non-baryonic.
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e ()5 > 1: closed universe witlk > 0

We can then also rewrite Equation 23 as
H2(Qo — 1) = kc? (137)

at the present day.
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Lecture L Newtonian Cosmology Il

L.2 Evolution of the scale factor

We return to our equation for the evolution of the scale faéi@),

V(1) %”GpR(t)? _ ket (138)
Remember that the mass within the original shell was constant
p(t)r*(t) = constant (139)
Writing this in terms of the scale factor,
p(t)R*(t)w® = constant (140)
where the comoving coordinate is also constant. So
p(t)R*(t) = p(to) R*(to) = po (141)
sinceR(ty) = 1.
Therefore SrC o) R(1)3
vty - B ( })% (t() A— (142)
which can be written
V(t)? - 837;%0 3 (143)

This is a equation foRk(¢) andV/(¢), and we can solve it to get an expression for the evolution of
the size of the universe.

L.2.1 Flat universe

We’'ll start with the case in which the universe is flat, with= 0 and density equal to the critical
density,
3H?
SN 144
Po = Pc,0 3G ( )

R(t) = (2)2/3 (%)2/3 (145)

wherety = 1/H, is the Hubble time.

So, for a critical, flat universe&), = 1), R(t) « t*/3. Note that this expands forever. Also note
that, sinceR(ty) = 1,
2

to = ——.
7 3H,

(146)

This is the age of the universe.
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L.2.2 Closed universe

Things get more complicated if the universe isn'’t flat. Fotased universe witl2y = po/p. >
1 we see that the Universe starts expanding, but then slows @ recollapses! (These are
equations for a cycloid.).

What's the current age of the universe in this model? Mes®yE 1, so

lo = 220 (0 ?01>3/2 [cos_1 [Qio — 1] — \/1 — [Qio — 1] 2] (247)

L.2.3 Open universe

For an open universe with < 0 and{}, < 1, R is monotonically increasing, so the universe
expands forever.

For all of these expressions, you can see that the age of therse depends ofl,. More dense
universes are younger. [for fixdd,; can we explain this qualitatively?]

L.3 Cosmological redshift

The evolution of the scale factor affects more than galaxidge expansion of the universe also
changes the wavelength of light; light stretches as theansé/expands.

Suppose light is emitted with wavelength = )., at some timeé; << t,, when the universe was
smaller than its current size—s#&y = 1/3. At some later time, the universe has doubled in size
to R, = 2/3, changing the wavelength of light along with it, so the wawgjth of the light is also
twice as big )\, = 2)\.,.. We detect the light at timg,, whenR, = 1 = 3R;, and the wavelength
of the light is nowA; = 3\..,. S0, recalling the definition of redshift,

AOS
b =142 =

. Rty (148)

For this example, the redshift= 2.

So the redshift and scale factor are directly related, anehwie talk about the history of the uni-
verse we usually just parameterize it in terms of the retlsfgfwould measure today for photons
which were emitted at some earlier timhe: ¢, when the universe was more compact.

(1+2)= Rity)’ (149)
SO 1
R(t) = Tt (150)

independent of any of the cosmological parameters likeor €2,. So, for example, at a redshift
z = 3, the universe was 1/4 of its current size.
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For a flat universe we derived

;o\ 23
R(t) = (2—) (151)
atu
which can be rearranged to
2 1

So as we found before, today at= 0ty = (2/3)ty, and atz = 3, t = ¢,/8. If y = 1 and we
observe a galaxy at redshift= 3, we are observing a galaxy at 1/8 the current age of the wsaver

L.4 Lookback time

It's also useful to define the “lookback time” to redshiftthe amount of time which has passed
between when a redshifted photon was emitted and when wet dietieday.

tlookback = tO - t(»Z) (153)

In other words, this is just the difference in age betweentiieerse today and the universe at time
t(z). The lookback time depends 6 and H,.
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Lecture LI Newtonian Cosmology IlI

LI.2 The expansion rate of the universe and the flatness problem

The rate at which the universe is expanding is a functionméti-the value of the Hubble “con-
stant” isn’t constant{{ (z) # H, and

V(t) , V(to)
H(z) = ——= 154
We return to our equation for the evolution of the scale facto
9 8T 9 , 8 9
H2(2) = 5 Gp| R¥(t) = | H} — ~-Gpo | B (to). (155)
SinceR(ty) = landR(t) = 1/(1 + 2),
9 8m 5 8T 9
H(z) — ?Gp = |Hj — ngo (1+2)" (156)
From the definition of the critical density
po _ 8mGpo
Qy=—=—- 157
o= = S (157)
8”?”“ = H2Q,, (158)
and because mass is conserved,
p(2)R*(t) = poR’(to) = p(2) = po(1 + 2)°. (159)
The universe was denser at higher redshifts. So
%’)(Z) = HZ(1 + 2)3 (160)
and we have
H(2)? — H3Qo(1 + 2)* = H2[1 — Q](1 + 2)? (161)
and
H(2)? = HJ[Qo(1+2) +1—Qo](1+ 2)? (162)
which simplifies to
H(2)* = HJ(1+ 2)*(1 + Qo2) | (163)

This tells us about the evolution of the expansion rate otithieerse.

It is also useful to calculate the evolution of the densityttg universe. As noted above, the
universe used to be smaller and denser2§e) # €. We can calculat€)(z) starting from the
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same point at which we calculatédl(z). The algebra is left as an exercise for the reader, but the
result is

1—Q

1_Q(Z>:1—|—Qoz

(164)

The general behavior of this is shown in the Figure, for amapaverse with), = 0.3 and a
closed universe witf, = 1.5. In both cased(z) — 1 at high redshift. Flat universes are always
flat, but open and closed universes also used to be very ddis.tThis is a problem which we’ll
talk more about latef) = 1 is unstable: if the universe was even slightly more dense ghahen

at late times it's much denser thap and if it were slightly less dense thap, it should now be
much less dense than. So the current matter density of the univerQg £ 0.3) is very unlikely!

In order to have this density today, the universe would haveave formed with a density within
a very tiny fraction of the critical density—one part 10%% or less. This is called th#latness
problem. This is one of the main motivations for inflation, and onelw teasons why theorists
favored a flat universe even when observations favored am wpgerse.

LI.3 Adding pressure to the model of the universe

So far we have only considered the gravitational effect at@enan our model of the universe. We
will now broaden this a bit. We start with our now familiar fetifential equation for the evolution
of the scale factor (the Friedmann equation)

V\®  8nGp > 9
() ] e -

We will expand the definition op to include relativistic particles like photons and neutsras
well as normal matter. For normal mattgiis just the usual mass density. For relativistic particles,
we make use of the equivalence of mass and energg/the energy density divided ky.

Remember that this equation is essentially a statement afahgervation of energy; it says that
the sum of the gravitational potential energy and the kinetiergy of expansion of the universe
is constant. We will use another expression of conservatfanergy to calculate the effects of
components of the universe that produce pressure. Ourrgeiigenow filled with a fluid of density
p (this is now the equivalent mass density), temperdtyrand pressuré’. Can get:

at) = — 7 (p + E) R() (166)

3 c?

This is theacceleration equation a(t) is the acceleration of(¢). Note that the effect of pres-
sure is to slow down the acceleration; for positive mattersitg and pressure, the acceleration is
negative, so the universe is slowing down.

We’ll write down the Friedmann equation again, so that weehal three important equations

together:
2
K%) — %Gp} R* = —kc? (167)
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These equations have three unknowRsp and P, but they are not independent: we can use any
two to derive the third, as we just did for the accelerationaipn. So to solve foR, p and P we
need another equation: aguation of statethat links the variables. We write the equation of state
as

P = wpc?, (168)

wherew is a constant, so the pressure is proportional to the enengsity of the fluid. For matter
with no pressure, as in our first model of the univetses 0. A fluid of photons or other massless
particles is relativistic, and has the equation of state

1
P = §p02, (169)
sow = 1/3. We will return to this question of pressure and the equaticstate when we discuss

the cosmological constant.
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Lecture LII The Cosmic Microwave Background

LIl.2 Cooling of the universe after the Big Bang

A key point of the Big Bang theory is that the early universe waiy\dense and hot. We expect
that this hot, dense universe would have been in thermodgnequilibrium , and that therefore

the radiation field had a blackbody spectrum. We can competedoling of this radiation as the
universe expands.

The energy density of blackbody radiation is
u = att, (170)

whereq is the radiation constaat= 40 /c. By replacingP in the fluid equation with the equation
of stateP = wpc? we find
R+, = Ry = wy, (171)

sincew = 1/3 for photons and?, = 1. This tells us that the energy density of the universe today
is smaller by a factor of2* than it was at some earlier time with scale fackor A factor of R?
comes from the change in volume of the universe, and an addltfactor of R comes from the
lower energy of the longer wavelength photons we see todaguse of the cosmological redshift.
Therefore

R*aT* = aT} (172)

and the current temperature of the blackbody radiationlédae to the temperature at an earlier
time by

RT =T,. (173)
When the universe was half as large it was twice as hot. Regdhet
1
= 174
h 142 (174)
we can also write
T=>01+2)Tp (175)

for the dependence of the temperature of the radiation cshred

We can make an order of magnitude estimate of the currentaanpe of the blackbody radiation
by considering the conditions needed to produce heliumeretrly universe. The early universe
was hot and dense enough for nuclear reactions to take @Eadehe heaviest element that was
formed in these reactions was He (and a very small amount)ofTlhis fusion requires approxi-
matelyT ~ 10° K and p, ~ 1072 kg m~3, where theh subscript refers to the baryon density. (If
the temperature were higher the deuterium nuclei needetdaoeaction would photodisassociate,
and if the temperature were lower it would be too difficult teacome the Coulomb barrier. The
density is needed to produce the observed amount of He.) Wteegefore estimate the value of
the scale factor at the time of helium formation:

1/3
R~ (@) —35%x107° (176)
Po
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We can then combine this with the temperature requifé®) = 10° K, to determine the current
temperature of the radiation:
To= RT(R) ~3.5K a77)

We will see that this simple calculation gives a very gootheste of the actual temperature of the
radiation. Also note that this was predicted in 1948, welbbeit was discovered.

LI.3 Discovery and measurement of the cosmic microwave baakound radiation

e Discovered in 1963 by Arno Penzias and Robert Wilson, workingell Labs

e Couldn’t get rid of background hiss in their signal... eveteafemoving the pigeons from
the antenna

e Knew that a 3 K blackbody would produce the signal, but diéintiw of any possible source
until they heard about recent work at Princeton (Robert Darke Jim Peebles) calculating
the temperature of relic radiation from the Big Bang

e Penzias and Wilson published the discovery with the titleMAasurement of Excess An-
tenna Temperature at 4080 Megacycles per Second,” a vergshtitle for an extremely
important discovery!

e The spectrum of the CMB was measured by the COBE satellite in,1881 proved to be
a spectacular confirmation of the prediction—a nearly peiidackbody with temperature
2.725K

e The CMB radiation fills the universe and is isotropic. An olsermoving with respect
to the Hubble flow (the general expansion of the universel) sek a Doppler shift in the
CMB. This change in wavelength can be expressed as a changeper@ure using Wien’s
law. The Sun’s peculiar velocity producesli@ole anisotropyin the CMB: the temperature
depends on the peculiar velocity of the Sun in the directiefieMooking. This allows us to
determine the peculiar velocity of the Sun with respect &Hlubble flow—it's370.6 + 0.4
km s !. We can decompose this into motions of the Sun around thex@ake Milky Way
within the Local Group, and the Local Group with respect ® Hubble flow.

e Once we remove the dipole, the CMB is incredibly isotropic.wdwer, it does have small
variations in temperature: on scales 6fdl less, the temperature departs from the average
value by about one part in0°>. These anisotropies produce the famous map of the CMB
you've probably seen (from the WMAP satellite), and measer@siof these anisotropies
are the primary source of our precise measurements of cogial parameters. More on
that later.

LIl.4 A two-component model of the universe

A complete model of the universe needs to include the effafdise CMB as well as matter. The
CMB has a negligible effect on the dynamics of the universe, fmwat very early times it was
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dominant. Lots of detail in the book—just a few importantrgeihere. Note: we will only talk
about photons, but this applies to neutrinos and otherivistt particles as well.

We already saw that
R3O+ = Ry = wy, (178)
sincew = 1/3 for photons and?, = 1. Converting the energy density into the equivalent mass
densityp,q = u/c?, we see that
R4prel = Prel,0- (179)

Compare this with the evolution of matter density with theeadactor,
R’ pr = pm. (180)

As the scale factor becomes smallgg, increases more rapidly than,, which means that al-
though matter dominates now, there must have been a time i@aty universe a® — 0 when
radiation (all relativistic particles) was dominant. Wendand out when this was by seeing when

Prel = Pm-

This is done in the book; the result is that the universe rad&tion dominated until a redshift
of z = 3270, at which time the temperature was= 8920 K. After this, the universe wasatter
dominated.

We can also look at how the universe expands during the radiata. Including the contributions
of both matter and relativistic particles,

[(%) T %(pm + prel)} R* = —k¢? (181)

Writing p,,, andp, in terms of their values today, we find

2
8rG Pm,0 Prel,0 2
_ : LU 182
KV) 3(R+R2>} e (182)

We can set = 0 because the early universe was extremely close to flat. Wihearshow that the
time of matter and radiation equality was, = 5.5 x 10* yrs, and that whe® < R,.,,,, R oc t'/2.
This should be compared with the matter-dominated era, when R, ,,,; in this caseR « t2/3,

as we already showed for a flat universe containing only mafie the universe expanded more
slowly in the radiation era.

LI.5 The origin of the CMB

What are we actually seeing when we look at the CMB radiation?

After the Big Bang, the universe was hot and dense, and fillddfwae electrons, free protons, and
photons. The photons scattered off the free electrons,@uid only travel short distances between
scatterings. The frequent scatterings kept the electredgphotons in thermal equilibrium (they

had the same temperature). As the universe expanded, thieoakebecame farther apart and the
photons could travel longer between scatterings. Thisga®of the expansion diluting the density
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of a particle until it no longer interacts with other pargis) is callediecoupling and it occurred for
other particles such as neutrinos—early in the history @ihiverse, neutrinos stopped interacting
with other particles because the distances between theamsetoo great.

In the case of photons, something else happened: the umilserame cool enough for the free
electrons and free protons to combine into neutral atom#iesphotons no longer had electrons
to interact with, and matter and radiation began to evolvkependently. This completed the
decoupling of radiation and matter. The formation of ndwttams is calledecombination, even
though that doesn’t actually make sense since the electmothrotons were never combined to
begin with. Decoupling is a better word.

Once there were no free electrons, the opacity of the ureweess much lower, and the photons
could stream freely without scattering. The CMB photons we\sere last scattered during re-
combination.

For this reason we define tisairface of last scattering This is a spherical “surface,” centered
on the Earth, from which all the CMB photons come. Because tieerge was opaque before

recombination, this is the farthest redshift we can pogsbkerve. The surface of last scattering
actually has a thicknessz, because recombination didn’t happen all at once.

The redshift at which recombination occurred, and the teatpee of the universe at that time, can
be calculated, and measured from the WMAP CMB observations.r&sult is

Zaee = 1089 £ 1 (183)

and
Taee = To(1 4 2gee) = 2970 K. (184)

This corresponds to an agef. = 379, 000 years.
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Lecture LIl Relativistic Cosmology

We've been talking about different scenarios for the evofubf the universe: open, flat or closed,
depending on the density of mass and energy. This is verglgloslated to the geometry of the

universe, which is described by general relativity. To usténd the curvature of the universe, we
need to consider some of the principles of non-Euclideamgéy.

LIll.2 Euclidean, Elliptic and Hyperbolic Geometries

In about 300 BC, Euclid worked out 5 postulates from which ail thles of geometry could be
derived—these rules lay out the basic behaviors of stréilggs, right angles, etc.

5th postulate: Given a line and a point not on the line, therexiactly one parallel line which
passes through the point.

In thel8th century, mathematicians realized it was posdiiimake fully consistent definitions
of geometry using Euclid’s first 4 postulates, but modifythg 5th. These correspondcarved
spaces

These examples are curved 2-dimensional surfaces embed8edl spaces—it’s not too hard to
understand the geometry of something when you can leaveptee g0 look at it. But we can’t
do that with the universe—we can’t pop off into a 4th spatiaiehsion to look at the curvature.
Instead we have to try to understand it using measuremetitslgnvithin the space itself. These
are called “inner properties.”

The inner properties of a curved space are closely relatbdwodistances are measured within
that space.

e On aflat Euclidean plane, a circle has circumferefice 2xr.

e On a sphere of radiuB, the radius of the circle = R#, but the circumference is

C = 2n(Rsinb) (185)
sin 6

= 2mr ( 7 ) (186)

< 2mr (187)

So, an observer on the surface of a sphere could measuredihe amd circumference of a
circle, and deduce that they were living in a positively @dworld.

e Similarly, in a negatively curved spac€,> 2xr.

In our Newtonian derivation of the Friedman equatibreferred to the total energy of the universe,
but when this equation is derived from general relativitis the curvature constant defined above.
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Lecture LIV The Cosmological Constant

Consider again the now familiar equation

V\® 8r 9 9
KE) —?Gp}R 3 (188)

We derived this equation from Newtonian physics, by corgidethe kinetic and potential energy
of the universe, but this equation is also a solution to Ein& field equations for an isotropic,
homogeneous universe. In 1922 the Russian mathematici&sakidr Friedmann solved the field
equations and obtained this equation for a non-static usevé\Ve've been calling it the Friedmann
equation all along, but strictly speaking this refers toghaation as derived from general relativity.
As we've seen, the constahtefers to the curvature of the universe.

LIV.2 The cosmological constant

Einstein developed his field equations before Hubble’sadisry of the expanding universe, and
he believed that the universe was static. In their origiaatt, his field equations couldn’t produce
a static universe, so Einstein added an additional termr{atant of integration) in order to make
the universe statidy’ = 0. This term is the cosmological constaktand with this addition the
general solution to Einstein’s field equations is

V\? 8r 1

— ) —Z=Gp— AP R? = — k2. 189
[(R) 3 Gp e R c (189)

In our original Newtonian derivation, this would resultifincadding an additional potential energy
term

1 2

Uy = —éAmczr (190)

to our equation for the energy balance of the universe. Thdtref this new potential is a force
1 2
Fy = g/\mc r (191)

which is radially outward for\ > 0: a repulsive force on the mass shell countering gravityctvhi
allowed Einstein to balance the universe in an (unstablgi)ibgum.

LIV.3 Effects of the cosmological constant

After Hubble’s discovery of the expanding universe, Eimstalled the inclusion of this term the
“biggest blunder” of his life. However, recent results haweicated that the universe is actually
dominated by some sort of energy which behaves like the clogiical constant. We call thidark
energy, and we’ll now look at its effect on the dynamics of the unseer
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We write the Friedmann equation in a form that makes it clbat tve’re now dealing with a
three-component universe of mass, relativistic partiales dark energy:

Vv

2
8T 1, 5 2,2
KR) 3G(pm+pre1) 3AC}R = —kc?. (192)

The Friedmann equation and the fluid equation can be comiineduce the acceleration equa-
tion:

a = [ — ? {Pm + Prel + —S(Pm; Prel)} + %Ac2 R (193)
We now define the equivalent mass density of dark energy
02
pA = el constant= p, o (194)
so that the Friedmann equation becomes
K%)Q - %WG(pm + prel + pa) | R? = —kc?. (195)

Note that because, remains constant as the universe expands, more and moreruzndy must
appear to fill the larger volume.

We can calculate the pressure due to dark energy from thedtjudtion
PA = —pA62 (196)

which is the equation of state for dark energy. In the geregahtion of staté® = wpc?, w = —1
for dark energy. The pressure due to the cosmological constaegative while the equivalent
mass density is positive. We can now substitute expressmns, and P, into the acceleration
equation (Eq 7):

R (197)

3(Pm+Prel+PA):|
2

3

C

47 G
a=|——|pm +t Pra +pr+

The Friedmann equation can also be written in terms of thebldubonstant and the density pa-
rameter(? (we showed this for the single component universe a whilé&as

H[1 = (D + Quat + Q)| R = —kc? (198)
where
pm _ 8TGpy,
0, = o= 3H§ (199)
R (200
Ac?
0, = Z_A = o (201)
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We define theotal density parameter
Q=Q, + Qe + Q4. (202)

Note that(2 without a subscript refers to the total density parametegafioof the components of
the model under consideration. The Friedmann equatiorers th

H*(1 - Q)R* = —kc*. (203)
A flat universe withk = 0 requires(t) = 1.

The WMAP measurements of the cosmic microwave backgrouredugwalues for the three com-
ponents of the universe today:

Qno = 02740.04 (204)
Qo = 824 x107° (205)
Qpo = 0.7340.04 (206)

Within our ability to measure it, the universe is flat and eatly dominated by dark energy.

We can also define thdeceleration parameterq(t):

q(t) —% (207)

The name and the minus sign, which gives a positive value tlacalerating universe, reflect the
once-common belief that the universe had to be deceleralimg deceleration parameter can also
be written in terms of the density parameters for the diffecmponents of the universe:

(1) = 320 (1) + Qalt) — (1), (208)

With current values,
qo = —0.60, (209)

telling us (because of the minus sign) that the universen®ntly accelerating.

LIV.4 The A era

We've already discussed the dependence of the density iati@dand matter on the scale factor:
pm o< R73 andp,q o« R~*. Because the radiation density decreases more quickly amiherse
expands, the universe was dominated by radiation at eargstbut then became matter-dominated
at a redshift ofz, ,,, = 3270. We now have another component to consiggr,which isconstant
This means that at some point, as the matter density desrags$ige universe expands, the universe
will become dominated by the cosmological constant. Asritgwout, this has already happened.
The scale factor at the equality of matter and dark energy is

Q 1/3
Roa = ( m’°> =0.72, (210)
Qa0
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which corresponds to a redshift, , = 0.39.

We can also use the acceleration equation to find when théeaatten of the universe changed
from negative to positive. This is one of the problems onwegk’s problem set, and the result is

Q,  \ 3
Riceat = | 2 — 0.57, 211
1 (m,o) (211)

corresponding to a redshift..., = 0.76. So the universe began to acceleta¢dorethe equality
of matter and dark energy; this is because dark energy hasuyeeas well as equivalent mass
density which affects the dynamics of the universe, and fietativistic) matter does not. Note
also that unlike all of the other cosmological times we'vé&akated, these are relatively recent.
We routinely observe objects at these redshifts, and cathese to understand the dynamics of
the universe. More on that when we discuss observationataiog)y.

LIV.5 What is dark energy?

We don’t really know, but the leading candidateacuum energy In classical physics there is no
such thing, but quantum physics allows for energy in a vaculime Heisenberg uncertainty prin-
ciple allows particle-antiparticle pairs to spontanegpuagipear and then annihilate in an otherwise
empty vacuum. The total energy and lifetime of these padiohust satisfy the relation

AEAL > h. (212)

There is an energy density associated with these partitipaaticle pairs, and this energy density
is a quantum phenomenon that doesn’t care at all about tlaeiqn of the universe or the passage
of time. However, calculating the actual value of this egalgnsity is an exercise in quantum field
theory that hasn't yet been completed. One suggestion igtikanatural value for the vacuum
energy density is the Planck energy density,

E
Unne = l—f. (213)
P

However, the Planck energy is large (by particle physicsdateds;Fp = +/hic® /G = 1.96 x 10°

J) while the Planck length is very smalp(= 1.6 x 1072° m), and the resulting energy density is
124 orders of magnitude larger than the current criticabdgmof the universe (!). So the question
of what dark energy is and why it has the value it does is verghmtill open.
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Lecture LV Observational Cosmology: Cosmological
Parameters

Values of the various cosmological parameters (the depaitgmeters for different components of
the universe, the Hubble constant, etc) are measured in diiegent ways. We will discuss the

two that are currently most important: measurement of ticelacation of the universe from Type
la supernovae, and measurement of anisotropies in the CMB.

Based on measuring something distance that is far away. Weurgehow far it actually is (based
on other information), and then adjust the cosmologicahpeaters until the distance matches the
distance at that redshift.

LV.2 Type la supernovae

Type la supernovae are useful because they are standarsamdl they’re extremely bright.
Their intrinsic luminosity can be estimated from their liglhurves, which allows us to determine
their distance. Because they're so bright, we can see therirengely large distances,> 1. To
see how this is useful in constraining cosmological paramsetve can look at how the luminosity
distance changes for different cosmologies.

Note that forz < 1.5, where our current measurements are made, the luminostsnde is
largest for the flatA-dominated universe, and smaller for both of the mattey-ombdels. This
larger luminosity distance means that the supernovae ppkar fainter than they would in matter-
only cosmologies, and that is indeed what is observed. Netethat the differences are small,
particularly between the flaty, model and the open, matter-only model. Very precise phatiacne
measurements are required!

e The dashed line on the main plot shows the best fit cosmologiodel, which hag?,, =
0.29 and2, = 0.71. The inset shows the differences between the binned datscaimdis
models (after an empty universe model with= 0 has been subtracted).

e Gray dust. We won't discuss all of the models shown on the inset plotpbgtthat is impor-
tant to note is the high-z gray dust model. An importantahitioncern with the supernova
data, when the SNe were found to be fainter than expectedithaashere might be some
sort of “gray” dust in the way, absorbing the light equallyaditwavelengths and making
the SNe fainter. Normal dust affects blue light more thanligick, so we can see that it
changes the color of objects; gray dust would be very diffituldetect because it would
make objects fainter without changing their color. We dactually know of any gray dust,
but it didn’t seem to be any less plausible than the cosmoégionstant when the fainter-
than-expected supernovae were initially discovered. kewef gray dust were making the
SNe fainter, they would continue to be fainter than expeatethey got farther and farther
away, and that's not what happened as more distant SNe wareveéred. As can be seen
from the solid black (best-fit) line in the inset panel, th@exnovae do indeed get fainter
than expected with redshift, but then they turn over and gttting brighter again, at about
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the redshift when the universe changed from being matterikted to being\-dominated.
This trend rules out the gray dust. In other wortte supernovae strongly favor a model
with recent acceleration and previous deceleration.

e Evolution. Another early counter-argument to the accelerating us&/gvas that the Type
la supernovae might not actually be standard candles: thayet be something different
about high redshift supernovae which makes them intriligi¢ainter—lower metallicity,
for example. However, like the gray dust case, if the intdrsightness of the SNe were
evolving with redshift we would expect them to continuallgt dainter with distance, and
they don’t. The turnover in observed brightness also makel svolutionary effects very
unlikely. This is the “evolution~ z” model on the plot.

e There were a lot of doubts about the SNe results when theysfaged coming out over 10
years ago, but subsequent data has made the acceleratregsennodel much more robust.

LV.3 Temperature fluctuations in the CMB

The other very important method of determining cosmoldgi@aameters is through measure-
ments of the temperature fluctuations in the CMB. As we've swse are very small, with

—~ 107 (214)

These small variations tell us that the universe wasn’tguéisf homogeneous at the time of last
scattering £ ~ 1100), and the angular size of the fluctuations is related to tlysiphl size of the
density and velocity fluctuations at this time. We study #h#sctuations by plotting the strengths
of the fluctuations as a function of angular scale; this ikedahe angular power spectrum.

The power spectrum is somewhat analogous to the waveforrmuaisical instrument displayed
on an oscilloscope; the largest peak is the fundamentaliémcy, and the smaller peaks are har-
monics. In the case of the CMB, the peaks are dusctaustic oscillationgstanding sound waves)
in the photon-baryon fluid of the universe at the time of rebwration. The location of the first
peak corresponds to the angular diameter of the largestréigat could have supported a standing
wave at the time of decoupling; roughly the size of the ursigeat that time. The peak appears at
an angular scale of 1°, corresponding to a physical size €f0.2 Mpc. This is approximately
the Hubble distanceif; = ¢/ H(z)) at the time.

The location of this peak is related to the curvature of thearse, through the relationship be-
tween curvature and angular size. In a positively curvedarae the angular size of an object
of known proper size is larger than it is in a negatively cdrumiverse. This means that if the
universe were negatively curved, the first peak would be aean angle< 1°, while it would be

at an angle> 1° if it were positively curved. The observed position of thelpéeells us that the
universe is very close to flat. The second and third peakadelbout the densities of baryonic and
dark matter; the fact that the third peak is about as strortgeasecond tells us that most of the
matter in the universe is dark.
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We often plot constraints on cosmological parameters froferdnt methods on a plot a¢#,,, vs.
Q4. This plot summarizes our model of the universe, which isrottalled the Concordance Model
or Consensus Model.
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